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Erweiterte deutsche Zusammenfassung
Kreykenbohm, Ingo

Hochenergie Spektren akkretierender Neutronensterne

Akkretierende Neutronensterne waren schon seit ihrerdekithg ratselhafte
Objekte. Obwohl schon die Tatsache an sich, dafl3 ein Stegenzsitemal der Gro-
Be einer kleinen Stadt (Radisd 0 km) und einer Masse von mindestens 14 M
in héchsten Mal3e erstaunlich ist, wurden im Laufe der Zethneeitere bemer-
kenswerte Tatsachen tber sie bekannt.

Wenn ein Neutronenstern mit einem normalen Stern ein Dsfgralsystem
bildet, kann er Material von seinem Begleiter akkretiergrl{e Abschnitt 2.3).
Da das Gravitationspotential des Neutronensterns sdhistjevird das Materi-
al beim Fall auf den Neutronenstern stark beschleunigt.kidietische Energie
wird beim Aufprall auf die Oberflache des Neutronensternsarm von Ront-
genstrahlung freigesetzt. Daher werden solche Systemig&datoppelsterne ge-
nannt. Wie es Uberhaupt zur Entstehung von Neutronenstemtinsbesondere
natirlich Réntgendoppelsternen kommt, ist daher Them&epigels 2.

Die Entdeckung von Pulsationen bewies, daf? die Neutroeeressehr schnell
rotieren: der am schnellsten rotierende Pulsar PSR42BMhat eine Periode von
1.5ms (Ashworth et al. 1983) — nur wenig oberhalb der Stélsijrenze, bevor
der Neutronstern durch die Zentrifugalkraft férmlich zesen wird. Die Pulsatio-
nen zeigten aber auch, dal die Strahlung nicht gleichméafidea ganzen Ober-
flache entsteht, sondern in ein oder zwei “hot spots”. Digkerihtnis wiederum
deutete auf eine weitere bemerkenswerte Eigenschaft vatrdveensternen hin:
Neutronensterne haben Magnetfelder mit einer Starkewid#’ G.

Das Magnetfeld ist stark genug, um den Akkretionsstromwgarzchen. Das
Material koppelt an die Magnetfeldlinien und wird entlangsir zu den magne-
tischen Polen geleitet. Dort entstehen dann zwei hot spots.

Obwohl die ungefahre Starke der Magnetfelder aufgrundrétsaher Uber-
legungen schon langer auf ungefaht4@ geschétzt wurde, so fehlte doch bis
Mitte der 70er Jahre noch ein direkter Beweis. 1976 gelatigiper et al. (1978)
die Beobachtung einer Zyklotronresonanzlinie (engl. 6ioh resonant scatte-
ring feature, kurz CRSF) im Spektrum von Herkules X-1. Zylidaresonanz-
linien entstehen durch die Quantisierung der Bewegunggi&nder Elektronen
in starken Magnetfeldern; d.h. die Energie der Elektronannkkeine beliebi-
gen Werte mehr annehmen, sondern nur noch vielfache deoZghkknergie: sie
kénnen sich nur noch auf so genannte Landau Niveaus auih&lte Photonen



mit Ec = hv fast instantan von einem Elektron absorbiert werden, habepi-
ne extrem kleine freie Weglange und kdnnen das Plasma imdbotsgsgebiet
der Rontgenstrahlung quasi nicht verlassen. Sie konneRldama also nur ver-
lassen, wenn sich ihre Energie aufgrund von zahllosen @toeessen zu leicht
hdheren oder niedrigeren Werten verschiebt. Daher bildktisn Spektrum bei
der Zyklotronenergie eine Art Absorptionslinie aus. Anti@mer solchen Zyklo-
tronresonanzlinie laft sich mittels der 12—B-12 Regelkdiegif die Starke des
zugrunde liegenden Magnetfeldes schliel3en:

Ec=116x keV.

B
102G
Wenn nun eine Zyklotronresonanzlinie im Spektrum einestid@ensterns be-
obachtet wird, kann man von der Energie der Linie unter Besigbtigung der
Gravitationsrotverschiebung von ca. 25% direkt auf die Mafgldstarke schlie-
Ren. Natirlich kénnen die Elektronen nicht nur den Grun@amusund den ersten
angeregten Zustand, sondern auch héhere Zustande be&zdhen treten in den
Spektren der Neutronensterne u.U. nicht nur eine, sondehmere Absorptions-
linien (nx Ec) auf (sog. harmonische Linien).

Zum Zeitpunkt der Erstellung dieser Arbeit sind 16 Quellekdnnt, die zu-
mindest eine Zyklotronabsorptionslinie zeigen (sieheclialB.1).

In dieser Arbeit werden qualitativ hochwertige Daten vomd¢ASA Satelliten
Rossi X-ray Timing Explorer (Beschreibung siehe Kapitel/d)wendet. Dieser
Satellit zeichnet sich durch seine grol3e spektrale Baitghred hohe Zeitaufl6-
sung aus. Diese Eigenschaften machen ihn somit zu einefeidieatrument fur
die Beobachtung von akkretierenden Rontgenpulsaren.dbke Baten von Vela
X-1 (siehe Kapitel 5) und GX 3042 (siehe Kapitel 6) ausgewertet; in beiden Fal-
len handelt es sich um Neutronensterne, die Materie von gméwickelten super-
massiven blauen Begleitern akkretieren. Die ErgebnisssediAnalysen wurden
bzw. werden in der Zeitschrift Astronmy & Astrophysics piakdrt (Kreykenb-
ohm et al. 2002a, 2004).

Im Falle von Vela X-1 widmete ich mich der Frage, ob neben dzeits be-
kannten Zyklotronabsorptionslinie noch eine zweite Liexéstiert. Wahrend ei-
ne Linie bei~50keV bereits von vielen Instrumenten beobachtet wordem wa
SO war zwar eine zweite Linie bei der Hélfte der Energie, ddi~24 keV, von
Kretschmar et al. (1996) und anderen beobachtet worderz.Bo®rlandini et al.
(1997) und anderen jedoch nicht. Mithilfe von Pulsphasektpskopie (dabei
gewinnt man Spektren von einzelnen Pulsphasenabschuiiteman separat ana-
lysiert, um so Aussagen Uber die Entwicklung der spektrBEmmeter im Ver-
lauf des Pulses machen zu kénnen) gelang es mir, die Liniaiges Phasenbrei-
chen nachzuweisen, wahrend sie in anderen entweder nidianaen oder nicht



signifikant war. Aufgrund der resultierenden Parameter insdesondere deren
Variation im Verlauf des Pulses ist verstandlich, warum ldi@e nicht immer
beobachtet werden kann.

Im Falle von GX30%2 war nur eine Linie beir37 keV (Mihara 1995) be-
kannt und ich konnte auch keine weitere Linie im Spektreaerken. Mithilfe
der Pulsphasenspektroskopie entdeckte ich jedoch, dadfiediets bekannte Li-
nie im Verlauf des Pulses sehr stark variiert. Die Variagiomler spektralen Pa-
rameter waren weiterhin nicht zufallig, sondern stark m#ader korreliert: in
den Phasenbereichen, in denen die Zyklotronresonanalimigiefsten ist, ist ihre
Partialbreite (d.h. Breite geteilt durch Energie) ebdafain grofiten. Diese Kor-
relation ist deshalb besonders interessant, da Coburn @082) ebenfalls eine
solche Korrelation fand, als er allerdings phasengertétt&pektren von mehreren
akkretierenden Réntgenpulsaren untersuchte.

Obwohl die Interpretation dieser Korrelation sehr protaéisth ist, kann man
doch definitiv sagen, daf’ die Beobachtung einer solcherekion bei phasen-
aufgelosten Spektren den einfacheren Theorien Uber aéddartie Neutronen-
sterne widerspricht und daher bisher noch unbekannte beht lperticksichtigte
physikalische Prozesse stattfinden mussen.

Das letzte Kapitel widmet sich den zukinftigen Arbeitenistsgeplant die
hier vorgestellte Arbeit fortzusetzen und weitere Ronmegsare mit Hilfe der
Pulsphasenspektroskopie anhand von Archivdaten zu ucteza. Damit wird es
mdoglich die besagte Korrelation auf eine statistisch breiBasis zu stellen und
detaillierter zu untersuchen. Weiterhin werden Daten ddslBen/INTEGRAL,
der eine bis dato unerreichte spektrale Bandbreite undgigrearflésung bietet,
ebenfalls herangezogen werdéNTEGRAL Daten werden es ermdglichen, die
Variation der Zyklotronresonanzlinien weitaus detaitke als bisher zu untersu-
chen.



Abstract
Kreykenbohm, Ingo

High energy spectra of accreting neutron stars

Accreting neutron stars have been enigmatic objects fravéy beginning.
While the very concept of an object as small as a little tovadi{rs ~10 km)
having a mass of at least 1.4Ms already awesome in itself, more and more
mysteries were revealed with time.

If such a neutron star is forming a binary system with a steltanpanion, it
can accrete material from its companion (see Section 2:33.tDthe depth of the
gravitational well of the neutron star, the material ganestendous speed during
the accretion process. The kinetic energy is released viteematerial is stopped
on (or close to) the surface of the neutron star in form of hardys; therefore
these systems are called X-ray binaries. The formationatiror stars and binary
system is therefore discussed in Chapter 2.

The discovery of pulsations proved that the neutron stare wginning with
high frequencies: the fastest rotating neutron star knawadaysis PSR 19321
(Ashworth et al. 1983) with a spin period of 1.5 ms, very cltusthe break-up fre-
guency. The pulsations also showed that the emission isrigphating from the
whole surface of the neutron star, but from one or two hotsp®his again re-
vealed another striking feature of neutron stars: magfietats with a strengtiB
of the order 0~10'2G.

These magnetic fields disrupt the accretion flow and funreehtaterial along
the magnetic field lines to the magnetic poles giving risevim ot spots.

Although the strength of the magnetic fields of neutron stas estimated to
be of the order of 1% G from the very beginning, a direct observational proof
was still missing. In 1976, Trimper et al. (1978) observegaatron resonant
scattering feature (CRSF) in the spectrum of Hercules XHSEs are due to the
quantization of the kinetic energy of electronsBfields of the order of 1 G.
This means that the energy of the electrons can only haveetiisealues: multi-
ples of the cyclotron energy, so called Landau levels. Sategons withEc = hy
are (almost) instantly absorbed by an electron, they haveryasmall mean free
path, and cannot escape the X-ray formation region. Theopisatan only leave
the plasma if their energy has changed to slightly higheowel energies due to
numerous scattering processes giving rise to an absoipttike feature in the
spectrum at the cyclotron energy — a CRSF. CRSFs allow atdisticnate of the



magnetic field strength via the 1B-12 rule:

B

Ec=116x 102G keV.
If a CRSF is observed in the spectrum of a neutron star, teegthn of the mag-
netic field can be directly assessed from the energy of theFCf@8er taking
gravitational redshift into account which amounts-26%). As in quantum the-
ory, the electrons can not only occupy the fundamental asticited level, but
also higher levelsrn(x Ec), giving rise to multiple absorption features (harmonic
lines) in neutron star spectra.

At time of the writing of this thesis, 16 sources are knownahtexhibit at least
one CRSF in their spectrum (see Table 3.1).

In this thesis | used high quality data from NASA's Rossi X-fEming Ex-
plorer (see Chapter 4) whose spectral broad band and tinsipghdlities make
it an ideal instrument to study accreting pulsars. | analydata of Vela X-1
(Chapter 5) and GX 3042 (Chapter 6), both consisting of a neutron star and an
evolved blue supergiant companion. Both chapters are asg@diblications in
Astronomy & Astrophysics (Kreykenbohm et al. 2002a, 2004).

In the case of Vela X-1, | addressed the question of the exdstef a second
CRSF in the spectrum. While one line-80 keV has been observed by many in-
struments, a second line-s24 keV had been reported by Kretschmar et al. (1996),
while other observers (Orlandini et al. 1997) could not dethis line. Using
pulse phase resolved spectroscopy (in pulse phase respeetfoscopy, sepa-
rate spectra are derived and analyzed for individual sestaf the pulse phase,
thus deriving the evolution of the spectral parameters thepulse), | was able
to detect the line in some phase bins, while the line was wasakgignificant) in
other bins. The observed spectral parameters togethethdtihariability of the
line also explain why it is not always possible to detect the.|

In the case of GX 3042, the CRSF at-37keV (Mihara 1995) was already
well known and no secondary line could be detected. Usingghasolved spec-
troscopy I, however, discovered that the CRSF is strongliakée over the pulse.
The variations were not random but turned out to be strongiyetated. When
the CRSF is deepest, its fractional width (sigma over efdsggiso largest. This
is especially interesting as Coburn et al. (2002) found dlairorrelation when
analyzing a set of phase averaged spectra from a set of iagcretay pulsars.

The interpretation of this correlation, although quitéidult, allows to con-
clude that it is in contradiction with simple theory of ading neutron stars and
that additional physical processes must be occurring.

The last chapter 7 is dedicated to future works: using phaselved spec-
troscopy of archivaRXTE data of many more sources will allow to study the



previously discussed correlation in more detail. Furtreendata ofNTEGRAL

with its broad band spectral coverage and unprecedentedyeresolution, will
be used to study the variation of CRSFs over the pulse in pusly unknown
detail.
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CHAPTER 1

Introduction

1.1 A brief history of X-ray astronomy

When Giacconi tried to observe X-rays from the moon duringatsocket flight
in 1962 June 18 using a simple X-ray detector, he opened aletghpnew field
of astronomy. Instead of X-rays from the moon, he discovireays from some-
where in the vicinity of the Scorpius constellation (Giacioet al. 1962) and there-
fore called this new X-ray source Scorpius X-1 (Sco X-1).c8ithe X-ray detec-
tors available in the 1960s did not have a good spatial résaluoptical follow
up observations were required to determine the exact wtati the source. It
took several years until Sandage et al. (1966) could finadkgmnine the posi-
tion of Sco X-1. The nature of the process capable of produximays in the
observed quantity were also a mystery for quite some tires #fe discovery of
Sco X-1. Morton (1964) was the first to suggest neutron staespgossible X-rays
source, which had been a purely theoretical construct theit. The same year,
Zel'dovich (1964) and Salpeter (1964) were the first to ssgteat accretion of
material onto a massive object (not necessarily a compgetlzould be an im-
portant astrophysical energy source. In the following getire picture of X-rays
being produced by accretion of material onto a compact ¢tbgcame generally
accepted.

As the Earth’s atmosphere is opaque for hard UV- and X-raysyXsources
cannot be observed from the ground. In the beginning, reckete used to carry
detectors to high altitudes such that X-rays could be oleserifrhe major draw
back is that these rocket flights only last for a few minuteshsthat detailed
studies of X-ray sources were not possible. Only a few ydtesthe discovery of
Sco X-1, the first X-ray satellitel{qHURU, Swabhili for freedom) was launched in
1970. This satellite discovered and observed over 400 Xsoayces, which were
catalogued in the fourth Uhuru-catalogs (Forman et al. 1.9¥Be nomenclature
of these catalogs is still used today: a source name like 404377 denotes

15



16 Chapter 1: Introduction

fourth Uhuru catalog, followed by the position of the souirt&ight Ascension
and Declination.

The next major step was tli&nsteinobservatory which provided X-ray imag-
ing capabilities for the first time. This allowed to study extled sources like
supernova remnants and also led among others to the digcolvére “double
pulsar”, two normal pulsars with a spatial separation df dsarc minutes (Lamb
et al. 1980).

About ten years later in 199GROSAT was launched . ROSAT provided not
only excellent imaging qualities, but also allowed to ceehigh quality spectra
over the energy range 0.1-2 keV. Apart from pointed obsematROSAT also
performed an all sky survey resulting in the discovery~d20000 previously
unknown sources (Aschenbach et al. 1998).

In the mid 1990s, the Rossi X-ray Timing Exploré&XTE, see Chapter 4) and
BeppoSAX(Boella et al. 1997) were launched. Both satellitéeed previously
unknown broad band spectral coverage frefinkeV up to over 100 keV. While
RXTE has supreme timing capabilities (see ChapteB&ppoSAXhad excel-
lent spectral resolution. These features allow the studspettral and temporal
behavior of X-ray sources in unprecedented detail.

The end of the millennium was characterized by two new magstriments:
NASAs Chandra(formerly AXAF; Canizares 1990) and ESAXMM-Newton
(Mason et al. 1995). While both instruments have imagin@bdjpies, the spatial
resolution of Chandrais unsurpassed in the X-raysXMM-Newton, however,
covers the impressive energy range fre200eV up to~12 keV with excellent
energy resolution and a large collecting area.

In October 2002, ESA launched the most recent major Xaraaty observatory:
INTEGRAL (Winkler et al. 2003)INTEGRAL offers unprecedented broad band
coverage from-2 keV up to 10 MeV with supreme energy resolution also at high
energies (better than 3keV at 1.7 MeV for SPI; Vedrenne &Cil3).

1.2 Thesis outline

This thesis is dedicated to the spectral analysis of twoegiogr X-ray pulsars
(XRPs): Vela X-1 and GX 3042. The formation process of X-ray binaries in
general will be discussed to some extent in Chapter 2. Afteowerview of
the stellar evolution (with special emphasis on binary etioh), accretion as a
source of energy is discussed. This discussion also insladtescription of the
three main types of mass transfer between the stellar campand the compact
object. Chapter 3 then extends the discussion to magnéts fishich have been
neglected so far in this thesis. After a short introducti@o the origin and evolu-
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tion of the magnetic field in compact objects, the influencthefmagnetic field
on the accretion process is discussed, including accrggametry and X-ray
pulsars.

The last part of Chapter 3 is dedicated to a spediakeéobservable in a highly
magnetized plasm#(~ 10'2G): the formation of so called cyclotron lines. In this
part, an introduction into the theory of cyclotron lines igem, followed by the
results of Monte Carlo simulations and observations. Theysof these cyclotron
lines is the main objective of this thesis.

As outlined before, a prime instrument for time resolvedcsmscopy is the
RXTE, which will be introduced in greater detail in Chapter RXTE is espe-
cially well suited for the analysis of accreting XRPs asfiiecss good spectral
resolution together with high time resolution which is reqd to study cyclotron
lines.

In Chapter 5, results from a detailed analysis of phaseveddpectra of the
XRP Vela X-1 derived fromRXTE data are presented. This source was known
to show one cyclotron line, while the existence of a secameldemained unclear.
The presented analysis shows that there is indeed a linteki#tere present in the
data, thus allowing the confirmation of the second line.

Chapter 6 is dedicated to the analysis of the XRP GX-301A cyclotron line
in the spectrum of GX 3042 had been reported before, but using phase resolved
spectroscopy, | discovered a strong variability of the trrer the pulse.

This thesis is concluded by an outlook in Chapter 7, givingrview of what
should or can be done in the following years.
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CHAPTER 2

X-ray Binaries

X-ray binaries are stellar binary systems consisting of @amal”, e.g., main
sequence star, and a compact object. The compact objecitbanige a white
dwarf (WD), a neutron star (NS), or a black hole (or, more j@edg, black hole
candidate, BHC).

Under certain circumstances, which will be discussed inemd®tail in Sec-
tion 2.3, during some phases of the evolution of the binasyesy, material can
be transfered from the normal star to the compact object. Kirietic energy of
the material is released as X-rays.

The main focus of this chapter is the formation of these Xb@mary systems
and the accretion process onto the compact object. Theréfeil first discuss
the evolution of single stars in general in Section 2.1 artdspacial emphasis on
binary systems in Section 2.2. The formation of stellar rants, especially neu-
tron stars will also be discussed to some extent (a full disiom of this subject is
way beyond the scope of this thesis). In the following secfi®ect. 2.3), | will
discuss the basic principles of accretion onto compactotdbja binary systems.
Since the classification of X-ray binaries and thatent accretion types has al-
ready been discussed numerous times (see, e.g., Kuster Bé0Boch-Garcia
2003; Kreykenbohm 1997; Kretschmar 1996, and referenazsiti), this Sec-
tion is kept relatively short.

2.1 Stellar Evolution of single stars

The subject of stellar evolution is very complex and manycigaluring the evo-
lution of stars, especially in the beginning and near theddrttie star’s life, are
not very well understood and are still under discussiors. thérefore quite impos-
sible to give a detailed overview of the complete subjechis tontext, however,
the most basic facts shall be summarized in the following &onore detailed
overview of stellar evolution, see, e.g., Payne-Gaposch884).

At the beginning of the twentieth century, Ejnar HertzsgruH. Rosenberg,
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and three years later, also Henry Norris Russell, publishgidgram showing the
absolute visual magnitude of stars over their color — latemkn as thédertzsprung-
Russell diagranfHRD; Hertzsprung 1911; Rosenberg 1911). Later on, not only
absolute magnitude over color but also other parameter iratibns were shown,
e.g., magnitude over temperature. A modern HRD of starsdrvitinity of the

sun as observed by thidipparcossatellite (Perryman et al. 1989) is shown in
Fig. 2.1.

The most striking feature of a HRD is that the starsraristributed uniformly
in the magnitudgolor plane. Instead, most stars are concentrated oméie-
sequenceextending from upper left corner (bright and hot) almoswddo the
lower right corner (dim and cool). But not all stars are foumdhis relatively
narrow sequence: some stars are found in the upper riglarrégiight, but cool)
of the HRD, while also some stars are found below the mainesgtpi This
distribution of stars is due to the evolution of the starafrtheir “birth” until
their “death”.

Stars are “born” in gas clouds. In the beginning, an otherwstable gas cloud
starts to contract under the influence of, e.g., the shocksva¥ a nearby su-
per nova (for a discussion of molecular clouds and star flogmégions, see, e.g.,
Genzel 1992). As the contraction of the gas cloud contirtheanaterial is some-
what denser in some regions inside the cloud, than in avérelgaecessarily at
the center of the cloud). At first, the density variationstia tloud are so small,
that they would be more or less undetectable by our instrtsnedn the other
hand, the particle density of such a molecular cloud (38-molecules per cubic
centimeter) is considered a very high density (Ostriked.€2@01). In fact, it is
so high that these clouds are completely opaque for optgltat (e.g., an extinc-
tion of more than 30 magnitudes in the molecular cloud W49ke8 & Homeier
2003), but this density is still lower than in any vacuum ¢eelzon Earth (one of
the best vacuums has a pressure oRa corresponding te2.5x 10° particles
per cubic centimeter). With time, however, the still sulitiguence of the gravi-
tational force is slightly stronger in these denser regtbas in the remainder of
the cloud. These regions will become the condensation niaclthe future stars.

As these nuclei continue to grow in size and mass they geniertarnal heat —
mainly due to energy deposition of the infalling materiat also to some extent
due to decay of radioactive elements. With increasing ntlasgravitational force
also increases resulting in the accretion of more mass begetnuclei. Due to
the angular momentum present in the material (all mateaaldome angular mo-
mentum due to, e.g., the rotation of the galaxy; sometimeslénk cloud itself is
also rotating Arquilla & Goldsmith 1986), an accretion dfekms. These “stars”
still do not have a definitive form, they are more like big chsvf material with
radially decreasing density and temperature. At a certaintpthe pressure and
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Figure 2.1:Left: the Hertzsprung-Russell Diagram (HRD) of stars in theniigiof the
sun. 2927 stars were observed by Hipparcossatellite to construct this diagram. Most
stars are found on the main sequence, where they remaingagréater part of their life.
When they have used up their stellar fuel, they develop imogiants regime where they
stay for a much shorter time; therefore the giant region ishmess densely populated.
After the giant stage the stars expel their envelope (whéchle observed as a planetary
nebula) and the stars move horizontally to the upper lefaeoand then cool down and
end up in the White Dwarf regime. Since cool White Dwarfs dféallt to observe, only
very few such objects are included in this diagram (figurenftdndegren 1992) Right:
for comparison, a HRD of the very young Pleiades clusters Bpen cluster is so young
that almost all stars are still on the main sequence (diagram Schatzman & Praderie
1993, p. 34). The Hayashi line is on the right border of thgie (not shown). For a
detailed discussion of HRDs, see e.g., Payne-GaposchB@4)br Schatzman & Praderie
(1993).

the temperature in the center of the nucleus is so high, lleatrtonuclear fusion
becomes possible (for a more detailed discussion of stargton in molecular
clouds, see, e.g., Scfiler 1988).

At this evolutionary point, th@roto-starbegins to emit radiation at first only
in the infrared, later also in the optical band and thus afgpeatheHayashi line
in the HRD (see Fig. 2.1 and Hayashi 1961). This line sepsutie hydrogen
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burning stars (on the left side) from unstable, e.g., Lithiburning stars on the
right side of the Hayashi line.

Since, however, theggoto-starsare deeply embedded in the opaque gas cloud,
they cannot be observed easily. (Far-)infrared radiasphaowever, not absorbed
by the dust and gas of the dark cloud, such that it is possiblgetect these
proto-stars in this energy band. As the water in the atmaspbfehe Earth again
prohibits observations in the infrared (and, by the way ailghe UV-, X-ray, and
Gamma-ray band), these objects can only be observed bijteated.g. ESAS In-
frared Space Observatory (ISO, Kessler et al. 1996) or tfrarkd Astronomy
Satellite (IRAS, Neugebauer et al. 1984). ObservationsgudRAS showed nu-
merous point sources inside dark clouds (Emerson 1987hBw&inn et al. 1984,
and references therein), such that not only the birth of dividual star is ob-
served, but the birth of an entire cluster of stars.

Although most of these new stars are not very massive, theosmaent is
definitely not calm. Instead, these young proto-stars aatestrongly with their
environment. The increasing radiation pressure soon atgsthe proto star from
the molecular cloud by “boiling” the material in vicinity die star away. Such
young stars are calléf Tauri stars(hnamed, as usually, after T Tauri, the first star
of this group). These stars show strong material outflowsaanuhtense stellar
wind. This wind again interacts with the surrounding matieoif the gas cloud,
compressing the medium and causing shock fronts. Thestsfagiain give rise
to the formation of even more condensation nuclei which &adly might also
form proto-stars.

Apart from low mass stars, also a few massive stars are batrese clouds
(e.g., the massive B2 protostar G340423 MM in IRAS 185040121 Shepherd
et al. 2003). Since these stars are more massive, they arbatter; therefore
they have their radiation maximum in the UV band (van PasafliMcClintock
1995, p. 70). This very intense UV radiation boils not onlg thaterial in the
vicinity of the star away, but also all the material of the gésud itself. This
process was observed, e.g., by the Hubble Space Telesc&3§ {HM16 (see
http://hubblesite.org/newscenter/archive/1995/44/image/a).

Eventually, all the gas of the gas cloud is either condedsatel has formed
stars or is evaporated into the interstellar medium (ISMyaly, a new stel-
lar open cluster is born. An example for such an open clustethte Pleiades
which is a very young stellar cluster, that still containslof material that is il-
luminated by the hot young stars (deetp: //www.cv.nrao.edu/~pmurphy/
images/astro/pleiades.png). Although usually only the massive bright stars
can be seen (as in the Pleiades), these clusters containmmeyjlow mass stars
(Adams et al. 2001), which are mostly too dim to be seen easily

The T-Tauri stars evolve very rapidly (on the astronomiitaéscale, that is, in
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some thousand years): they first appear in the HRD on the Haljmes as infrared
emitter, but evolve quickly in the direction of the main seqoe. Thousands of
these young stars are known today in our galaxy and all oktets's are found
close to dark clouds indicating their place of birth. Sirtoe évolution timescales
are very short and the T-Tauri stars are usually also stith@vhat) enshrouded in
the molecular cloud and are thus hidden from normal telessdpey are diicult
to observe.

After the star has used up all its lithium, beryllium, anddmarit now burns hy-
drogen and the star moves towards the main sequence. Ongerther T-Tauri)
star has reached the main sequence, it will stay there forydmeg time: at least
millions of years; stars like the sun for about nine billiogays, low mass stars
even ten times as long as our sun (minimum mass for the onsle¢ dfydrogen
burning is about 0.07 M Voigt 1991, p. 265). This so called nuclear time scale
is given by (Verbunt & van den Heuvel 1995)

0.1MEH M L@
~ T~ 1010— 2y
L Mo L

whereey ~ 0.007c2. Since the stellar core consists (roughly) of 80% hydrogeh a
20% helium, the hydrogen burning enables the star to stajg@mtin sequence
for a very long time.

Hydrogen can be burnt to helium in two ways: either by Breton-Proton-
chain (pp-chain Weizsécker 1937; Bethe & Critchfield 1938) or @O-cycle
(Weizsacker 1938; Bethe 1939), where Carbon, Nitrogen axyfjéh are just
used as catalysts and amet consumed during the reaction. For a detailed de-
scription of both reaction types including possible sidéhpasee Lang (1999, p.
407).

If the temperature in the stellar core is belevil.5x 10’ Kelvin, the pp-chain
is most dficient, while at higher temperatures the CNO-cycle is preferSince
the core temperature strongly depends on the mass of théhstap-chain is used
by the low mass stars which are located in the lower part ohth& sequence,
while the CNO reaction requires high temperatures and therenly takes place
in the upper half of the main sequeneegain is strongly temperature dependent
(Voigt 1991, p. 265):

(2.1)

Tn

eppx px T3 (2.2)
ECNO X p X T15'6 (23)
The much higher exponent of the temperature in the CNO-qjgks rise to an

exponentially higher energy output of the star, once the Q€ is possible.
Higher energy output also means that the star is brightealsotrequires more
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hydrogen to sustain the nuclear reactions. A bright mass&etherefore con-
sumes its hydrogen in the core much faster than a low masarstiahas thus a
much shorter life time.

If the core of the star is fliciently depleted of hydrogen, the remaining hydro-
gen burning can no longer sustain a nuclear reaction ratedmgugh to compen-
sate the gravitational pressure. The interior of the statssto contract and the
temperature increases. If the star hasfd@ently high mass (M- 0.26 M, Kart-
tunen et al. 1990, p. 288), this contraction continues, tméi temperature and
the density in the core is high enoughl®K, ~10*g cn3, Iben 1991, p. 59)
again to start a new type of nuclear reaction: Helium burmsnignited. Three
a particles produce one carbon nucleus. In the meantime, yieagen burning
continues in a shell around the core, eIl burning The shell burning provides
the bulk of the surface luminosity-80%). The increased radiation input into the
outer layers of the star leads to the expansion of the s&lf.it$his expansion
of the star occurs on thermaltimescale which is given by (Verbunt & van den
Heuvel 1995):

2 2
il MR 2

~ Y4
Tt~W~3X1O(M_O R Lyr
Since the surface of the star is now significantly larger,tttal luminosity in-
creases despite the fact that the emitted radiation itsedbmewhat cooler: the
star evolves away from the main sequence in the HRD into secdwit brighter
region (upper right corner of the HRD): the star has becomee giant

This phase lasts again comparably long: The total durafidimechelium burn-
ing THe IS ~25% of the total duration of the hydrogen burning time The He-
lium burning continues until the mass of the resulting carbaygen core reaches
a mass of~1.4 M,. Provided that the mass of the star is high enough, the tem-
perature increases again and arountiK,@arbon burning is ignited: two carbon
nuclei plus a proton produc&Sodium, or two carbon nuclei plus ongproduce
20Neon. During this stage, almost all the energy produceddrtiie is radiated as
(anti-)neutrinos, while the shell burning hydrogen andurelare the sole sources
for the luminosity of the star (Iben 1991).

For low mass stars like our sun, the nuclear burning stopsvine Helium
in the core is exhausted. The mass of these stars is too loenergte enough
gravitational pressure to proceed to the next stage of aublerning. Stars with a
higher mass can generateistiently high temperatures such that more and more
nuclear reactions become possible, as outlined by Burbédgé. (1957). The
endpoint of all energy producing reactions’f§e (or its neighbors like Ni). To
generate elements abo¥¥e, energy iseededand no longer gained by nuclear
fusion reactions. Many reactions provide free neutronschvlaire captured by
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Figure 2.2: Evolutionary tracks in the HRD for low massl(Mg), intermediate mass

(5Mgp) and high mass (25 M) stars (Iben 1991)

heavy nuclei and elements heavier than iron can be produsethis point the
core burning ends: no energy can be gained by the formatibeafier elements
thaniron. When all other nuclear fuel in the core is exhaljgbke nuclear burning
in the core stops. As a result, no radiation is produced tartza the gravitational
pressure of the star and the core starts to collapse.
Depending on the mass of the collapstuge, one of the following points can

happen:

1. Foralow mass star, the collapse stops as soon as the cxesiched a den-
sity of p ~ 10° g cn3 (Iben 1991): at this density the electron gas becomes
degenerate. The pressure of the degenerate electron gageselnough
to prevent the core from collapsing further as long as thesnmbelow
1.4 M, (the Chandrasekhar limit, Chandrasekhar 1931). The cabdiges
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at a temperature of ~ 2x 10°K and usually has a mass 0.5 M, (Iben
1991) and the approximate size of the EartiVhite Dwarf has formed.
This scenario is true for all low mass stars like our sun.

. Intermediate stars with a higher initial mass~&Mg and a lower mass

limit of roughly 2 M, (Weidemann et al. 1992; Eggen & lben 1988) blow
most of their shell away before the core reaches a critican@hasekhar
mass of 1.4 M and is disrupted by thearbon-oxygen flashThe ejected
material can later on be observed aplanetary nebula The remaining
hot CO core evolves rapidly along a horizontal track to theskgart of the
HRD and is observed as the hot central White Dwarf of a plapetebula.

. The evolution of high-mass stars25 M) is at frist very similar to the

evolution of intermediate-mass stars (Lamb et al. 197&gpithat the star
starts in the upper part of the main sequence. Stars of thgs g@nsume
their hydrogen in the core very rapidly (Eq. 2.1). The starles to even
higher luminosities and moves to the bright red corner ofHIRD (see
Fig. 2.2). Although the star is not yet a red giant, the Helluming is al-
ready ignited in the shrinking core. As soon as Helium is ugedCarbon
burning is ignited. Nuclear burning continues up to ironthie end, a Chan-
drasekhar mass nugget consisting mainly of iron class elenfben 1991,
p. 61) forms inside the core. Upon exhaustion of all nucleal, this nugget
collapses. As the pressure of the degenerated electroragastcstop the
collapse, the nugget continues to shrink: the electron$messed” into
the protons (inversg decay) and aeutron starforms. The idea of such a
neutron star has been brought up first by Baade & Zwicky (1984)talk
given at a conference in Stanford — several decades beface@ii et al.
(1962) actually observed X-rays from the neutron star sysseorpius X-
1. Neutron stars are very strange objects: usually theyertrette a mass
of 1.4 M, in a sphere with a radius of just 10km. This sphere then has a
mean density of = 101*g cn 3 (Srinivasan 1997). It can either rotate rela-
tively slowly (periods of almost 1000 s) or so fast that itlimast disrupted
(periods down to milliseconds). Another intriguing feataf neutron stars
is, that they can have magnetic fields up to severdf €0 In recent years
even stronger magnetic fields are thought possible; thejgetskare then
called magnetars (Duncan 1992). The interior of neutrors s$éahowever,
even more strange. While the outer layers still consist afad atoms,
the atoms become completely ionized at a density ef10*gcnm 3. At

p ~ 10" gcnr3, the electron gas is degenerate. At this densfiye is al-
ready in an excited state. With increasing density, moreraack neutron
rich nuclei are preferred. Fir§Ni, then®4Ni, followed by84Se up to’®Fe,
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124Mo, and8Kr (Srinivasan 1997, p. 141)18Kr is already so neutron
rich, that with increasing density, the neutrons are nodorgtually bound
to the nucleus. At a density of®2x 10*g cnr2, the nuclei start to merge
into each other forming a degenerate fluid of neutrons, psytand elec-
trons. At the center of the neutron star, a density ef5x 1014 gcnr2 is
reached. What happens at these densities is largely unkndwalerive
a real description of the interior of a neutron star, the &#gnaof state is
needed. The exact form of this equation of state at thesétigsris (unlike
for White Dwarfs) unknown. For a thorough discussion of thibject, see
Pethick & Ravenhall (1991a) and Pethick & Ravenhall (199Eby a very
detailed discussion of the physics of neutron stars, seav8san (1997,
Chapter 3) and for a general discussion of compact objedts spiecial
emphasis on neutron stars, see Shapiro (1983).

If the pressure exerted by the gravitational collapse cabadalanced by
the degenerate neutron fluid, the nugget collapses compbatd ablack
hole forms The envelope of the star (containing most of the mass) is com
pletely ejected in @supernova Type lexplosion. For a very detailed dis-
cussion of the physics of supernova explosions, see Woeslaly (2002);
Woosley & Weaver (1986, and references therein).

4. Stars with even higher masM (>40-50 M,) loose much of their initial
mass already during the later stages of their evolution si@heven the
deep burning shells are exposed (Maeder 1982) — these stgosadoably
Wolf Rayestars. They evolve like normal high mass stars.

In the end, every stars life ends either as a White Dwarf, &rapstar, a black
hole, or the star is disrupted completely (e.g., by a caiphkic carbon-oxygen
flash). Hot white dwarfs reside for a short time in the hot ldaener in the HRD
and then slowly cool down. As the temperature of the White Daacreases, it
becomes fainter and thus more and mof&diilt to observe. A cold White Dwarf
is practically unobservable and is located below the majusece in the red dark
corner of the HRD, the stellar graveyard.

Since neutron stars are very smaj{ ~ 10km), they are very dicult to ob-
serve from the beginning. Only if they are still hot and theli;nradiating they
can be observed directly with X-ray, UV, or optical telesespVery few isolated
neutron stars are known and even if they are relatively dogbe Earth, only
the HST or other very large telescopes (like ESOs VLT) caentesthese objects
as the their visual magnitude is usuatty, ~ 23 or weaker (see, e.g., Motch &
Haberl 1998; Pavlov et al. 1996). Similar to white dwarfggé objects also cool
down with time and end in the stellar graveyard.
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Isolated black holes, however, cannot be observed dirbgttefinition, there-
fore they cannot be shown whatsoever in the HRD. To obseplatéd black
holes (and dim isolated neutron stars), fiedent approach is to search for light
bending &ects caused by their mass. E.g., the search for massive cohgda
objects project (MACHOSs, that is, black holes and neutramssin the galactic
halo) scans the Large Magellanic Cloud and if a MACHO enteedihe of sight
to a star in the LMC, the star will flicker due to the light bemgli thus enabling
us to estimate the mass of the MACHO (Patzii 1986).

2.2 Binary Evolution

In principle, the evolution of stars in a binary system falfosimilar tracks as the
evolution of single stars, however, there are surprisifiggdénces, which will be
discussed in the following.

How binary systems come into existence is still not fully arefood; however,
there are three main possibilities (Voigt 1991, p. 348):

1. capture of a low mass star by a high mass star
2. fragmentation of a fast rotating high mass star
3. two close condensation nuclei in the molecular cloudngj\birth to the
binary system, which instead of merging, both separatetyese gas and
evolve into stars
The capture of stars can be ruled out as a solution since @ etasugh encounter
is a very rare event (which then also has to take place undtaiecircum-
stances), so this possibility cannot explain the large remobclose binary sys-
tems observed. The fragmentation of a big star is also nalyléince fast rotating
high mass stars are thought to form either some sort of epgedo adecretion
ring. Such decretion torii causamissiorlines in the optical spectrum of the star
(usually a B star; a smalle” in the spectral classification denotes such emission
lines; for a complete discussion of theBe-stars, see Porter & Rivinius 2003).
This leaves only the simultaneous formation of both stathénsame cloud as
possibility.

After the binary system has formed in the gas cloud, botls $tdlow the same
evolutionary tracks as outlined in Section 2.1: they bothegw on the Hayashi
line and then evolve quickly onto the main sequence, whaxe $kay for a long
time. The more massive star, however, evolves faster thalels massive star —
and this is where the flerences compared to single star evolution starts.

A binary system has a much more complicated gravitationtdrdial than an
isolated star: an idealized version (the stars are coreiderbe point masses) of
such a system is known aisree-body-problemThis potential has two gravita-
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Figure 2.3: Equipotential surfaces of the Roche potentitii & mass ratidM; : My = 5;
M1, M, are the masses of the two stalls; to Ls are theLagrange pointsandS is the
center of mass of the system (from Kretschmar 1996).

tional wells (one for each of the two stars) and five pointsapfikbrium. This

potential was first conceived by Eduard Albert Roche in IB#9Paris (unfortu-
nately, the original references Roche 1849a,b, were ndbal&). In a co rotating
frame of reference, thiRoche potentiak given by (Frank et al. 1992):

c1>(r)=———r———(m><r)2 (2.5)

- -

whereM1, My are the masses of the two star, 2 the position of the point
masses, and the angular velocity. An example for such a potential is show
in Fig. 2.3 for a mass ratidl; : Mo = 5. Of special interest are tHeagrange
Points L1 — Ls and the innermost equipotential surface encompassingdbats,

the Roche surfacéfor a detailed discussion of the Roche geometry, see Frank
etal. 1992, p. 50). The Lagrange points denote positiortseipbtential where all
gravitational forces nullify each other, meaning that &ésfree body will stay at
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these points forever. This is also of special interest ftelks (the Earth and the
sun are also in a Roche potentiall), as fuel requirementkdeping the satellite

in this position would be minimal. Another application aealled interplan-
etary superhighwaysconnecting the Lagrange points of the planets resulting in
faster angbr less fuel consuming flight paths for interplanetary naoissi(e.g., the
Genesis mission uses such a flight path, Jurewicz et al. 28G8pugh these La-
grange points are of such vital interest and the Roche patéaks quite simple,
the problem is quite complicated. It is usually solved nuoaly or approxima-
tions are used (see, e.g., Morris 1994). Only very recerdlgi& (2003) pointed
out some interesting analytical relations.

The Roche surface represents the maximum size of the sfaeghér of the
two stars exceeds iRoche Volumethe material outside the Roche surface is no
longer bound to the star and can either drift away or be aedi@tto the other star.
How can a star exceed its Roche VolumerRurche Lob@ Iben (1991) mentions
four ways:

1. growth, e.g., due to the stellar evolution

2. orbital shrinking due to loss of angular momentum

3. ignition of previously non burning material

4. collision with another star
In the context of this work, only the first two points are relet

The more massive staMj > M», as in Fig. 2.3), will evolve significantly
faster. After it has left the main sequence, it will start xp@&nd as discussed in
Section 2.1. Since the star is in a Roche potential it canmot §eyond its Roche
lobe. Any exceeding material is no longer bound to star #1liartcansferred
to the low mass companion. Depending on the phase in whicm#ssive star
exceeds its Roche volume, the outcome of this eventlisrént. In most cases, the
massive star looses so much material, that the remainirgesotves into a White
Dwarf. According to Iben, Jr. & Tutukov (1985), a 9—-11Mtar evolves into a
OxygeriNeon White Dwarf if mass loss occurs before the ignition ofitie.
Intermediate mass stars possess a helium core when thenarasfet begins and
will evolve into a CO white dwarf. Less massive stars will keointo a Helium-
white dwarf.

After this phase, the system now consists of a white dwarfeamormal star. If
the normal star is despite the mass transfer still a low masg-sl Mg, or less),
the system will take billions of years to evolve. But in galethe initially less
massive star is now more massive and also evolves fastece 8ie previous
mass transfer also caused orbital shrinkage, the systemwianery close binary,
and the normal star will exceed its Roche volume even befpriting Helium

Iseehttp://www.spacehike.com/superhighway.html
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(lben 1991, p. 73). Another common-envelope phase followgsia the end,
a second white dwarf (less massive than the first) will emeifjge result is a
binary system of two white dwarfs. This type is the most comrtend product”
of binary evolution £90 %, Iben, Jr. & Tutukov 1984).

A very interesting evolutionary branch is the developmédna €ataclysmic
Variable(CV;, see, e.g., Kraft 1962, for the description of severabL\If the sys-
tem is close enough that tidal forces cause an almost loaketion (orbital and
rotational period of the components are the same), the foshdal momentum
will cause the secondary star to fill its Roche lobe whild stilaining hydrogen
in its core (Iben 1991). The white dwarf is accreting matdr@am the low mass
donor star and the accreted hydrogen is ignited on the sudkithe white dwarf.
Itis possible that if the White Dwarf is massive enough aredtthnsfer rate high
enough, that the white dwarf will eventually exceed the Ghasekhar mass of
1.4Ms. Upon reaching this critical mass limit, the gravitatiopatssure finally
overcomes the pressure of the electron gas, the white dwatf 2o collapse,
and explodes as a supernova (Starrfield et al. 1985). Foradletbtliscussion
of cataclysmic variables, see Coérdova (1995) and Iben (1,9éction XllI), and
references therein.

If the initial stars are both very massive, even more dracratents happen
during the evolution than the formation of a CV. As before, thore massive star
evolves earlier on the nuclear time scale (see Eg. 2.1),t8lIRoche lobe, and
subsequently mass is transfered onto the not so massiveatdonp The evolved
star looses up to 50 % of its initial mass which is mostly tfared to the compan-
ion. The evolved star, stripped of its envelope, continnes/blve and depending
on the circumstances, even more material is transferedetoadmpanion which,
in the meantime, is more massive than the “primary”. Theaalcore of the
primary continues on its evolutionary path and if it stillstafficient mass (e.g.,
3Mp), explodes as supernova leaving a neutron star behind. qutbsions are
catastrophic events for a binary system: mass will be lashfthe system and
the orbit will at least change; a complete disruption of t&tem is also possible.
The new eccentricity is then given by (Verbunt & van den Héd@95):

AM

e= ——— 2.6
M1+M2—AM ( )

Eq. 2.6 shows that the maximum mass that can be lost duriagtbcess must
not exceed a total of 50% of the mass of the system for the rayieremain
bound. If more than 50% of the mass is lost, the resulting recicgy e will

be greater than 1, meaning that the system will be disruptdtbrefore, mass
transfer is requiredeforethe supernova explosion, if the system is to survive
the supernova event. As neutron stars have a relativelyl snaals of 1.4 M
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Figure 2.4: Evolution of a massive binary systdraft: First the more massive star evolves
earlier and exceeds its Roche volume and material is tratsfnto the companion. Fi-
nally the more evolved star explodes as supernova, leavireuon star in an eccentric
orbit behind. As the second star evolves, some mass is ér@asbnto the neutron star, but
most mass is expelled. The secondary star also explodepeseua, leaving a second
neutron star behinRight: same as before, but for a non mass conserving scenari@ If th
initial mass of at least one component is very large, a lot afsrmust be lost during the
evolution of the massive star, otherwise the system williseugted according to Eq. 2.6.
Such a massive system usually produces black holes insteaditvon stars (after van den
Heuvel & Habets 1984).

up to~3 Mg, (the Oppenheimer-Volkblimit, Oppenheimer & Volkd 1939), the
mass diference to the progenitor star has to be removed. Obsersatimw that
massive optical companions of neutron starsdoentricorbits are almost always
Be-stars (Verbunt & van den Heuvel 1995). This is also rgaeiplained by
Eg. 2.6: the larger eccentricity means, that a large amadumtaderial has been
transfered from the primary to companion star. This matefizourse carries
angular momentum which is thus also transfered onto the aaiop star — the
companion star ispun up This high rotation frequency easily results in the
formation of a decretion torus which again gives rise to theesved emission
lines.

Since the less evolved companion star has gained masshiesvyoore quickly
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and will “soon” exceed its Roche volume, too. Some mass is ttasfered onto
the neutron star, while most of the envelope is expelled. firtadly remaining
core of the secondary star will also explode as a supernee&jrig a second
neutron star in a wide eccentric orbit around its compangnrd. See Fig. 2.4
for a sketch of the evolution of a binary system consistintywaf massive stars.

If the primary is initially extremely massive (more than 4@)yinot all mass
can be transfered to the companion. The evolving core isfgigntly heavier
than in the previous scenario, such that the supernova rplteaves dlack
hole behind. A proto type example for such a system is Cygnus Xefisisting
of the optical star HDE 226868 (Hjellming & Wade 1971; Brae$iiey 1971),
an 09.7lab star with a mass efL8 My (Herrero et al. 1995), and a compact
object with a mass 0£10 M, (Herrero et al. 1995), which is therefore generally
believed to be a black hole (see Pottschmidt 2002, for a vetsiléd description
of the system), although not everybody in the scientific camity is convinced
that Cygnus X-1 contains a black hole (see, e.g., Kundt 2081¢h a high mass
system continues to evolve as described above; in the erstiomdary star also
evolves into a Neutron Star or a black hole, resulting in albkele/ neutron star
or a black holég black hole binary.

2.3 Accretion

Gravity was the only stellar energy source known in the miaeeth century —
previously to nuclear fission and fusion reactions. Cheh@nargy was already
known to be insfficient to power stars (it would be impossible to power our sun
using coal burning for more than a few million years). Thelremeergy could only
sustain the current energy output of the sun for about 1ddviyears. Potential
energy could, however, power the sun for about 30 Millionrgeahich at least
was considerably longer than chemical or thermal energywas still a short
lived energy form (see, e.g., Herbig 2002). The big probleawever, was that
geologists had already shown that the age of the oldest setkmy rocks was at
least 1.3 billion years — forty times older than the sun ca@ghowered by poten-
tial energy (or any other form of energy known at that timejldiagton (1930)
already remarked, that “. . . the main source of a star’s gnisrgubatomic”. This
conundrum was finally solved by Bethe in 1938, when he desdribe pp-chain
(Bethe & Critchfield 1938). During the hydrogen burning, hygen is burnt to
helium. Helium, however, is a little bit lighter than fourgtons:~1% of the orig-
inal mass is missing (Voigt 1991, p. 262). Following Einstefamous equation
(Einstein 1905)

E=mcd (2.7)
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the formation of one Helium nucleus sets 26.72 MeV 8v410° erg free. If only
10% of the Sun’s hydrogen is converted into heliun® x 10° erg are released
— enough to power the sun for abal@ billion years. On the other hand, this
process is quite icient: It uses less than 1% of the available energy; only
the mass dierence between four protons and one helium core is conviatied
energy.

Under the right circumstances, gravitation, however,ligrfare dficient. Con-
sider the accretion of a test particle with masfom infinity onto a neutron star.
The energy gain is given by:

AEacc= (2-8)

Rns

A neutron star has a radius ofL0 km and usually a mass of 1.4MFor a test
mass of 1 gram, the energy yieldA€,.. = 1.86x 10?erg. The energy gain for
converting 1 g of hydrogen into helium is “just6 x 10*8erg, making accretion
more dficient by a factor o£30. According to Eq. 2.8, theféciency of accretion
strongly depends on the maand the sizeof the accreting object. Accretion
is therefore obviously very important for neutron stars atatk holes. Unlike
neutron stars, black holes, however, have no surface adstieeir radius is given
by theSchwarzschildadiug:

2GM M

Already for typical white dwarfs, nuclear burning is muchnmaeficient than
accretion, but still of some importance, e.g., in the cas€\$. For all normal
stars, accretion is utterly unimportant as an energy sdimgecan still be obser-
vationally interesting).

So in principle, the energy release depends for a given congtgect, e.g., a
neutron star, only on the amount of materidl accreted. Zel'dovich (1964) and
Salpeter (1964) were the first to suggest that accretion tdnahonto a massive
object could really be an important astrophysical energyca

As always, these statements are only valid in a certain regifithe accretion
is assumed to be spherically symmetric (which is, of coureéthe case in real
objects), the pressure of the outgoing radiation is no longgligible: Thomson
scattering (cross sectiant = 6.7 x 10725 becomes important for the electrons.
The coulomb forces again force the protons to follow the tebes, otherwise
the neutron star would soon be no longer a neutron star anprtitens would

2The Schwarzschild radius is only valid for non-rotatingdildioles; the radius of rotating Kerr
black holes is somewhat smaller (see Longair 1997, Eq. 15.43
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expelled by electrostatic repulsion. With growing lumiityaghe radiation pushes
more and more against the infalling material, while the gedion pulls at the

material. At a certain luminosity, thEddington Luminositythese two forces
become equal:

LO’T
GMm, = — 2.10
T 4rC ( )
M
Leqs = 4nGMmycor ~ 1.3% 1038M—erg st (2.11)

0}

This simply means that once the Eddington Limit is reachled dccretion rate
cannot grow any more. A slight increase of the luminosity tredmaterial will
be blown away by the increased radiation pressure, swiycthie source fb. As
result the observer would see a non-steady source.

Itis important to note that the Eddington Luminosity is ddlr a steady accre-
tion flow and a spherically symmetric accretion only. If thaterial is accreted
only on a fractionf of the compact object, the resulting maximum luminosity
is roughly given byf x Lgqq. For very small fractions, this is again not true:
while the material is accreted onto the small fraction, theéiation can escape
sideways without exerting too much pressure on the infallyas. Thislocal
Super-Eddingtoflux becomes more important in the following.

Before, however, discussing the actual geometry of theséiocr process onto
the compact object itself, it is necessary to discuss thgrodf the accreted ma-
terial. The source of the accreted material is, of courgepgitical companion of
the compact object. The optical companion can donate mnaaterthe compact
object by three (main) means (or combinations thereof)¢ciwbkhall be discussed
in the following.

2.3.1 Roche Lobe Overflow

As already discussed to some extent in Section 2.2, in ogytaises of the binary
evolution, mass transfer between the two stars is possiliien the optical com-
panion evolves, it will also expand (see Section 2.1 and K.8)e star exceeds its
Roche volume (see Fig. 2.3 and Eq. 2.5), the material outsEl®&oche volume
is no longer gravitationally bound to the star. This materén now be captured
by the compact object or expelled into the interstellar medi

The material captured by the compact object cannot, howbeesiccreted di-
rectly. Due to, e.g., the rotation of the donator star, théene has too much
angular momentum. As result, accretion diskforms, where the material is
stored; see Fig. 2.5 for a graphical illustration of such stesyp. The circulation
radius of the material is given by (King 1995):
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[

Figure 2.5: A simulation of a low mass X-ray binary systemeTéw mass optical com-
panion has reached its Roche Volume and is loosing matéried. material forms aac-
cretion streamand flows from the star to the accretion disk around the cohgigect. The
material moves inward and is finally accreted onto the compigjiect. Image from UCSD
computing center.

JZ
irc= —— 2.12
Reirc Gk (2.12)

whereJ is the angular momentum. This also implies that the radiukeficcre-
tion disk cannot be larger than the radius of the Roche lolleeodptical compan-
ion; usually it is smaller by a factor of two or three (Frankakt1992, p. 56). In
this disk the material looses slowly its angular momentuohdghat it can move
further inwards. However, since the angular momentum meisbinserved, some
material will also move outwards and can finally escape froendisk. With de-
creasing radius, the density in this disk grows resultirggetber with the ongoing
inward movement of the material in increased friction. &aged friction again

3Since Eq. 2.12 also applies if the accreting star is a nortaglisis possible thaRg.c is smaller
than the radius of the star. The accretion disk thereforehesinto the accreting star, as is probably
the case in Algol systems (King 1995).
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leads to higher temperatures in the inner parts of the disimple way to model
a spectrum from such a disk isaulti temperature black body a superposition
of several simple black body spectra (Makishima et al. 1986)

The actual structure of these accretion disks is very coxnptarting from the
fundamentak-diskmodel of Shakura (1973), manyffirent geometries and radi-
ation processes have been proposed to explain the obs@eetds and temporal
features of accretion disks (e.g., a warped accretion diske case of Her X-1
Schandl & Meyer 1994, , hot coronae sandwiching a cold aiceretisk, slab
vs. sphere plus disk geometries, etc). See Wilms (1998, efedences therein)
and also Pottschmidt (2002) for a review of various georegtind radiation pro-
cesses.

2.3.2 Be Mechanism

The companion star can also b8a-star As discussed in Section 2.2, Be-stars
in binary systems are all known to rotate very rapidly. Ptdpaue to this fast
rotation, a decretion torus is formed around the Be stangivise to certain emis-
sion lines (for more information on such Be- and envelopesstee Kaler 1994,
p. 240). Due to the large percentage of material transfanedglthe evolution of
the progenitor of the compact object, the compact objectuslly in an eccentric
orbit around the Be star (see Section 2.2).

While the compact object, e.g., a neutron star, is relatifaglaway from the Be
star, it cannot accrete material from this decretion todksen the neutron star ap-
proaches periastron, it will enter the torus or envelopbeBe-star (see Fig. 2.6)
and a significant amount of material is now available for etion. After the ac-
cretion disk of the compact object has filled, material isatsxl onto the neutron
star and X-rays are released; the observer sees an X-rayrsuti/hen the neu-
tron star leaves the torus again after periastron passh&gecreases rapidly. The
accretion disk is able to sustain accretion onto the congdgett for a short time,
but soon after the neutron star has left the circumsteldy, dine X-ray source will
become fainter and then stay at a very low level until the pexiastron passage.

Such systems show periodic outbursts spaced by the orbiial An example
for such a system is EXO 203375 (see Parmar et al. 1989a,b, and references
therein). The source, as observed by the All Sky Monitor amd¢the Rossi X-ray
Timing Explorer (for a description of the instrument, seaier 4, Section 4.7),
usually brightens considerably every periastron passaga short time (every
~46 days, see Fig. 2.7).

Some systems, however, are so dim outside periastron,hbgtare close to
being unobservable. Such systems are cathausient sources

Depending on the geometry of the orbit of the compact objedtespecially
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Figure 2.6: A neutron star (or black hole) in an eccentrigtabound a Be star. If the
neutron star enters the circumstellar disk of the Be staiX-aay outburst is observed.
While the source is outside the torus, it is in quiescenceeéthér very dim or completely
shut df (from Kretschmar 1996).

the stability of the Be star, it is possible that despite tiat that the neutron star
approaches periastron, no X-ray outburst is observed. Amele for such a
system is A053526 which is so dim that it is practically unobservable in qui-
escence. Although the orbital period is 111d (Priedhorskyegrell 1983), no
major outburst has been observed since 1994. But when thisesgoes into out-
burst (especially a giant burst as in 1994), it is so bridtt it can significantly
outshine most of the brightest X-ray sources (during theimarm the source was
about eight times brighter than the Crab, Wilson et al. 19®dger et al. 1994b).
The reason for this behavior is not yet completely undetstsimce, however, the
emission lines of the Be star almost disappeared (Haigh &88D), it is reason-
able to assume that the Be star has lost its torus or envelopetisat the neutron
star is unable to accrete material. Although the compani@ndb35+26 started
to show emission lines again in 1999, a torus is probablygoesgain, it is quite
impossible to predict the time of another outburst of thisree.

2.3.3 Stellar Wind

So far, the most obvious method of mass loss of the opticapemion has not
been discussed: mass loss via stellar wind. All normal stave weak stellar
winds. If, however, the optical companion is an O or B stais thind can be
very intense. If the companion is already evolved and itfusadas significantly
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Figure 2.7: Orbital light curve of EXO 203@75 as observed by th&SM instrument
of the Rossi X-ray Timing Explorer. ThASM light curve has been folded with orbital
period of~46.1 days. Note that the source is usually very dim. Duringag&ron passage,
the source brightens suddenly by a factor of 5. After pendaspassage, the luminosity of
the source decreases again very quickly.

grown, these stellar winds can carry up to 3By yrt — 10%M, yr-t away.

In a typical system, the compact object orbits its opticahpanion in a height
above the surface of the optical star of less than one stalius. It is thus deeply
embedded in the stellar wind of its optical companion. Thmajact object then
accretes from the dense stellar wind and causes the formatian accretion
wake by focusing a significant fraction of the stellar windg$-ig 2.8 and Bondi
& Hoyle 1944, for a description of this mechanism). Since ¢benpact object
is very close to the optical companion, a tidal gas streanhtiagrm between the
two stars (as has been suggested for Vela X-1 by Taam & Frie&8). The
compact object can either accrete directly from the stellad (which carries al-
most no angular momentum) or since some angular momentumadsgalways
present due to the compact object orbiting the optical corigma an accretion
disk or an accretion stream forms. Furthermore, the reteXsmys ionize the
stellar wind resulting in the formation of an ionization veakhich is trailing be-
hind the X-ray source. An artist’s impression of such a windrating system is
shown in Fig. 2.9. In summary, accretion from the stellardvism a very com-
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plicated process which is not yet fully understood and tloeeconly the most
relevant facts can be discussed in the following.

Since the surface of an evolved OB stars is very large, it fobwious that a
neutron star (radius10 km) can accrete enough material to power an observable
X-ray source. To calculate the reachable X-ray lumino#iy,amount of material
that can be accreted and therefor the parameters of the agtblbe calculated.

The velocity of the wind is approximately the escape veloltitm the surface
of the star (Frank et al. 1992), which is given by:

2G M,
R«

Vwind ~ (2.13)
whereM, andR, are the mass and the radius of the star. For low mass main se-
quence stars like our Sun, Eq. 2.13 yielgsg around 600 km st which matches
nicely the typical observed values between 400 kfhad 800 km st as mea-
sured by NASASSOHO mission* (Domingo et al. 1995). For main sequence
OB stars it is with a few 1000 km$ much higher. Since the optical compan-
ion is usually already evolved, Eq. 2.13 predicts much lovedocities; for, e.g.,
GX 301-2 which harbors an evolved B star, velocities of the orderQffkim st
are observed.

The compact object will accrete material from a cylindriegion with radius
racc (see Fig. 2.8), where the gravitational pull of the compdject overcomes
the momentum of the wind. This radius is given by (Davidson iriBer 1973):

2GMns

_oVns (2.14)
2 2
Viind T YNs

lacc~

whereMys is the mass and\s the velocity of the neutron star. Since the velocity
of the neutron star is usually much smaller than the velafithe wind, it will be
neglected in the following. The fractioh of the stellar wind that is accreted by
the compact object is then given by (Frank et al. 1992, E®)4.3

=i (5 @19

wherea is the binary separation. Using the typical parameters afiwiccreting
systems, e.g., Vela X-1 (see Chapter b)s of the order of~ 0.01%, rendering
wind accretion a very inicient process since most of the material is lost to inter-
stellar space. As the stellar wind carries up to“N yr~! away, the total mass
accreted onto the neutron star amounts 162 per year. If all kinetic energy of



Chapter 2.3: Accretion 41

compact object

C 1

= acc i |

accretion wake- - - - = e U massive |
I

OB-star

stellar
wind e

Figure 2.8: Accretion from the wind of an OB star onto a neustar according to Bondi
& Hoyle (1944). All material within the accretion radiugcc will be accreted, leaving an
accretion wake behind. Note that this figurenist to scale! The neutron star itself is so
small that it could not be printed at all: if the evolved staPQ Ry) in the figure has a
diameter of~3 cm, the neutron star would have a diameter80 A.

all infalling materialM is converted into radiation, the luminosity of the source is
simply given by:

L = GMnsM (2.16)

R

Together with Eq. 2.15: _
L= M (2.17)

R

Replacing the constants with numbers results typicallyusing f = 10* and

4for the latest measurements, $a&p://www.sec.noaa.gov/ace/MAG_SWEPAM_24h.html
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Figure 2.9: Artist’'s impression of a compact object acagtfirom the stellar wind of an
OB giant companion. Note how deeply the compact object isseluied in the stellar wind.
The gravitational pull of the compact object focuses théastevind. Compare with the
sketch in Fig. 2.8. Image credit: NASA.

Mwind = 10> Mo):

M Mwi

7 Wind -1

Lo (10—4MWind)(1O_5M®yr_l)ergs 219
= 10%ergs? (2.19)

which is a significant fraction of the Eddington luminositofnpare Eq. 2.11).
So despite the fact that accretion from stellar wind is vagfficient, wind driven
sources are among the brightest X-ray sources in the skyicalygxamples for
pure wind accreting systems are Vela X-1 or 4U 14807, and wind accretors
can account for many of the bright galactic X-ray sourcesr(ees et al. 1976).

It should be noted that accretion from the stellar wind doesexclude the
presence of an accretion disk similar to the Roche lobe @wertenario. The
actual circularization radiuRc, however, is smaller by a factor

1
—fgcc' Reirc,Roche (2.20)

Rcirc,wind ~ 4
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This makes the formation of an accretion disk under the gpjate conditions
unlikely, if not impossible. Since for an accurate calcglatof Reirc wing @ very
good understanding of the stellar wind is required; whichdsa simple matter;
for details of the formation of an accretion disk in wind dnivsystems, see, e.g.,
Borner et al. (1987), and references therein. The stelladwf evolved giants
is still poorly understood, and often observations canmotkplained by stan-
dard theoretical models. It is, however, worthwhile to bt some wind driven
sources most probably do have an accretion disk, while sttiermot, and for
some sources the evidence is contradicting or does not ntiacimodels at all
(e.g., Vela X-1, Tjemkes et al. 1986). The situation is evemse for BéX-ray
binary system where it is veryfiiicult to describe the accretion disk and the ac-
cretion process onto the neutron star due to the variability and the variability
of the optical star in general, such that it is not a prioraclhat an accretion disk
is always present in these systems and how this disk evolitedvand time (for

a discussion of this problem, see Hayasaki & Okazaki 200B1gube BéX-ray
binary system 4U 011563 as example).

As a concluding remark, it shall be mentioned that for a gsygstem not only
one of the three processes discussed is applicable, butagor maybe even all
three) at the same time. If the optical companion is a highsn@ star (a high
mass X-ray binary, HMXB) which emits an intense wind from efhthe compact
is accreting, this optical star will soon also evolve andIfjnexceed its Roche
volume. Additionally to wind accretion, the compact objedt now also be fed
by Roche lobe overflow. If a high mass star exceeds its Rodjes the resulting
mass transfer ratél can exceed I¢ M, yr~1. At such high accretion rates, the
X-ray source will simply be drowned by too much material,Istttat the X-ray
source will be extinguished (Zuiderwijk et al. 1974).

In many HMXB the optical companion is a Be star. If the compauject is
near periastron of the Be star, the compact object will dedrem the envelope
of the star and an X-ray outburst is observed. When the conabgect, however,
is outside this envelope the source would normally be clossbbservable (as,
e.g., A053526). Since the Be star usually also has a strong wind, the aomp
object can feed from the stellar wind when outside the pedasand still remain
observable, however, with a reduced luminosity.

If the optical companion of the compact object is a low maas (& low mass
X-ray binary, LMXB), only mass transfer via Roche lobe owanflis possible
since the wind of low mass stars is not strong enough to feemhgact object
and these stars also are not known to have envelopes simbar $tars, such that
Be mechanism is not applicable.
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CHAPTER 3

Magnetic Fields

3.1 Origin and evolution of magnetic fields in neutron stars

So far, the influence of magnetic fields of the accreting dbjea the accretion
process has not been discussed in this thesis. As | will shahis chapter, the
presence of magnetic fields can change the observationatiies of a neutron
star significantly.

To discuss the influence of magnetic fields on neutron stacgigh estimate of
the strength of the field is required. When the evolved prigestar of the neu-
tron star collapses, the magnetic flux is conserved. The etagireld of possible
progenitor starsNl > 9 M), has, however, up to now never been measured (Bhat-
tacharya & Srinivasan 1995). But since the magnetic fielehgjth is proportional
to

BxR? (3.1)

already Woltjer (1964) and Ginzburg (1964) concluded thatB-field of a neu-
tron star has to be enormously powerful. Assuming thatBHeld of a pro-
genitor star has about the same strength as the magnetia$icadlar type stars
of B~ 100G (Schatzman & Praderie 1993), Equation 3.1 resul&-ields as
strong as 1% G up to 164G, which is about a million times stronger than the
strongest magnetic field that can be produced on Earth (sge Béchenkov &
Shvetsov 1997). Even if the progenitor has a very weak magfietd or no mag-
netic field at all to begin with, it is still possible thaBafield develops during the
evolution of the star. Since OB stars have a convective tlisegore can generate
a magnetic field using théynamo proces@Borra et al. 1982), similar to the core
of the Earth generating the magnetic field of the Earth. Itds possible that the
magnetic field is not even present during the main sequeresepdf the star: the
magnetic field develops when the star has already evolfféad@main sequence.

45
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A carbon burning core is very convective such that the magfietd could also
be generated alone during this quite short phase (RudernButi8erland 1973),
which is then almost directly followed by the core collap§énis leads to two
conclusions:

1. itis unnecessary (and impossible) to relate observatidtietngths of main
sequence stars to observed magnetic fields of neutron stars

2. it explains why almost all young neutron stars have a vienjlar magnetic
field strength: the magnetic field generated during the caboning phase
would result in a field strength 6f 1012 G in the newly formed neutron star
(Ruderman & Sutherland 1973).

Indeed observations have shown, that the bulk of known apwgtars has a field
strength around #8G (Bhattacharya & Srinivasan 1995). The next major ques-
tion after we have assessed the strength of the magnetiadibllv these fields
evolve with time after the formation of the neutron star. @gafter the confir-
mation of the existence of neutron stars by the observafian extra solar X-ray
source in 1962 (Scorpius X-1, Giacconi et al. 1962), folldg the discovery of
radio pulsars in 1967 by Anthony Hewish and Jocelyn Bell (4&vet al. 1968),
Ostriker & Gunn (1969) concluded that the magnetic fieldssftron stars decays
on time scale of just 1P years. This theory seemed to fit the (very few) observa-
tions available at that time and soon became generally sategdthough already
Baym et al. (1969) showed that the conclusions of Ostriker &®(1969) are
probably wrong. Baym et al. (1969) argue that if the intedibthe neutron star is
not superconducting, the conductivity of the neutron staulé be decaying due
to ohmic dissipation due to electrons scattering on nestrbar a typical neutron
star they derive a timescale of ~ 4roR2/c? ~ 1013years (a similar value was
also derived by Sang & Chanmugam 1987); a time scale whictutshrfonger
than the age of the universe and therefore no decay due tprtiiess should be
observable. If the interior on the other hand would indeeslperconducting, the
magnetic flux cannot simply leave the superconducting regiiuxoids have to
wander to the boundary of the superconducting region. Atingrto Bardeen &
Stephen (1965), this process also takes longer than thef #geuniverse. There-
fore Baym et al. (1969) conclude, that the magnetic fieldseoftron stars doot
decay without exterior influence. This conclusion is nowadalso backed by
many observations and examinations (Bhattacharya et @2; B¥inivasan 1989),
which show that there is indeed no decay of the magnetic fielsislitary neutron
stars on a timescale efL00 million years, which again is longer than the lifetime
of a pulsar anyway (Srinivasan 1997).

This conclusion, however, is not valid for neutron stars inaby systems.
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While the magnetic fields of neutron stars cannot decay speotusly, the mag-
netic field can decay due to external influences. Srinivasah €990) suggest a
spin down of the neutron star due to accretion as cause fatabay of the mag-
netic fields. The solid crust of the neutron star and its coeestrongly coupled
by electrons. When the crust spins down, some magneticesnvill move out-
wards and be annihilated at the boundary between the crdsharcore resulting
in a decay of the magnetic field (it is impossible to discugs thatter deeper
here, see Bhattacharya & Srinivasan 1995; Srinivasan #9480, and references
therein for a detailed discussion of this problem). Bisrgagogan et al. (1979)
suggest hydrodynamic flows on the surface of the neutronndtarh could also
result in a decay of the magnetic field. Geppert & Urpin (1994)gested again
accretion as the reason for the fast field decay: if the docredte is stficiently
high and the accretion phase last#fisiently long, the neutron star is heated by
the accretion (Fujimoto et al. 1984; Mészaros et al. 1983)dhy decreasing the
conductivity of the neutron star. Reduced conductivityiagasults in a decrease
of the magnetic field. According to Urpin & Geppert (1995)stinechanism is
able to account for the low magnetic fields observed in manjtroe stars in
binary systems.

Neutron stars in X-ray binaries exhibit rotational peridasn the millisecond
regime (e.g., A053866, Skinner et al. 1982) up to over 800s (e.g., X-Per, White
et al. 1976b). Nevertheless, all these objects do (somslimave a magnetic
field of at least 1&? G. The explanation of this apparent contradiction is, hauev
quite simple. The long periods of some pulsars are due t¢"“‘éectromagnetic
braking in the stellar wind of the optical companion and st fransfer of angular
momentum from the companion onto the neutron star. Obsengashow that
these objects are all very young (the companion usuallygo@mevolved B star,
the system cannot be much older than a few million years atrmaxr according
to Eg. 2.1) and therefore the magnetic field simply did notehawough time to
decay. Given a diicient amount of time (some million years), the magnetic §ield
in these systems will also decay.

This turns the attention again on the details of the acargifocess in neutron
stars X-ray binary systems, which will be discussed in thd Bection 3.2, fol-
lowed by an overview opulsarsin Section 3.3. In the last Section 3.4, | will
address a very specidfect, that can be observed in X-ray spectra of highly mag-
netized neutron stars: cyclotron resonant scatteringifest{ CRSFs). | will first
discuss the theory of these CRSFs, followed by the result4amite Carlo simu-
lations, and then end this section by discussing obsenadtresults.
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3.2 Accretion geometry

In Section 2.3 | discussed the various possibilities of nrassfer from the optical
companion onto the neutron star including the possibilitgisk formation. How
does this picture change if the neutron star exhibits a gtragnetic field (e.g.,
~1012G)?

Assuming a dipole geometry, the strength of the magnetid Bet radiusr
from the neutron star is given by

M
B~ 3 (3.2)

where u is the magnetic moment.Although the strength of the magrfatid
strongly decays with increasing the influence of on the infalling material in
the vicinity of the neutron star is very strong. Accordingii@ank et al. (1992),
the magnetic pressure at radiuis given by (units in cgs):

#2
Pmag= ——. 3.3
M9~ grr6 (3.3)
Therefore the magnetic pressiitigagon the infalling material is increasing strongly
the closer the material gets to the surface of the neutron 3tais increasing
magnetic pressure will at a certain radius, the Alfvén rade equal to the ram
pressure of the infalling gas

12 (2GM)Y2M

= (3.4)
8 r,a 477r,?/|/2

For a typical neutron star, the Alfvén radius is given by émts of the luminosity
of the source):

rm = 2.9x 10°M "R T2 s em (3.5)

At the Alfvén radius (also called the magnetospheric rgditee magnetic field
disrupts the incoming gas stream (be it a disk, a gas strdanstéllar wind, or
something else) and forces the material to follow the magfietd lines. This
transition region from, e.g, a stable disk to the materiibfaing the field lines
and where the disk ceases to exist, is also knowmoasidary layer(see Fig. 3.1
for a schematic of the boundary laygr

The radius where the angular velocity of the magnetosphetdhae Keplerian
velocity of the disk are equal is known eg-rotation radiugFrank et al. 1992):

GMx
w2

Re = ~ 2.8x 10fm*p*3cm (3.6)

INote that the term boundary layer is used for a wide range mditions, including for the transi-
tion from a disk to neutron star on the surface of a neutran sta
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Figure 3.1: Schematic of the accretion from an accretiok digo a strongly magnetized
neutron star (Ghosh & Lamb 1978). At the transition layerrtegnetic field disrupts the
disk and the material follows the magnetic field lines onte treutron star (figure from
Kuster 2003).

wherep is the rotational period of the neutron star in seconds. Taeeiiption
of this boundary layer and its physics is very complicated la@s only been dis-
cussed for some special cases (e.g. Keplesiatisk). Ghosh and Lamb were
the first to try to calculate this transition from the disk ke tfield lines in their
fundamental works (Ghosh & Lamb 1978; Ghosh & Lamb 1979akoy. more
information on the boundary layer, see also Lipunov (1992).

Since the neutron star and its magnetic field lines aseli rotator, the ma-
terial will be frozen in the magnetic field and forced to coate with the same
frequency as the neutron star itself. This allows for anreging problem: the
material can of course only co-rotate, if the rotationabedl of the neutron star
is smaller than the Keplerian velocity:

G My

R<
@ R

(3.7)

If the neutron star is rotating faster than the Kepleriaoneiy, the material cannot
follow the magnetic field lines andaentrifugal barrierarises, which prevents the
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accretion of material onto the compact object (Pringle & R&@72). lllarionov
& Sunyaev (1975) discuss the case where the neutron stamtsngmuchfaster
than the material and therefore the material gets expelfetido magnetic field,
also known as theropellor gfect Naturally this €ect is dificult to observe as
non-accreting sources are extremely dim by definition. dfyéver, the neutron
star is rotating only somewhat faster than the Kepleriaocig at the Alfvén
radius, an increase @fl will also increase the ram pressure and thus change the
Alfvénradius (see Eq. 3.5) and accretion becomes possblating in observable
X-rays. If M decreases again, the magnetosphere expands again andréteac
flow will be cut of resulting in a sudden switchffoof the X-ray source. White
(1989) suggested that this process is the reason for th@ibelbdsome BéX-ray
binaries which are completely unobservable outside pesiasMore information
on the propellor #ect can be found in Lipunov (1992).

Assuming that Eq. 3.7 is fulfilled such that the material cafratate with the
magnetic field and the material is then accreted, how doesdtretion geometry
close to the surface of the neutron star look like then?

The physical conditions close to the magnetic poles areexrgme: radiative
transfer and radiation hydrodynamics have to be taken gttount plus the strong
gravitational field requiring a fully relativistic treatmeand last but not least a
magnetic field o~~10'2G whose ects on atoms are mostly poorly understood,
as such strong magnetic fields cannot be created in the lalppra herefore a
self-consistent model of the accretion process close tpdlar caps is missing; in
the past, this problem (or at least some aspects of it) hasdmgressed by many
authors (see Nagel 1981a,b; Mészéros & Bonazzola 1981; \&/dgnk 1981,
Harding & Mészéaros 1984; Burnard et al. 1990; Lamb et al. 1300l references
therein) using various techniques (analytical solutiohshumerical Monte Carlo
simulations) and making various simplifications (e.g.oidng relativistic €fects,
ignoring magnetic fields, etc), however, the results welfeeeitoo simple or were
unable to describe the multitude of observed spectra aht tigrves.

Since the material is coupled to the magnetic field lines itd longer impor-
tant, whether it was accreted directly from the wind or frodisk. The material
is deposited on the surface of the neutron star at the magpeles where the
magnetic field lines submerge into the neutron star itselihnfog apolar cap
Lamb et al. (1973) calculate the radius of these polar caje tapproximately
one kilometer under the assumption that the magnetic fiedd Iclose to the poles
are undistorted dipole lines.

But even this simple calculation is already questionalimegesthe theaccretion
columnabove the polar cap is probably a hollow cylinder as sugdedteady by
Basko & Sunyaev (1975); for a schematic of this geometryFge3.2. In this
model, the infalling plasma is funneled within a hollow ayer onto the surface
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Figure 3.2: Schematics of two geometries of the accretitumeo above the polar caps of
the neutron star, as proposed by Basko & Sunyaev (12#8): a simple model consisting
of a “solid” accretion column.Right: the infalling plasma is constrained to a hollow
cylinder. The walls of this cylinder are small compared toradius. The figure is from
Kuster (2003).

of the neutron star, where it is stopped by Coulomb forcess Mbllow cylinder
is due to the material coupling only to field lines of a spedifitd strength: if
the field is too weak, the coupling does not take place. If tagefield strength
is reached, more or less all material couples to the magfietit such that no
material is left that could couple to the stronger magnegid fcloser to the neu-
tron star. Since magnetic field lines of similar strengtlo @merge at a similar
radius around the magnetic pole, the accretion column dhindeed be a hollow
cylinder. The width of this funnel turns out to be much snaltean the radius of
the whole cylinder (Basko & Sunyaev 1975).

This geometry is independent of the actual accretionvateowever, depend-
ing on this accretion rate, a shock front may form above thiase of the neutron
star: if the accretion rate is high, the infalling plasmaratts with the emitted
photons. This results in the formation of a shock front asaaly discussed by
Zel'dovich & Shakura (1969) and later Shapiro & Salpeter7@pfor the case
of a spherically symmetric accretion without magnetic fie{dee also Fig. 3.2
and Fig. 3.3). The height of the shock front depends on thestion rate and
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Figure 3.3: Schematic for the case of low and high accretivest ifM is very high, the
emitted photons interact with the infalling plasma and ackHeoont forms above the neu-
tron star, where the plasma is decelerated. Below the fretiédt plasma sinks “slowly” to
surface emitting X-ray photons perpendicular to the colugsulting in a wide fan beam.
If M is relatively small, no shock forms, and the material faltectly onto the surface of
the neutron star and the photons are emitted parallel todhenn resulting in a narrow
pencil beam. The figure is from Kretschmar (1996) after HagdiL994).

can reach several neutron star radii. The actual strucfutésoshock, however,
is not known, except that it must be some kind of collisioalskock (Harding
1994). According to Frank et al. (1992) a normal collisioslabck is ruled out,
as the mean free path is much larger than the neutron stti(N&Eszaros 1992).
Collisionless shocks, however, are poorly understood &utrout the presence
of strong magnetic fields, since another mechanism thaositycmust be called
upon that is able to dissipate the energy.

The infalling plasma which has a supersonic speed of rougbcms?
(King 1995) is then stopped or decelerated to subsonic sipetbis shock front
getting thereby very hot. This hot gas sinks down to the serfaf the neutron
star. During this sinking process, it radiates X-ray phetparpendicular to the
column as the column itself is almost opaque to X-ray photesslting in a very
broad emission geometryfan beam(see Fig. 3.3). IM is much lower, the X-
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ray photons can emerge without interacting with the infgliplasma such that no
shock is formed; i.e., the plasma is falling directly onte Hurface of the neutron
star where it is stopped by Coulomb interactions below thetggphere of the
neutron star (Kirk & Stoneham 1982; Kirk & Galloway 1981) axday photons
are produced by thermal bremsstrahlung and Compton codlimg material set-
tles in an accretion mound which is up to 15m high (Brown & Bikeh 1998).
Since the emerging X-ray photons have a very narrow emissiaracteristic, this
emission scenario is callgzencil bean(see Fig. 3.3).

3.3 Pulsars

After Baade & Zwicky (1934) suggested that there might beeeart of “neutron
star”, it took quite some time, before this theoretical ¢ord was really related
to astronomical observations. Exactly 30 years later, eleyhl. (1964) proposed
that such a neutron star could reside in the center of the @ehbla. Another
three years later, Pacini (1967) suggested that the energgeresponsible for
the strong radiation from the Crab nebula could be the rag@tion of a highly
magnetized neutron star.

The “direct” observation of a neutron star was made by pusch and by
people who were not even searching for neutron stars. khsfeghony Hewish
and the research student Jocelyn Bell were investigatieggdlanetary scintilla-
tion (see, e.g., Little & Hewish 1966). In the first month oétproject, Jocelyn
Bell discovered strong radio signals that did not look likesllations. Further
analysis revealed a period of 1.335s. After some initiallde@bout the origin
of the signal, Hewish published the discovery, suggestiag the source could
be a neutron star (Hewish et al. 1968%hortly after the publication, it became
clear, that these radio pulsars are indeed rotating nestaos (Gold 1968; Pacini
1968). The explanation for the radio pulses is quite simgiexilar to the Earth,
the magnetic axis of the neutron star can fisat from the rotational axis. In such
a configuration, the magnetic poles and with them the magpigre is revolving
around the spin axis of the neutron star. The radio emitigion is thus tightly
locked with the rotation of the neutron star. Since the taatieof radio pulsars
is highly collimated obeamedithis radio beam sweeps across the line of sight of
the observer, like the light of a lighthouse (that's why tisisalled the lighthouse
effect), resulting in an observable radio pulse whenever ttie teeam is directed
at observer and quiescence when the beam is pointing someeise.

The discovery of the Vela pulsar with a period of 89 ms (Largale1968)
and the Crab pulsar with a period of just 33 ms (Stailin & Restein 1968) com-

2This source is nowadays known as PSR BB (Lyne & Graham-Smith 1998).
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pletely ruled out the still discussed possibility of rotatiWhite dwarfs, as the
breakup frequency of a White Dwarf is jusl Hz, while Neutron stars are stable
up to~1kHz (Lyne & Graham-Smith 1998). Again just one year latésp apti-
cal pulsations were detected from the Crab pulsar (Cockke £969). The same
year, X-ray pulsations were discovered during rocket figftritz et al. 1969;
Bradt et al. 1969) from the same source. Furthermore thesestéound that the
total luminosity in the X-rays was at least 10 times highantin the optical band.

Shortly after these discoveries, the first X-ray satellitdURU® (Giacconi
etal. 1971; Kellogg 1975) was launched in 1970. Shortlyrdétench, Oda et al.
(1971) discovered pulsations from the X-ray source Cygnudswhich had been
discovered some years earlier during a rocket flight (Bowyat. 1965) with a pe-
riod of ~73 ms. Unfortunately (in some sense), the compact objecggm@s X-1
turned out to be a black hole (see, e.g., Pasky1974; Mauder 1973) which
does not show pulsations; instead, the observed pulsatiens simply due to
shot noise (Terrell 1972): the data was consistent with nea@ylapping short
random pulses 0£0.5 s duration

A few months later,UHURU discovered the reallpulsating X-ray sources
Centaurus X-1 (pulse periodt.8 s, Giacconietal. 1971) and Hercules X-1 (pulse
period~1.24s, Tananbaum et al. 1972).

The emission mechanism of X-ray pulsars is, however, cowlgl@lifferent
from the emission mechanism of radio pulsars. While radilsgrs draw their
energy from their rotation (rotation powered pulsars; thegrefore slow down
with time Lyne & Graham-Smith 1998), X-ray pulsars are dnig/ accretion
of material from a nearby star as discussed in Section 2.8 ekplanation for
the radio pulses, however, also holds true also for theseassuif the magnetic
axis is dfset from the rotational axis, the X-ray emitting accretiauenn or
accretion mound revolves in and out of sight due to the maif the neutron star
(Davidson & Ostriker 1973). Since the radiation of X-raygark is not so tightly
beamed as the radiation of radio pulsars (see fan vs. pezaihbn Fig. 3.3), the
X-ray pulse profiles are very filerent from the pulse profiles of radio pulsars.

Today, a total of more than 800 pulsars are known, most oktltes00) are
rotation powered radio pulsars (Lyne & Graham-Smith 1988l)-=100 are driven
by accretion.

3for more information on th&/HURU satellite, sedittp://heasarc.gsfc.nasa.gov/docs/
uhuru/uhuru.html
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3.4 Cyclotron Lines

3.4.1 Theory

As discussed before, the strength of the magnetic field ¢totbee magnetic poles
is of the order of 1&? G for a typical neutron star. Under these extreme conditions
the motion of the electron is quantized as in quantum mechkani
under classical “laboratory” conditions, electrons in agmetic field follow the
field lines on a “screw” trajectory. The frequency of tgigationis given by the
Larmor frequency

Vi

e
WLarmor = T = EB (3.8)

wherev, is the velocity perpendicular to the magnetic field. From &, the
gyration radius can be simply derived:

mv,

5 (3.9)

I'Gyration =
Eq. 3.9 shows that with increasi) rgyration gets smaller. Applying Eq. 3.9 to
the magnetic field strengths found close to the surface offoestarsryration
gets close to thde Brogliewavelength

h
A e= — 3.10
de Broglie mv ( )
thus resulting in quantumiects becoming important in this regime. This means
that the motion (or better the kinetic energy) of the elewrperpendicular to the
magnetic field can no longer be continuous buusintized(see, e.g. Lai 2001,
and references therein) irandau levels

2
En=mcq/1+(PL) +2nb- (3.11)
MeC Berit

wheren is the quantum number withe N, p; the momentum of the electrons
parallel to the magnetic field, arigly;; is the critical magnetic field strength.

As long asB < Bgit, the diference between any two Landau levels is given by
(using Eq. 3.8):

heB
Ecyc = ﬁ(,l) = E. (312)

(i.e., the Landau levels are equally spaced in the nonividtit regime). When
replacing the constants with numbers, Eq. 3.12 can be ajppated in a simple
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and easy to remember wayd-B-12 rule):
Ecyc=116%Ba» (3.13)

whereBy; is the magnetic field strength in units of @. This enables the ob-
server to directly derive the strength of the magnetic fiedarf the observed cy-
clotron energy. Therefore, knowing the correotidamentaénergy of the CRSF
is important for inferring the correct magnetic field strdimgKnowing the correct
magnetic field strength also helps in understanding thestomisnechanisms of
accretion powered X-ray pulsars and tlkeets of the magnetic field on the X-ray
production.

When a photon wittEcyc = hv interacts with an electron, the electron is raised
from its present leveh to the next higher Landau levek 1 and the photon van-
ishes (it is “absorbed”). This process gives in principterio an absorption line
like feature in the spectrum &c. The decay rate from excited to lower levels is
given by (Latal 1986):

_[amec?\( B 12
Vr_( L )(ch) (3.14)

whereq is the fine structure constant. As the decay rate is very Hyghc@l val-
ues are~10'°By,s71), the lifetime of an electron in excited levels is very short
such that an excited electron almost instantly de-excit@itiag again a photon
with hy = E¢yc. Since the photon is almost immediately re-emitted aftardpab-
sorbed by an electron this process is ratheratteringprocess than an absorption
process. When de-exciting from a higher lemglt can de-excite directly to the
ground leveln = 0, emitting a photon of times the cyclotron energicyc. An
alternative possibility is a cascade: first the decay to tive tower leveln—1,
emitting a photon having just the cyclotron enefgy.. Fromn-1 the electron
again decays to the next lower lewvet 2 until it reaches the ground level. Since
several photons are emitted during the decay, this prosesdlédphoton spawn-
ing. Since any excited electron is almost instantly returnothe ground level,
this process is rather a scattering than an absorption ggo&ince the lifetime
of the excited states is so short, most electrons will be éngitound leveh = 0.
As photons of the energy ofx Ec are emitted during de-excitation, it was gen-
erally believed at first, that this process would result ineamssionline in the
spectrum aEc (Mészaros 1977; Yahel 1979). Further analysis showed, enyve
that the free mean path of the photons is so small (Herold J18# photons
of the cyclotron energy practically cannot leave the plasupon emission they
will excite another electron. The photons can almost ontype from this region
once their energy has changed somewhat (to higher or lovezgies) due to the
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numerous scattering processes such that their free melaimnpatases. This re-
sults in the formation of an absorption line like featurelie spectrum around
Ec (Nagel 1981b) and due to the decay from higher levels alsoxdEc. The
line atEc is usually calledundamentalwhile the other lines are called first, sec-
ond,.. harmonicé. Note that these lines are not “real” absorption lines, tuey
due to a scattering process, therefore they are designat€g@otron resonant
scattering features (CRSFs).

The exact location of the X-ray emitting region depends anabcretion ge-
ometry assumed for that source (see Section 3.2). In adddithis uncertainty,
the location of the region where these cyclotron procesdgesylace, is also com-
pletely unknown; it should, however, be comparably closthtosurface of the
neutron star, where the magnetic field has the requiredgttrgisee Eq. 3.2).
Close to the neutron star, however, gravitational redsleiébomes important:

E
b cyc
ESe= 125 (3.15)

wherezis the gravitational redshift, given by:

2GMns
R&

with R being the distance between the center of the neutron staharoyclotron
region. If we assume that the cyclotron region is locatechatltottom of the
accretion column, just above the surface of the neutronRiarjust the radius of
the neutron star. In this case, the canonical value €fL0km can be used. The
the neutron star can usually also assumed to have the cahamass of 4 M,
except for some specific cases, where the mass is known togherhiOne of
these cases is Vela X-1 (which is also one of the main objétiésthesis), where
the neutron star is definitely known to have a mass of grehger the canonical
1.4 M: while the mass of the neutron star in Vela X-1 has been meddorbe
higher than 1.4 M for quite some time (van Paradijs et al. 1977; van Kerkwijk
et al. 1995), the canonical value could not be completelgdwut due to the
uncertainties. Recent measurements by Barziv et al. (280d)confirmed by
Quaintrell et al. (2003), however, yield a mass of at lea884 0.13M,, (if the
inclination is 90; for smaller inclinations, the mass is even higher), pattiela
X-1 significantly above the canonical value.

When applying these numbers to Eqgs. 3.16 and 3.15, a readghif25% is
derived, i.e., the intrinsic cyclotron energy and thereftte magnetic field is
higher by factor of~ 1.3.

1+27t= /1 (3.16)

4some authors use affirent notation: they designate the first lineEatas the fundamental line
as well, but they already call the line akZE¢ the seconcharmonic!
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Note that Eqg. 3.11 (and all formulae based on it) are onlydvadi long as the
magnetic field is below the critical magnetic field strenBth:. For

2
B ~ Baiit = m%: =4.414x 10°G (3.17)
the resulting cyclotron energy will be of the order of 511 kéve electron rest
mass, requiring a relativistic treatment of the problem.
In the relativistic regime, the Landau levels are no longpridistant, and the
cyclotron energies also depend on the angle between theatiageld and the
path of the photol (Harding 1994; Harding & Daugherty 1991):

mec? B . ]
En= —— 1/1+2n sifg-1 3.18
" Sinz@[ Berit ( )

Since the individual Landau levels depend &nthe harmonics are no longer
equally spaced? itself, however, is not a simple parameter: the resultiraygies
of the Landau levels now depend strongly on the distributibthe electrons in
the plasma and the orientation of the magnetic field linehépglasma — with
other words: the geometry of the CRSF formation region.

3.4.2 Monte Carlo Simulations

As discussed before, theorists tried to solve this probleaiygically by using
various simplifications (see, e.g., Yahel 1979; Nagel 1988ng & Frank 1981;
Mészaros & Nagel 1985; Wang et al. 1989, 1993) until the eh®990s. With
the availability of fast computers, these semi-analyticatlels were replaced by
Monte Carlo simulations. Nevertheless these models atsee(fo) use some sim-
plifications. The models of Araya & Harding (1996), Isenbetgl. (1998b,a),
Araya-Go6chez & Harding (2000) try to model the cross sestammexact as possi-
ble and also include thermal broadening of the CRSF linesfaghoton spawn-
ing from the higher harmonics.

Before using Monte Carlo simulations to calculate the dcpectra, Araya &
Harding (1999) calculate the relativistic magnetic Comptooss sections as a
function of the angl® between the movement of the photons and the magnetic
field. An example for these cross sections is shown in Fig.I8the photons are
moving almost perpendicular to the magnetic field (iées, 90° corresponds to
cosd ~ 0). For such smaller c@sthe cross sections around the cyclotron energies
are very narrow and similar to a spike. For larger&@se. smaller), the cross
sections become broader due to the thermal motions of thtra@bs along the
field lines.
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Figure 3.4: Cyclotron scattering cross sections calcdlate Araya-Géchez & Harding
(2000) for a magnetic field with a strength Bf= 1.7 x 1012G. ¢ is the angle between
the motion of the photons and the magnetic field. Note thal witreasing co8 (i.e.
decreasing angle), the resonances become broader duenativeoadening.

Araya & Harding (1999) and Araya-Gochez & Harding (2000)dieese cross
sections again in their Monte Carlo simulations. Unlike ¢laglier analytical ex-
aminations of the problem (e.g., Mészaros & Nagel 1985) sffectra resulting
from these simulations show a much more complicated behavidch is mainly
due to the inclusion of the photon spawning and the nonagatiredistribution of
the photons. Especially the fundamental line is subjectaoyralterations from
a simple absorption line like profile. Most interestingiynission wingsre ob-
served in these spectra (see Fig. 3.5). These wings canlbisdHe fundamental
line completely, such that no absorption line can be obskavsy more. Under
specific circumstances, these emission wings not only filiérdine, but also over-

lap resulting in aremission lingsee Fig. 3.5). While these are extreme cases, the

photon spawning, however, is usually responsible for atralvgays filling in the

fundamental to some degree resulting in broad but shall@eration features.
The model on which the Monte Carlo code of Araya-Gochez & litey(2000);

Araya & Harding (1999) is based assumes a highly magnetileeina with low
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Figure 3.5: Monte Carlo simulations of cyclotron lines byaga-Gdchez & Harding (2000)
for a magnetic field strength &= 1.7x 1012 G as for the cross sections (see Fig. 3.4). The
source spectrum is shown as dotted lines, the emergentsipeas solid lines. The panels
show the results for cylinder and slab geometries and igitiand non-isotropic injection

of the seed photons. The graphs in each quadrant repregkareni co® (from top to
bottom): co® > 0.75, Q75> cosd > 0.5, 05 > cosd > 0.25, and co8 < 0.25. Note the
strong variation of the fundamental line which not only cawéiwings, but also appear in
emission.

density. The magnetic field strength is also assumed to lesvtibe critical mag-
netic field strengttB¢it. The electrons are initially in the fundamental Landau
level. The code allows the user to choose between a slab dindeyemission
geometry in analogy to the accretion geometries (see R2gB&8sko & Sunyaev
1976). Other relevant input parameters of the code are thegth of the mag-
netic field, the electron temperature, the optical depthefdiectron gas, and the
photon indexy of the incident spectrum.
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Major drawbacks of the Monte Carlo code of Araya-Géchez &ditag (2000)
and Araya & Harding (1999) are that they use a power law to ritbdénput pho-
ton distribution which is very untypical for typical acdreg neutron stars. This
model produces a very hard spectrum that results in much piar®ns at higher
energies giving rise to higher harmonics and thus also giwrore importance
to photon spawning. Other major drawbacks are of a more teghmature, but
nevertheless limit the usefulness of the code and the pesbisimulations:

1. the number of energy bins in the input and output spectiaited/fixed to
80 thus prohibiting the selection of a finer energy binning

2. the number of angles is also fixed to 4. Since the dependsmgées very
strong (compare éierent angles in Fig. 3.5), a much finer angular resolu-
tion is desirable.

3. the simulated line profiles should be compared directhbiserved spectra
4. the software itself is very flicult to handle

5. the code itself (written in C) turned out be only sparselynmented (thus
difficult to understand) and quite error prone resulting in nouerand
sometimes un-reproducable crashes

Peter Kretschmar and | were able to obtain the code itseth fRafael Araya
and after many problems due to errors in the code put to wortkeromputers
in Tubingen. After completing a grid of parameters, we obséthat the result-
ing line profiles not only depend simply on the magnetic figtérsgth, but also
especially on the viewing angle and the electron tempegaive also found that
while the fundamental line usually shows all kinds of engasivings, the higher
harmonics show a relatively simple absorption line likefiigo The presence and
strength of the emission wings depend strongly the angéeekbctron tempera-
ture, the spectral hardness, and the geometry (see Fig. 3.5)

To compare the resulting spectra with our observational,aree divided the re-
sulting spectra by the incident spectrum to obtain purepirdiles (see Fig. 3.6).
These were then incorporated into a a table modeMXSPEC (Arnaud 1996),
which was then applied to our data (Kretschmar et al. 2000)etd X-1. We
discovered that a significant fraction of the available finefiles can be excluded
as they are too tlierent from observed line shapes. While we found it possible
to use this model to fit the data, it, however, turned out pr&tbn that probably
due to the limitations mentioned above and the energy résolaf the available
spectra, the fits did not actually improve over using phenwtagical models
like simple Gaussian absorption lines.
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Figure 3.6: Simulated line profiles using the Monte CarloecofiAraya & Harding (1999).

As an example, the electron temperature was set to 5 keV eftrginel shows the resulting
spectra. The right panel shows the line profiles or relajpgrsa derived by dividing the
resulting spectrum by the incident spectrum. The spectasarted from top to bottom
with increasingu = cosd whereé is the angle between the direction of the photon and the
magnetic field.

It turned out that a much finer grid would be required to desemesible physical
parameters, but nevertheless we were able to demonstaatdéresults derived
from the Monte Carlo simulations of Araya-Gdchez & Hardir2p@0) can be
used to fit actual observational data (Kretschmar et al. 2088 used this table
model to fit spectra of the accreting high mass X-ray binata Ve 1 (for a de-
tailed description of the source, see Chapter 5) taken WwithRiossi X-ray Timing
Explorer (see Chapter 4). The spectrum of this peculiarcaxhibits a strong
CRSF at 50 keV and a shallow CRSF&4 keV (see Chapter 5). After fitting the
continuum using the Negative Positive Exponential (Miha885), we applied
our new CRSF table model to the data to fit the two cyclotrotufes. Since
our data does not exhibit significant wings, a large fractibthe parameter grid
showing strong wings was immediately excluded. The few ieim@ grid points
showing no or only small wings were able to fit the data (seeJ:if) reasonably
well, however, no improvement over the conventional Gaussabsorption line
could be achieved and the parameters of the model could nuiristrained very
well.

While this “proof of concept” shows that it is possible to tisese Monte Carlo
spectra to fit observational data, it is still a long way utitis model is really a
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Figure 3.7: Fit using our CRSF model based on Monte Carlo lsitiams using the code
of Araya & Harding (1999). The top panel shows tR€A and HEXTE data of Vela X-1.
a shows the residuals when including our Monte Carlo modehéit. This Monte Carlo
model can fit the data very well, however, it was not possiblddrive sensible physical
parameters from the fih shows the same model without the inclusion of the CRSF model
for comparison.

useful tool for scientific analysis: a much finer grid must laécolated with an
improved version of the code.

3.4.3 Observations

Until the mid-1970s, no direct evidence for the cyclotrongasses described in
this chapter had been observed. Therefore ffexts of the strong magnetic field
on the plasma was discussed in theoretical papers only hodradlusions about
emissioriabsorption of cyclotron photons were hypothetical (seg, Bodenquai
etal. 1974).

On May 3, 1976, Trimper et al. (1977) observed the pulsatifrgy<source
Hercules X-1 using a balloon borne X-ray detector (“BalldBXE”"). They ob-
served a very strong emission feature-&8 keV in the spectrum of this source
(see Fig 3.8). The following years, however, showed thatotgan lines do not
appear in emission but in absorption (Voges et al. 1982; Mibaal. 1990), mean-
ing that Trimper et al. (1978) actually did not observe arssion line at-58 keV
but an absorption line at42 keV. Modern instruments with better energy resolu-
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Figure 3.8: First observational evidence for a cyclotroe IHercules X-1 (from Triimper

etal. 1978). These authors find an emission lines@ keV. In the following years it turned

out that cyclotron lines do not appear in emission, but irogtt®on. Therefore Trimper

et al. (1978) did not observe an emission line-88 keV but actually an absorption line at
~42 keV.

tion show clearly that this line is in absorption (see, &kgster 2003; Dal Fiume

et al. 1997; Kunz 1996, and references therein); nevegbhgbeveral graduate
level books still quote the line as emission line (see, éJgsold & Baschek

1991; Gerthsen & Vogel 1993).

Only shortly after the discovery of the cyclotron line in Hérl, Wheaton
et al. (1979) reported the discovery of an absorption feaituithe spectrum of
4U0115+63. In a more detailed re-analysis of the data, White et ai88] dis-
covered, that in fadtwvo cyclotron absorption lines are present in the data.

After these discoveries, no more cyclotron sources weldéered in the fol-
lowing decade. But with the availability of the Japanesea¥}(-satelliteGinga
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Figure 3.9: The spectrum of 4U 01463 as observed bRXTE. The upper panel shows
the count rate spectrum and the spectral model. The modelyckhows the presence of
the five cyclotron lines, which are almost harmonically sghexcept the last one). The
residuals in the lower panel show that the fit is excellent.

and theMir-HEXE (a direct successor of the Ballon-HEXE, built in collabarat
between MPE and IAAT) in the late 1980s and early 1990s, five cyelotron
line sources were discovered (see Table 3.1), includingdlieces Vela X-1 and
GX301-2, which are the main objects of this thesis.

Only a few years later the X-ray satellitRX TE andBeppoSAXwere launched
in 1995 and 1996, respectively. These observatotikssex! broad band spectral
coverage from-1 keV to over 100 keV (for a description &XTE see chapter 4
and for a description oBeppoSAXsee Boella et al. 1997) and were thus espe-
cially well suited for the search for cyclotron features lie tspectra of accret-
ing X-ray pulsars. These two satellites discovered eight eylotron lines (not
counting multiple lines). An overview of the cyclotron ls&nown at the time of
the writing of this thesis is given in Table 3.1.

But not only new cyclotron sources were discovered in themegears, but also
previously unknown higher harmonics were discovered. Ny dU 0115+63
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Table 3.1: Overview of all sources which are known to exhipitlotron lines. The ques-
tion mark in the case of LMC X-4 and OAO 165715 denotes that a cyclotron line has
been reported for these sources, but not yet confirmed. Taeerees given refer to the
discovery of the fundamental or harmonic lines or their comdition. This list also includes
the newly discovered cyclotron line of the transient solie€0656-072.

Source name Ecyc References
keV
4U0115+63 14, 24, 36, 48, 62 Wheaton et al. (1979, HEAO-1),

Heindl et al. (1999b, RXTE)
Santangelo et al. (1999, SAX)

4U 190409 18, 38 Cusumano et al. (1998, SAX)

4U 1538-52 20 Clark et al. (1990, Ginga)

Vela X-1 24,52 Kendziorra et al. (1992, Mir-HEXE),
Kreykenbohm et al. (2002a, RXTE)

V 0332+53 27 Makishima & Ohashi (1990, Ginga)

Cep X-4 28 Mihara et al. (1991, Ginga)

Cen X-3 29 Santangelo et al. (1998, SAX),
Heindl & Chakrabarty (1999, RXTE)

X Per 29 Coburn et al. (2001, RXTE)

MX 0656-072 35 Heindl et al. (2003, RXTE)

XTE J1946:274 36 Heindl et al. (2001, RXTE)

OAO 1657415 367 Orlandini et al. (1999, SAX)

4U 1626-67 37 Orlandini et al. (1998b, SAX),
Heindl & Chakrabarty (1999, RXTE)

GX 301-2 37 Mihara (1995, Ginga)

Her X-1 41 Trimper et al. (1978, Ballon-HEXE)

A0535+26 50, 110 Kendziorra et al. (1992, 1994, HEXE),
Maisack et al. (1997, CGRO)

LMC X-4 1007 Barbera et al. (2001, SAX)

showed a secondary line, but also 4U 1909, Vela X-1, and A 053526 (see
Table 3.1). An outburst of 4U 01453 observed byRXTE and BeppoSAX
however, revealed in a detailed analysis not only the tweslialready found by
White et al. (1983), buthree additional higher harmonics — a total of five cy-
clotron lines (see Fig. 3.9 and Heindl et al. 1999a; Santarejeal. 1999; Heindl
& Chakrabarty 1999), making this source the record holdesragthe cyclotron
sources.
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The Rossi X-ray Timing Explorer

The Rossi X-ray Timing ExplorerRXTE) was named after Bruno B. Rossi,
the Italian born American astrophysicist who worked in tleddfiof solar X-ray
emission. In this chapter, the most important charactesisf the satellite and its
instrument will be described, while the the satellite itsgld the mission objec-
tives are described in great detail by Bradt et al. (1993)tantnical details in
XTE-Staf (1995).

RXTE covers a broad energy range from 2 keV to over 200 keV. Sirise#m-
not be accomplished using just one single instrumBXTE uses two dierent
instruments for pointed observations:

1. atlower energies (2—-60 keV) tReoportional Counter Arraf{PCA; Jahoda
et al. 1996), built at the Goddard Space Flight Center (GS&@)

2. at higher energies (15-250keV) thiigh Energy X-ray Timing Experi-
ment(HEXTE; Rothschild et al. 1998) built at the Center for Astrophgsic
and Space Sciences (CASS) of the University of Californi8at Diego
(UCSD).

Furthermore, as outlined in chapter 2, the X-ray sky is sflypmariable: pre-
viously unknown sources might appear for a short time peféod., the newly
discoveredNTEGRAL source IGR J175442619 Sunyaev et al. 2003), a previ-
ously seen but due to very long quiescence lost source migitiesly reappear
(e.g., MX0656-072 was recently rediscovered wiRXTE; the last data on this
source arédriel observations of the 1975 outburst Remillard & Marshall 2003
a known transient might have an outburst (e.g., XTE JE583 Dubath et al.
2003), or A0535-26 where many scientists are eager awaiting the next (major)
outburst; almost 10 years passed since the last outburkisosource in 1994
(Finger et al. 1994a), or a well known source might do somethinusual or
unexpected, e.g., the anomalous low state of Her X-1 (Omstek et al. 2001,
Still et al. 2001). Therefor®XTE has a third instrument: the All Sky Monitor
(ASM,; Levine et al. 1996). As soon as tlSM discovers something unusual or

67
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Figure 4.1: Schematic of thRXTE spacecraft. The five rectangle structures taking up
most of the satellite are the five Proportional Counter U(€Us) composing the low
to medium energy instrument, the Proportional Counter YA(RCA). The two square
instruments left of thePCA, consisting of four detectors each are the two High Energy
X-ray Timing Experiment HEXTE) clusters A and B. The All Sky MonitorASM) is
located at the right side dRXTE with a clear view to most of the sky. Above tHRCA

are the two star trackers used for positioning the satdditeted. The two antennas extend
to the left and the bottom. On the right and left side of thelttt are the solar panels.
Figure from Wilms (1998).

of otherwise great importance, the project scientist caideeto abort the current
observation and point the satellite at the region of inte®@XTE’s high slewing
speed of~6°/minute allows to point the satellite in almost any directinrless
than one hour.
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Figure 4.2: The South Atlantic Anomaly as measuredREYSAT (Snowden 1996). The
most intensive particle flux is located south-ed$tlee Brazilian coast.

4.1 The Spacecraft

RXTE was launched in 1995 December 30 by a Delta Il rocket from theriedy
Space Flight Center into a low earth orbit (LEO), about 580dmove the earth
with an inclination of ca. 23 degrees (deetp: //rxte.gsfc.nasa.gov/docs/
xte/XTE.html). This corresponds to an orbital period of about 90 Minutes;
therefore cannot keep contact with a fixed ground statiostead the TDRSS-
System is used to stay in contact with the satell®RXTE uses a steady down-
link of about 20 kbits per second and has access to a high spmedlink of
256 kbits per second once a day for about half an houfoarid 2 kbits per sec-
ond for 15 minutes through its (originally two) high gain @mbas — while one
antenna transfers data, the other one locks onto the nexSED#atellite. Un-
fortunately, only one of these antennas is still working.r &etails on teleme-
try and on-board electronics, see the technical appendavéilable atftp:
//legacy.gsfc.nasa.gov/xte/nra/appendix_f/global.

A very serious problem for all satellites, but especially Xaray satellites are
the radiation and particle belts around the earth discaMeyehe first US satellite,
Explorer 1 (van Allen 1958; van Allen et al. 1959). These atidh belts, named
after their discoverenvan Allen belt$are due to the specific configuration of the
magnetic field. Since thRXTE is in low Earth orbit, it is far below the lowest
van Allen belt which is found at a height of about 1000 km aretéforeRXTE
is protected from the aggressive particle radiation. Ingheth Atlantic south-
east df the coast of Brazil, however, the configuration of the maigrfetld of
the Earth is slightly dierent: the magnetosphere has a dent in this area such that
the high energy particles usually captured inside the vdanAbelts can enter
this zone. As a result, a very intense particle backgroumésent in this area
(the South Atlantic Anomaly, SAA; see Fig. 4.2). This pddibackground is
responsible for very high count rates in the detectors ofsthtellite and thus
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renders any scientific observations useless and in the Epsgpmrtional counters
even endangers the instruments themselves. Thereforestihernents are usually
shut df or lower the high voltage of the proportional counters whengatellite
passes through the South Atlantic Anomaly.

4.2 Instruments

421 PCA

The PCA consists of five co-aligned Xenon proportional countera(iRCUSs).
Each of these units again consists of several layers: afha fpropane layer
which acts as a Veto Layer. The propane layer is followed getiXenon detector
layers. At the bottom is another veto layer, filled with Xergas (see Fig. 4.3).
Each of these five layers is a full featured proportional ¢eufor a detailed
description of the physics of proportional counters, seaip@n 1993, p. 97).
Due to the size of these layers, a net of anodes is used instehd classical
single anode (see Fig. 4.3). The outermost anodes of the tetection layers
are not connected to the detection net, but also act as vatdgers. The two veto
layers (top and bottom) and the veto counters on each sidzcbflayer allows to
discriminate between unwanted photons (or particles)et¢he PCA from the
side or below the instrument and source photons from abavendke sure that
only source photons get detected from above, a collimatéoimt of each PCU
limits the field of view (FOV) to 1 degree. A FOV of 1 degree isially limited
enough to distinguish between two X-ray sources, even waed fields like the
Galactic center. If, however, two sources are located bidsegether, e.g., AGN
in the Marano field (Marano et al. 1988) or the so called “deytllsar”, two
pulsars with an angular separation of just 15 arc minutessisting of the two
pulsating sources 2E 1145.6141 and 2S 114519, Lamb et al. 1980; White
etal. 1978, 1980)RXTE-PCA is unable to make separate observations of these
sources, althoughfBcenter observations (such that always one source is eutsid
the field of view) have been tried. Such observations areghew very dificult
to analyze as the ancillary response is badly known for saalce positions.

Taking all source detection layers of all PCUs togetherRi@2A has a total
effective area 06000 cnf and a nominal energy range from 2 to 60 keV with an
energy resolution of 18% at 6 keV in the beginning. As timeeavon, however,
certain PCUs (PCU 4, at first, followed by PCU 3) started tonshoexpected
behavior: breakdowns were observed occasionally. Jatltaa(@996) proposed
that this was caused by sparks within the Xefhbethane chambers resulting in
polymerization of the quenching gas. To increase thefifetdf the PCUs, several
measures were taken:
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Figure 4.3: Schematic of one of the five Proportional Coubleits (PCUs) of thePCA.
Figure from Wilms (1998).

1. the detectors in question were sometimes switcliew det them rest even
during science observations. Later on, all detectors wieetad such that
all detectors are periodically switchedf.o While at the beginning of the
mission,five PCUs were available to the observer, in the most recent an-
nouncement of opportunity (AO9), in average oty PCUs are switched
on at the same time.

2. Until 1996 March 21, the high voltage of the PCUs was lowe¢oe1000 V
during SAA passage. After 1996 March 21 they were switch@&dam-
pletely.

3. The high voltage during science observations was alsogeth it was low-
ered from 2000V in the beginning to about 1950V in two stepd 986
March 21 and 1996 April 15. On 1999 March 22, the voltage wasted
to setting 4 instead of setting 5.

A side dfect of the voltage changes is an increased nominal energy faom
2keV to 60keV to now to 2 keV to over 100keV. This, howeverutes] in a
deterioration of the energy resolution of the instrumemtisDf course also means
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that a diterent response matrix and a new background model are needtubf
differentgain epochsThis is especially problematic for epoch 1 (launch — 1996
March 21) and even worse for epoch 2 (1996 March 21 — 1996 Apil since
these epochs are very short and only very limited calibnatiata are available
resulting in larger uncertainties in the response matriktAe background model.

During AO4 in 2000 May 12, the propane chamber of PCU 1 stdeaking
and emptied within one day. This resulted in a significamttyéased background
in the three detection layers of this PCU thus rendering tita ffom this PCU
difficult to analyze.

The PCA background consists of three components:

o the difuse cosmic X-ray background, which is generally believezbtusist
of unresolved AGN and other X-ray sources (Comastri et @51 8atteo
et al. 1998; Comastri et al. 1999; Fiore et al. 1999; Moranle2@01;
Hasinger 2002),

e a particle background consisting mainly of energetic pistand electrons,
but also other particles. These particles interact withdigtector in a simi-
lar way as X-ray photons,

¢ internalbackground produced by interaction between high enerdicles
(and photons) with the detector and the satellite itsetf,, eluring SAA
passages. Especially during the SAA passages, the agtivaitihe satellite
materials is very obvious: after SAA passage, an exporiatgzay of the
background can be observed.

Background subtraction in theCA is done by a model as the instrument is con-
stantly pointed at the sourkeFor the analysis of Vela X-1 and GX 392 data,
the Sky _VLE-model (see Stark 1997, for a description) was used, as ®ppp
ate for these bright sources. The backgrounB6A is shown in Fig. 4.4.

For calibration purposes, thRCA uses £*Am source 2*?Americium is ane-
emitter which emits characteristic photons with an enefd006 keV at the same
time. A smalla-detector located along with the Americium source, detides
particles emitted by the Americium source. Any photon detgevithin thePCA
at the same instant must have an energy of 59.6 keV thus makirsgitomatic
gain correction possible.

Although thePCA has a nominal energy range from 2 to over 100 keV (after the
gain change), thasefulenergy range is usually limited to energies between 2 keV

1At the beginning of the mission, when the background mode stél not working properly,
another possibility was to use Earth occultation data tainlat decent background (e.qg., Kreykenbohm
et al. 1999). In later AOs, however, the PCUs were also ussalitched df during Earth occultation.
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Figure 4.4: Background spectrum of tRe&€A. The very strong emission “line” between
4 keV and 5keV is the Xenon L-edge; the Xenon-K edge is fourttligty keV. The other
features are due to various lines from activated spaceaniatirials.

and at most 30keV. The reason for this severe limitation ésXknon K edge
located at 34.6 keV. Close to this edge, tlkeetive area of thé’CA is reduced
from more than 6000 cfrbetween 6 keV and 10keV to less than 1°dpetween
32keV and~34.6 keV. Above the Xenon K edge at 34.6 keV, tliieetive area
reaches again about 1000%rbut the response matrix is not well understood in
this regime and thelEXTE is the better instrument than tiRCA above~25 keV.

4.2.2 HEXTE

The High Energy X-ray Timing Experiment built at the Center Astrophysics
and Space Sciences of the University of California at Sag@i@CSD) is a
further developed version of the A4 detector of the High gekstrophysics
Observatory (HEAO) (Matteson 1978). THEXTE consists of two clusters of
four Nal(Tl)/Csl(Na)-Phoswich scintillation detectors (for a desdoiptof scin-
tillation detectors, see, e.g., Gerthsen & Vogel 1993) eadfich are sensitive
from 15keV to 250keV. For a very detailed description of thstiument, see
Rothschild et al. (1998); I will only mention the most relav@oints here.

All eight detectors are all alike, a schematic of one detdstshown in Fig. 4.5.
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Figure 4.5: Schematic of one of the eigfEXTE detectors. The source photons enter from
above passing the collimator and exciting scintillatiaghtiin the sodium iodine (doted
with Tellurium) crystal. The second crystal below (Caesnuoiine doted with sodium) is
much thicker; it detects background photons which are emg¢he detector from the sides
or the bottom. The resulting scintillation light is then difipd by the photomultiplier tube.
The diferent decay times of the light emitted by the two crystals250s for Nal(Tl),

~ 1us for Csl(Na) (Grupen 1993) — allow for a discrimination beém scintillation events
in the two crystals: an event is only accepted, if the light hadecay time of .@5us
corresponding to an event in the Nal(Tl) crystal assumitag tio other anti coincidence
flag is raised. Figure from Wilms (1998).

In front of each detector, a collimator similar to tREA is mounted which limits
the field of view to one degree. Also similar to tREA, an?*!Americium source
is used for calibration purposes. It is mounted in the cdtion inside the field of
view (see Fig. 4.5).

The two clusters together have a total net detector areaQff A& at 50 keV.
As the magnetic field changes due to the inclinatioR&fTE’s orbit and since the
photomultipliers are sensitive to such changes, the whetleotior is encased in a
magnetic shielding. Furthermore, also an anti-coincidesigeld against charged
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Figure 4.6: Spectrum of thdEXTE background for clusters A and B. The background is
dominated by internal activatiorffects (Rothschild et al. 1998). | obtained more detailed
information on the background directly from th&EEXTE-Team at UCSD (Gruber 1997):
the most prominent line at30 keV is a blend of X-rays from Tellurium and lodine: cosmic
rays and high energy particles trapped in the magnetic fielldeoEarth interact witd27|

of the detector, often destroying the lodine nucleus (stedalpallation), leaving several
unstable nuclei, which upon decay emit X-rays around 30 Ré\é line at 58 keV is due
to inelastic scattering of neutrons &#1. The prominent line between 60 keV and 80 keV
is also a blend of lines consisting of iKX-rays from the lead of the collimator, as well as
from 125, The next prominent line at 191 keV has been identified beling to123]. The
overall continuum is due t#8| produced by neutron capture &% andg— andg+ decays

of many diferent unstable nuclei produced by spallation. The shifvbeh both clusters
is due to cluster B having only three fully functional det#st while cluster A still has all
four detectors.

particles is present to minimize the background. Neveeiwethe background
of these detectors is much higher than the background oP®; in fact it is
usually also much higher than the source signal (for the esaigy bright sources
discussed in this work, Vela X-1 and GX 362, the background and the source
are equally strong at30 keV. At~70keV, the background is stronger by a factor
of 100). Furthermore the spectrum of the background is niptild is full of lines
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which make it vital to know the background exactly (see Fi§)4

Background subtraction IHEXTE is done by source-background swapping of
the two clusters every 32 s throughout the observationst{@ret al. 1996). To
avoid any accidental contamination of the background byoager X-ray source,
the clusters have several background positions (“plus™aridus”), such that a
“plus” and a “minus” background can be extracted.

This high background is also in part responsible for thetiredly high dead-
time fraction, ranging usually between 30% and 40% thuscaieduthe dfective
on-source time significantly. A second reason for the highdtieme are very en-
ergetic cosmic rays that result in long lived excitatioriestan the crystals.

Early in the mission an electronics failure left one detestahe second clus-
ter unusable for spectroscopy, thus reducing ffiectve area of second cluster
by 25%. Apart from this unfortunate incident, there haverbee other relevant
events in theHEXTE. Due to the continuous automatic gain control (Pelling et al
1991), the response matrix is also constant over the years.

4.2.3 ASM

The All Sky Monitor (ASM) was built at the Massachusetts Institute of Technol-
ogy (MIT). Its purpose is to scan most of the X-ray sky at leaste per day using
three scanning shadow cameras (SSCs). One of these threeasasshown in
Fig. 4.7. Each of these cameras has a field of view 66&& enabling it to ob-
serve a significant fraction of the sky. The cameras remathérsame position
for ninety seconds and then move to a new position. Thus althescomplete
sky (~80%) is scanned at least once per day. The only exceptioncsuwte the
region too close to the sun.

Since 90 x 6° is a very wide field of view, conventional techniques likema-si
ple collimator (as used for theCA and theHEXTE) are useless and afférent
technique is used: on top of each SSC is a coded mask whichigeed compli-
cated shadowgram. As detector a position sensitive prigpaitcounter (PSPC)
is used which is sensitive from2 keV to 12 keV covering a significant part of
the energy band from softer to harder X-rays. A PSPC is venjlai to a normal
proportional counter except that it has several anodesemsipg on which anode
registers the photon, some spatial information can be daine

The coded mask on top of&SM camera is opaque in certain parts while being
transparent in other parts. The result is a distinct “shddhuch is registered by
the PSPC. This shadowgram is then used to reconstruct thimalrsky image.
Coded masks are a very complicated subject and the detad¢itematics are
very complicated and will therefore not be discussed heree Broctor et al.
(1979) for good introduction into the subject and, e.g.n8kr et al. (1987) and
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Figure 4.7: Schematic of one camera of the All Sky Monité&\1). The ASM uses three
of these cameras to monitor the complete visible sky (exioephe region around the sun)
at least once per day. Figure from Wilms (1998).

Willmore et al. (1992) for a description of the analysis nueth and mathematics
required for coded mask telescopes. The mask oAtBE! consists of aluminum
divided into 6x 2 sections. Each of these sections again contains 15 opettand
closed elements in a carefully chosen pattern. The codel t@alsnique used by
the ASM allows a spatial resolution of ¥ 15'.

4.3 Software

For data screening and extraction fiEOOL Sversion 5.2 software package pro-
vided by NASAs High Energy Astrophysics Science Archive é&gsh Center
(HEASARC) was uset For spectral analysis{SPEC (Arnaud 1996) Version
11.2 (usually with a recent patch version; as of now patcélleh).

4.3.1 Phase resolved spectroscopy

As discussed in Section 3.3, the observer (i.e. the deteotoRXTE) observes
the X-ray emitting region of an accreting pulsar under a tamty changing view-

2seehttp ://rosat.gsfc.nasa.gov/docs/software/ftools/ftools_menu.html.
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ing angle due to the rotation of the neutron star. Due to thistantly changing
viewing angle, the observed part of the accretion columnanay emitting re-
gion is also constantly changing. fBérent parts of the emission region presum-
ably have a dferent spectrum; therefore it is quite problematic to siniplggrate
over a whole rotational period of the neutron star. Theefodiferent approach
is requiredphase resolved spectroscdpiegrates only data from a specific phase
of the rotational period.

The FTOOLSpackage include the todsebirnwhich allows to generate phase
resolved spectra frofPCA and HEXTE data. This tool, however, has several
major drawbacks:

1. the exposure time per bin for long period pulsars was somstcompletely
wrong, sometimes even producing negative exposure times

2. although this tools is able to work ¢EXTE data in principle, it ignores
the HEXTE dead time correction. Since the deadtime in HEEXTE is
usually about 40 %, this also leads to wrong exposure timestlaums to
wrong background subtraction rendering the resultingtspemusable

3. the HEXTE background could not be phase resolved, which is no prob-
lem for pulsars with relatively short periods like Hercukd with a pe-
riod of ~1.24s (Pravdo et al. 1978). For pulsars like Vela X-1 (Tsunem
1989; Deeter et al. 1989, pulse period83 s) or GX 3012 (Nagase et al.
1984, pulse period-685s) which are the main objective of this work, a
phase resolved background is required since the backgaamchange on
timescales of a few seconds, whereas the phase bins in theg@ériod
pulsars are easily much longer (in the case of GX-301:120s)

4. fasebirreads parameters like the pulse period only from the pubsabdse,
which is sdficient for very stable sources like radio pulsars, whereasetc
ing X-ray binaries exhibit rapid changes in the pulse pe(iodsterbroek
et al. 2001; Koh et al. 1997, see, e.g.,), thus requiringtemghanges to
the database.

Since this tool does not provide usable phase resolvedrapegither for the?CA

nor theHEXTE, an alternative had to be found. Another way to generategphas
resolved spectrais to ugeod time interval§¢GTI files), which contain the appro-
priate good times for each phase. This approach, howeveegryspainful since

it requires the generation of dozens of GTI files which agaivehto be merged
with usualHEXTE GTI files and so forth. Furthermore this merging may result
in very tiny good time intervals and it is not known how thenstard extractor
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handles thousands of these tiny intervals. Therefore waldddo modify the
code offasebinappropriately.
| changed the source code in a way thdasebinis now able

1. to produce phase resolved background spectra foHEETE. Phase re-
solved background spectra for tiRCA are not possible, since tHeCA
background data uses a 16 s time resolution and a data modepymrted
by (ik)fasebin

2. to produce correct exposure times RCA data by removing a bug in the
subroutine responsible for the calculation of the exposinre for binned
PCA modes.

3. to create also dead time histograms fortiteX TE such thaHEXTE spec-
tra now also take the dead time into account

Wayne Coburn from CAS8CSD (now at the Space Science Laboratory, UC
Berkeley, Berkeley) enableitfasebinto read some pulsar parameters not only
from the database, but also from command line. He and Rodimaok were
very helpful with testingkfasebinwith many diferent sources and validating the
results ofikfasebin

Since the ability ofikfasebinto take the dead time dflEXTE into account
is completely new and not very simple to implement, the ptdoce shall be de-
scribed in the following.

A HEXTE light-curve generated by the standd&@OOL seextractontains
the deadtime correction factor for every instrument dagang (IDF) which is
16 s long. A dead time histogram is accumulated along witmtrenal spectral
histogram for each phase bin. These contributions to thedrism are computed
from the dead time correction factors it X TE-lightcurve with a resolution of
0.1s (this parameter can also be changed by the user from andchlime, but a
resolution of 0.1s worked very well for all tested obsemwas). After the accu-
mulation is complete, an average dead time correction féstderived for each
phase bin.

ikfasebinwas tested thoroughly usingfférent sources and exposure times; the
difference of the resulting total exposure time of the phasdvwed@nd phase-
averaged spectra is usually less than 0.1%. Apart from Vela e tool has
successfully been used to create phase-resolved spectr®erf and for several
other X-ray pulsars (Coburn et al. 2001; Coburn 2001; Hedtdll. 2000).

The code has not yet been made public by putting it on the Wbkt Web
pages, but it is available upon request.
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CHAPTER 5

Confirmation of two cyclotron lines in Vela X-1

In this chapter, pulse phase-resolved X-ray spectra of itfie thass X-ray bi-
nary Vela X-1 using the Rossi X-ray Timing Explorer are prasd. This chapter
is focused mainly on the discussion of the existence of twadatson resonant
scattering features observed in the spectrum of Vela X-lec@pemphasis is
put on the first line at24 keV as the existence of this line has been strongly de-
bated in the past and is still a matter of discussion sinceag mot observed in
BeppoSAXdata (La Barbera et al. 2003). This chapter provides evielémat a
spectral feature is indeed present@4 keV which is interpreted as the funda-
mental cyclotron line.

Since this chapter is based on the publication Kreykenbahah €2002a), it
adopts a similar structure and also adopts the “we-styletiuis that paper.

The remainder of this chapter is structured as follows: .Se@ describes
the relevant calibration issues, the software used for ttayais, and the data.
Sect. 5.3 gives an overview of the spectral models usedydntres pulse phase
resolved spectroscopy, and discusses the evolution opttral parameters over
the pulse in 16 phase bins. Later we use fewer bins to incthasggnificance and
discuss the behavior of the 25keV and 50 keV CRSFs fifeint pulse phases.
In Sect. 5.4 we discuss the existence of the 25keV line aridweawur findings in
the context of the other cyclotron sources.

81
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5.1 Introduction

Vela X-1 (4U 0906-40) is an eclipsing high mass X-ray binary (HMXB) consist-
ing of the BO.5Ib supergiant HD 77581 and a neutron star witlordital period
of 8.964 days (van Kerkwijk et al. 1995) at a distance-&f0 kpc (Nagase 1989).
The optical companion has a mass-@3 M and a radius 0£30 R, (van Kerk-
wijk et al. 1995). Due to the small separation of the binastesn (orbital radius:
1.7R.), the 1.4 M, neutron star (Stickland et al. 1997) is deeply embeddeden th
intense stellar wind (% 10°M,, yr-!; Nagase et al. 1986) of HD 77581.

The neutron star has a spin period~#83 s (Rappaport & McClintock 1975;
McClintock et al. 1976). Both spin period and period deixahave changed
erratically since the first measurement as is expected fond accreting sys-
tem. The last measurements with the Burst and Transientc8dExperimerit
(BATSE) resulted in a period 0£283.5s.

The X-ray luminosity of Vela X-1 is-4 x 10%%ergs?, which is a typical value
for an X-ray binary. Several observations have shown tleastiurce is extremely
variable with flux reductions to less than 10% of its normdliggKreykenbohm
et al. 1999; Inoue et al. 1984). In these instances it is notknwhether a clump
of material in the wind blocks the line of sight or if the adiwe itself is choked.

The phase averaged X-ray spectrum of Vela X-1 has been ntbdélea power
law including an exponential cufio(White et al. 1983; Tanaka 1986) or with
the Negative Positive EXponential (NPEX-model; Mihara398ee also Eq. 5.1
below). The spectrum is further modified by strongly varyaigsorption which
depends on the orbital phase of the neutron star (Kreykeniedhl. 1999; Haberl
& White 1990), an iron fluorescence line at 6.4 keV, and oagaaly an iron edge
at 7.27 keV (Nagase et al. 1986). A cyclotron resonant soagtéeature (CRSF)
at ~55keV was first reported from observations whHEXE (Kendziorra et al.
1992). Makishima et al. (1992) and Choi et al. (1996) regber absorption
feature at~25keV to 32 keV fromGingadata. Kreykenbohm et al. (1999) using
observations with the Rossi X-ray Timing ExplorédeXTE) and more detailed
analysis of oldeHEXE and Gingadata (Kretschmar et al. 1996; Mihara 1995)
supported the existence of both lines, while Orlandini eti#198a) reported only
one line at~55keV based omBeppoSAXobservations. Later observations with
RXTE also cast some doubt on the existence of the 25keV line (Kmyhm
et al. 2000).

1see http://www.batse.msfc.nasa.gov/batse/pulsar/data/sources/velaxl.html
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Figure 5.1: Ratio of PCA and HEXTE data to the best fit modelaf@@rab observation
(obsid 40805-01-05-01, 1999 December 12). The two powes,lavhich represent the
nebula and pulsar, had photon indidgs= 2.25"333 andI'; = 1.88'5.33 respectively. A
single power law model gaye= 2.13+ 0.02, which is in agreement with recent observa-
tions by XMM-Newton (Willingale et al. 2001). The®CA response matrix was created

with PCARSP 2.43

5.2 Data

We observed Vela X-1 with thRXTE in 1998 and again in 2000. The first obser-
vation inRXTE-AO3 was made 1998 January 21 (JD 2450835.32) to January 22
(JD 2450836.05) resulting in 30 ksec on-source time. Duttiigjobservation we
encountered an extended low (see Fig. 5.2); therefore weuseld data taken af-
ter the extended low, starting about 8 hours after the baggrof the observation
at JD 2450835.64 (see Fig. 5.2). The second observatiom\RETE-AO4 and
took place 2000 February B (JD 2451577.71 — JD 2451579.22) resulting in
60 ksec on-source time. Figs. 5.2 and 5.3 showRB& light-curves of the 1998
and 2000 observations.

For a detailed description of teXTE and its instruments, see Chapter 4. Only
the topic specific to this analysis will be discussed shantiye following.

For thePCA, the response matrix was generated ViBARSR version 2.43.
To account for the uncertainties in tRECA-response matrix, we used systematic
errors as given in Table 5.1. These numbers were derivedtimgfa two power
law model simultaneously toRCA andHEXTE spectrum of the Crab nebula and
pulsar (see Fig.5.1). See Wilms et al. (1999) for a discussidhis procedure.

After the analysis was completed and while this publicati@s in preparation,
FTOOLS Patch 5.0.4vas released, introducingCARSPversion 7.10. Tests
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Figure 5.2: RXTE PCA light-curve of the 1998 observationeThriability is not only due
to the flaring, but also due to the 283 s pulse. In this and Bdhang light-curves, the count
rate has been normalized to one PCU. The temporal resolaofitive light-curves is 16s
and covers the entire energy range of B@A. The gaps in the light-curve are due to Earth
occultation and passages through the South Atlantic Anpnidbte the extended low in
the first half of the observation: itis probably due to a maesbiob of cold material passing
through the line of sight. As this paper is dedicated to pitaselved spectroscopy and the
existence of the CRSFs, this data was excluded from our sisadyd we do not discuss
this phenomenon here. For a detailed discussion, see Kmnetscet al. (1999). After the
extended low, Vela X-1 was flaring and remained so until tre@rthe observation.

using the new response matrix, however, show that the hgséfameters are
only marginally diferent compared to the old matrices, with the onlfetence

being a~30% larger value of the hydrogen column and virtually nedence at
higher energies.

Our light-curves and phase-resolved spectra were obtdioedbinned mode
data with a temporal resolution of 250 ms and 128 spectrairoda. Due to the
gain correction present in these data in the PCA experimatat system, some
pulse height analyzer (PHA) channels remain empty. Thiblpro is known and
handled properly byPCARSP(Tess Jé&e, priv. comm.). For clarity, these zero
countgsec channels are not shown in our figures. We therefore usdeGA in
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Vela X-1 (2000)
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Figure 5.3: RXTE PCA light-curve of the 2000 observation@stifie 1998 observation in
Fig. 5.2. Gaps in the light-curve are due to SAA, Earth oatidh, andRXTE observing
other sources.

the energy range from 3.5-21 keV (corresponding to PHA célar+-45) in our
analysis and relied on théEXTE data above this energy range.

For theHEXTE, the response matrices were generated WXTRSFE, version
3.1. We usedHXTDEAD Version 2.0.0 to correct for the dead time. To improve
the statistical significance of our data, we added the datathfHEXTE clusters
and created an appropriate response matrix by using a \w@ighting to account
for the loss of a detector in the second cluster. This cantedysdone as the two
cluster responses are very similar. To further improvetdigssical significance of
the HEXTE data at higher energies, we binned several channels togetigé/en
in Table 5.2. We chose the binning as a compromise betweegsised statistical
significance while retaining a reasonable energy resalufitie binning resulted
in statistically significant data from 17 keV up to almost k@¥ (we detect the
source at-75 keV with a 3 significance in the pulse phase resolved spectra and
50 in the phase averaged spectra) in the 2000 observation.

All analysis was done using theTOOLSversion 5.0.1 dated 2000 May 12.
We usedXSPEC11.0.1aj, (Arnaud 1996) with several custom models (sem\yel
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Table 5.1: Systematic errors applied to tREA-data to account for the uncertainties in
the 2.43 and 7.10 version of thRCA response matrices. We used the response matrix
generated byPCARSP 2.43o derive the results presented here (see text).

Channels keV Syst. (2.43) Syst. (7.10)

0-9 1-5 1.0% 0.3%
10-15 5- 8 1.0% 1.3%
16 -26 8§-12 0.5% 1.3%
27-39 12-18 0.5% 0.3%
40-58 19-30 2.0% 2.0%

Sect. 5.3.1) for the spectral analysis of the data. To cra@ise-resolved spectra
we modified the=TOOL fasebinto take theHEXTE dead-time into account. For
a more detailed description of this tool and the changesSseton 4.3.1.

5.3 Spectral Analysis
5.3.1 Spectral Models

Since probably all accretion powered X-ray pulsars havallpsuper-Eddington
flux at the polar cap (Nagase 1989), a realistic, self-ctarsicalculation of the
emitted spectrum is extremelyfficult. Both radiative transfer and radiation
hydrodynamics have to be taken into account at the same tseakerg et al.
1998b). Although this problem has been investigated forymaars, there still
exists no convincing theoretical model for the continuunaaéreting X-ray pul-
sars (Harding 1994, and references therein). Most probétdyformation of
the overall spectral shape is dominatedregonantCompton scattering (Nagel
1981b; Mészaros & Nagel 1985; Brainerd & Mészaros 1991;r&tu& Dermer

Table 5.2: Binning of theHEXTE data. We chose the binning to get good statistical
significance for each bin while also maintaining good eneegylution. Therefore we did
not bin the channels below 40 keV. Factor is the number of mélarbinned together. Raw
channels are approximately 1 keV in width.

Channels Factor

1- 39 1
40- 69 3
70-109 8

110-255 32
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1994; Alexander et al. 1996). This should produce a roughlygr-law contin-
uum with an exponential cufioat an energy characteristic of the scattering elec-
trons. Deviations should appear at the cyclotron resomeaertg, i.e. the cyclotron
lines. Because the process is resonant scattering, asexpfiabsorption, it is
natural to call “cyclotron lines” “cyclotron resonant siesiing features”. Because
of the computational complexities associated with modgtive continuum and
CRSF formation, this type of Comptonization has been far $#gdied thather-
mal Comptonization (Sunyaev & Titarchuk 1980; Hua & Titarchu89%), and
empirical models of the continuum continue to be the onlyasptor data analy-
sis.

Due to the general shape of the continuum spectrum, the e@pinodels all
approach a power-law at low energies, and have some kindtoffat higher
energies (White et al. 1983; Tanaka 1986). The CRSFs arer@itbdeled as sub-
tractive line features or through multiplying the continuwith a weighting func-
tion at the cyclotron resonant energy. As we have shown pusly (Kretschmar
etal. 1997), a smooth transition between the power law amdxponential cutd
is necessary to avoid artificial, line-like features in tipecral fit. This transi-
tion region is notoriously dficult to model. See Kreykenbohm et al. (1999) for
a discussion of spectral models with smooth “high energpftsit such as the
Fermi-Dirac cutd (Tanaka 1986) used in our analysis of the AO1 data (Kreyken-
bohm et al. 1999), and the Negative Positive Exponentialeh@dPEX; Mihara
1995; Mihara et al. 1998).

In this paper, we describe the continuum of Vela Xkdn, using the NPEX
model,

lcont(E) & (E—rl +aE+F2) x e E/EF (5.1)

wherel's > 0 andl'> = 2 (Mihara 1995) and whergr is the folding energy of the
high energy exponential cuto In our experience, this model is the most flexible
of the diferent continuum models. For Vela X-1, the continuum betwéand
15keV is better described with the NPEX model than the Fédirae cutdf. The
CRSFs are taken into account by a multiplicative factor

I (E) « lcontexp(—TcaBs(E)) (5.2)
where the optical depthgags, has a Gaussian profile (see Coburn et al. 2002,
Egs. 6,7),
1{E-Ec\?
TGABS(E) =1cX EXF{—E ( C) ] (5.3)
oc

HereEc is the energyyc the width, andrc the optical depth of the CRSF.
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We note that the relationship between the parameters ofrtipgrieal contin-
uum models and real physical parameters is not known. Bedaesmal Comp-
tonization spectra get harder with an increasing Comptparameter, it seems
reasonable to relate the characteristic frequency of thereential cut, Er, with
some kind of combination between the (Thomson) opticalldapt the temper-
ature (see, e.g., Mihara et al. 1998). Because of the cortyptEthe continuum
and line formation, however, we caution against a liter&@rpretation of any of
the free parameters that enter these continuum models, #ndotvattempt to
present any interpretation here (note, however, that toltyn line parameters
do have a physical interpretation).

5.3.2 Pulse Phase-resolved spectra

During the accretion process, material couples to the gtnoagnetic field of the
neutron star at the magnetospheric radius. This materizhasineled onto the
magnetic poles of the neutron star, where spots on the suofabe neutron star
are created (Burnard et al. 1991, and references theréiti}e magnetic axis is
offset from the spin axis, the rotation of the neutron star giigsto pulsations
(Davidson & Ostriker 1973), as a distant observer sees thiimgnregion from
a constantly changing viewing angle. Because the emissibighly aniostropic,
the spectra observed duringférent pulse phases vary dramatically. This is espe-
cially true for CRSFs whose characteristics depend styoogthe viewing angle
with respect to the magnetic field (for an in-depth discussiee Araya-Géchez
& Harding 2000; Araya & Harding 1999; Isenberg et al. 1998i] aeferences
therein). This dependence can in principle be used to ihfegeometric proper-
ties of the emission region and the electron temperature.

To obtain phase-resolved spectra, the photon or bin timee tery-centered
and corrected for the orbital motion of Vela X-1 using the epleris of Nagase
(1989). Then the pulse phase was calculated for each tim@dsithe PCA) or
for each photon (for thelEXTE) and then attributed to the appropriate phase bin.
Using epoch folding (Leahy et al. 1983), we determined tHegperiod for each
observation individually. We derived pulse period$gfise= 2835+ 0.1 s for the
1998 data andPpyise= 2832+ 0.1s for the 2000 data (using JD24442546637
as the zero phase for both observations).

Since the first detection of pulsations from Vela X-1 by Maf@ick et al.
(1976), the pulse profile is known to be very complex. Abov&&0, the pulse
profile consists of two peaks which are about equally str@igce Vela X-1 has a
relatively hard spectrum, Staubert et al. (1980) were abtietect the two pulses
up to 80 keV. We designate these two pulses asrthim pulseand thesecondary
pulse(see Fig. 5.4 for the definition).
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Figure 5.4: Energy resolved pulse profiles in four bandsvddrfrom the 2000 data. At
lower energies (below 6 keV), the pulse profile is very compad shows a five peaked
structure: two peaks in the main pulse and three in the secpmlise. Between 6 keV
and 10 keV, the first peak of the main pulse is reduced to a nhexdder, while the second
peak is very strong. Above 10keV the pulse profile evolvedinanusly into a simple

double pulse.
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Below 5 kev, these two pulses evolve into five peaks: the maisepdevelops
into two peaks while the secondary pulse develops into theed&s. Although the
two pulses are almost equally strong at high energies, ttenskpeak of the main
pulse is almost a factor of two brighter at lower energies tife first two peaks
of the secondary pulse, while the third peak of the seconplalse is almost as
strong as the first peak of the main pulse. For a detailed igiser of the pulse
profile and the relative intensities of theférent peaks, see Raubenheimer (1990)
and Sect. 5.4.1.

In the following we first study the evolution of the continugarameters (i.e.,
the NPEX-model and the photo-electric absorption) and tieertentrate on the
behavior of the CRSFs in the 2000 and 1998 observations esiveg phase bins.

5.3.2.1 Spectral Evolution over the Pulse

We used 16 phase bins for the 1998 as well as the 2000 data.eTiee statistics
of the 2000 observation would allow finer resolution (e.@®,hase bins) but
would make the comparison of the observations moffecdit.

The phase resolved spectra were again modeled using the NBEKuum
with T2 = 2, modified by photoelectric absorption, an iron line at &¥,kand
the CRSF at 50keV. The evolution of the relevant spectradmpaters is shown
as a function of pulse phase in Figs. 5.5 and 5.6 for the 19€82800 data,
respectively. Note that in this section, the emphasis ishenetvolution of the
continuum parameters. The CRSFs will be discussed in det#ile next two
sections.

The spectral evolution over the pulse of the two observatissomewhat dif-
ferent (see Figs. 5.5 and 5.6): in the 1998 dbkayaries between 1510?2cm 2
and 26x 10%2cm2 and shows a clear correlation with flux (linear correlation ¢
efficientr = 0.75; Bevington & Robinson 1992, Eq. 11.17). In the 2000 dilta,
is lower by a factor of 10 and consistent with a constant value0.21).

While not shown, the iron line is extremely stable within leaxbservation:
its energy, width, and normalization show no variation witlise phase or flux.
As the iron line is believed to be due to fluorescence in thesga®unding the
Vela X-1/HD 77581 system (Ohashi et al. 1984), this is not surprisivi¢hile
the equivalent width of the iron line in the 1998 data is 1\8 kds only 250 eV
in the 2000 data. This is consistent with the overall absongh the 1998 data
being much higher than in the 2000 data thus suppressingtitenaum. Since
the Fe line originates from a much larger region and is |&&xted by the local
absorption in the area surrounding the neutron star, onédvexpect the line flux
to follow the average source flux.

In the 1998 data, the folding energy of the NPEX-model isalalg with pulse
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92 Chapter 5: Confirmation of two cyclotron lines in Vela X-1

Pulse-Phase
A4 .6

o
o

0.2 0.8 1.

Ny [107]

y

sl b b b b i i | ©

a[107

E. [keV]

Ec,[keV]

Tce

0.70
0.60

0.50
0.40
120.
100.
80
60.

Main Pulse

cts/sec/PCU Hardness

Secondary Pulse

O Ll b Bewy Bnndvwwwbwwnd v P Pvw s B b B b bwv e bvvw e by

0.0 0.2 0.4 0.6 0.8 1.
Pulse-Phase

Figure 5.6: Evolution of the fit parameters over the pulsetifier 16 phase-bins for the
2000 data. The spectral hardness, the other parametersnargly ranges are defined as
in Fig. 5.5. The vertical bars indicate the uncertaintie808 confidence level.



Chapter 5.3: Spectral Analysis 93

phase: it correlates strongly with the flux in the secondatge(correlation coef-
ficientr = 0.89), while there is no such correlation in the main putse Q.16). In

the 2000 data, this correlation is much less pronounced.45 for the secondary
pulse and = 0.14 for the main pulse. The photon indEx of the NPEX model
varies over the pulse, but is only correlated with flux in t998 data( = 0.76).

No such correlation is present in the 2000 data 0.21): its value in most phase
bins is consistent with 0.6, which is about a factor of 4 serahan in the 1998
data. Although thg? contours ofNy versud'; are somewhat elongated, we note
that it is impossible to fit the 2000 data with valuesg@fand Ny similar to the
1998 data. Such an attempt resultg/fn> 3500 (66 dof). The relative normal-
ization of the negative power law component of the NPEX mdse¢ Eg. 5.1),

a, varies significantly over the pulse: while there is no cle@relation with flux
present in the 1998 data, the 2000 data is clearly correlaitidlux (r = 0.75).
The hardness ratio again shows a very strong correlatidm flux in the 1998
data ¢ = 0.95) and in the 2000 data £ 0.88). The spectral hardness is defined as
R=H/S whereS is the total rate in the 2.5-10keV band adds total rate in the
15-20keV band. Th&CA countrate is in the energy range from 15-20keV and
shows clearly the Vela X-1 double pulse.

Summarizing this section, we found that the two observatiame somewhat
different. In the 1998 data, the absorption colulyn the photon index's, the
folding energy of the NPEX model, and the hardness ratio areetated with
flux, while all the iron line parameters and the relative nalimationa of the
NPEX model are not correlated with flux. In the 2000 data, h@rehe relative
normalization of the NPEX model, and the hardness ratioamelated with flux,
while the other parameters are not.

5.3.2.2 The CRSFs in the 2000 data

Although the 16 phase hins provide good temporal resoluttenrelatively low
exposure time per bin results in only mediocre statistidser&fore we reduced
the number of phase bins to obtain better statistical quaét bin. For the 2000
data, spectra were obtained for the rise, center, and féfleomain pulse, for the
rise, center, and fall of the secondary pulse, and for thepgulee minima (see
Fig. 5.7 for the definition of the individual bins). Hencetforwe identify these
phase bins witltapital letters.

We used our standard continuum model to analyze the data #iese sections
are commited to the CRSFs, we only quote the interestingisp@arameters here
(atable of all spectral fits is available in Appendix A).

The well known CRSF at 52@2 keV is strongest in the fall of the main pulse
with a depth ofrc2 = 1.1733 (F-Test: 29x1074). In the center of the main pulse
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Figure 5.7: Folded light curves (FLCs) of the 2000 data arfehidien of the nine phase
bins obtained from the 2000 data. As in Fig. 5.13, we show ¢imepiex low energy pulse
profile in the upper panel and the simpler high energy pulsélerin the lower panel.
Due to the evolution of the pulse period, the FLCs of the 208@ @re somewhatfiget
compared to the 1998 data FLCs. Note that due to the hightist&swe used nine phase
bins in the 2000 data instead of six for the 1998 data. Foitgldhe folded light-curve

is shown twice. Note that error-baage shown, but in most cases they are too small to be
seen in print.

(bin E), it is somewhat less deep than in the fait ¢ = 0.5'%3; see Fig. 5.9).
0.1

In the rise of the main pulse (biniEit is again of similar depth as in the fall
(rc2 =1.0"33, see Fig. 5.9).
In the secondary pulse, the CRSF is on average less deemttiemnain pulse

and the depth is — within uncertainties — consistent with mstant value of 0.6
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Figure 5.8: Evolution of the depth, the width, and the enerfghe CRSF at 23 keV for the

nine phase bins of the 2000 observation. The vertical baisate the uncertainties at the
90% (270) confidence level. For discussion, see text.
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throughout the secondary pulse (bingta C). In the fall (bin C) it has a depth of
tc2 =052, butitis still very significant E-Test: 18x 10°). In the center it is
of similar depth fc.2 = 0.6"33) and also very significanf-Test: 37 x 10714, In
the rise (bin B) the depthrcz =0. 8+03 is somewhat greater, but still consistent
with a a value of 0.6.

In the pulse minima the significance of the CRSF is low (birFBlest: 28 x
1072) or insignificant (bin A; F-Test: 0.59). In both cases the depth of the line
is 7c2 < 0.4 with a lower limit< 0.15 and an upper limit of 8. Fig. 5.9 shows
the fundamental and harmonic CRSF optical depths in ourpiiase bins of the
2000 observation. Given these optical depth measuremedtaper limits, we
find that in the main pulse, the line is strongest on the rising falling edges,
while it is of similar strength throughout the secondarysgulFinally, the line is
weakest, if indeed present at all, in the pulse minima.

However, after fitting the CRSF at 50 keV, the fit is still notaptable in most
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Figure 5.9: Evolution of the depth, the width and the eneffighe CRSF at 50 keV for the
nine phase bins of the 2000 observation. The vertical baisate the uncertainties at the
90% (270) confidence level. For discussion, see text.

phase bins: there is another absorption line like strugitesent at about 25 keV.
The most straight-forward explanation for this featurehittit is a CRSF. After
adding a second CRSF component to our models, the resulrayd very good.
However, as the resulting CRSFs are usually relativelylelvalve also investi-
gated other possibilities to fit this feature, most notabéytried other continuum
models like the Fermi-Dirac cufio But these models were either completely un-
able to describe the data (e.g. thermal bremsstrahlungautiaipl, a power-law
multiplied by an exponential factor), known to producefanitil absorption lines
like the high energy cutd (White et al. 1983) or — as in the case of the Fermi-
Dirac cutdf — also produced an absorption line like feature at 25 keV.Wigegle
between~8 keV and 13 keV, which is present in the 2000 and the 1998 data,
also present in many oth&XTE observations of accreting neutron stars (Coburn
et al. 2002). It usually has the form of a small dip around Mtw#lowed by a
small hump at 12 keV (see for instance, Fig. 5.11); it, howdsesery variable. It



Chapter 5.3: Spectral Analysis 97

géa) + Hﬁﬁﬁ o + :
< oc JFJF %H% +HHJ( ﬂ( Jf L +Jr777f7 JFfé
i W WH it T
I
o H ﬁ E
< o %ﬂ# -1y W H%%% ot
S f o
" ottt ﬁ%ﬂﬁﬂ% *ﬂwﬂﬂ i ﬁ%ﬁﬂ -

10 100
Channel Energy [keV]

Figure 5.10: Residuals of fits to the spectrum of teater of the main pulsgin Ey) of
the 2000 dataa for a model without cyclotron absorption lindsyith one line at 53. 825
keV, andc with two lines at 23. 312 keV and 54. 555 keV. Note the feature at 23 keV in
b, which we interpret as the fundamental cyclotron absonpliiwe. This line is deepest
in the rise and most significant in the center of the main pats shallower in the other
phase bins (see Fig. 5.12 and text for discussion).

is present in most phase bins (and in phase averaged spéctrahows no clear
phase dependence. This phenomenon is yet unexplainetijbubhirelated to the
feature at 25 keV, since this wiggle appears in many soutaeeie or less at the
same energy where no CRSF is found at 25keV. We therefordurtmthat the
feature at 25keV is real and interpret it as a CRSF.

The behavior of the feature at 25keV is quite similar to th&&0 CRSF. We
found that the 25 keV line is most significant in the centerhaf tnain pulse (bin
E): the inclusion of a CRSF at 23_*.§g keV improves the fit significantlyR-
Test: 29x 10713). The depth of this line is 0.15, with a lower limit ofXB. In
therise of the main pulse (bin B, the CRSF at 25@4 keV is clearly present
and significant E-Test: 28x 1077). With a depth ofrc1 = 0.3373% it is also
deeper than in the center. However, in the fall (bin F), whheeSO keV line is
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Figure 5.11: Residuals of fits to the spectrum of the fall @f thain pulse (bin F) of the
2000 data.a for a model without cyclotron absorption linds with one line at 52@%:&23
keV, andc with two lines at 21.13% keV and 52.729 keV. The absorption feature at
23keV ina andb is much weaker than in the center of the main pulse (see Fif})5.
while the 50 keV line is more prominent in this phase bin thaany other phase bin.

most prominent, the fundamental line is detected with highiﬁcance E-Test:
4.2x107%), but it is not as deep as in the rise¢; = 0.137295 (see Figs. 5.8
and 5.11).

We found that there is also a significaft-Test: < 5x 10-°) CRSF present at
23 keV throughout the secondary pulse ¢Band C). As shown in Fig. 5.8, the
line is of similar depth throughout the secondary pulsemfre1 = 0.06°355 in

the fall torc 1 = 0.10°533 in the center, where it is also most significaRt Test:

5.6x 10719). In any case, the line is somewhat shallower than in the maise.

In the pulse minimunafter the main pulse (bin &), an absorption feature at
25keV is not visible in the residuals and the inclusion ofree lat 22. 623 keV
does not result in an improvememi-{Test: 029). The upper limit for the depth
of this line is 0.10. However, in the pulse minimumeforethe main pulse (bin
D), the residuals show a shallow absorption feature andhttiesion of a CRSF at
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Figure 5.12: Residuals of fits to the fall of teecondarypulse (bin C) of the 2000 data.
for a model without cyclotron absorption lindsyith one absorption line at 50_%%2 keV,

andc with two lines at 20.1}4 keV and 50.853 keV. The improvement due to the second
line at 20 keV is very small; in fact, after the inclusion 0&th0 keV line no absorption line
feature is visible irb.

20.2j:§ keV with a depth ofc 1 = 0.07+0.03 improves the fit somewh&at{Test:
3.1x1079).

5.3.2.3 The CRSFs in the 1998 data

Since the total on-source time of the 1998 data is much lessftr the 2000 data,
we used only six, broader bins in the 1998 data. We obtainectispfor the rise
and fall of the main pulse, the rise and fall of the secondatggy and for the two
pulse minima (see Fig. 5.13 for the definition of the indiatlnins). Henceforth,
we identify these phase bins wismallletters.
The CRSF at 5283 keV is also most significant in the fall (bin f) of the main

pulse F-Test: 82x 10°): its depth is 0.833. The line is still significant in
the rise of the main pulser¢Test: 16x 1074 r¢c2 = 0.4'31). Throughout the
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Figure 5.13: FLCs of the 1998 data. The FLCs were generatambinerting the photon
arrival times to pulse phases using the spin period of themestar and then accumulating
a pulse profile binned on phase instead of time. Also showthardefinitions of the pulse
phase rangemiain pulse fallmain pulse risesecondary pulse faglsecondary pulse rise
pulse minimum Jlandpulse minimum 2or the 1998 data for two flierent energy bands
of the PCA (for comparison with the definitions of the 2000 data, see %.ig). The upper
panel shows the folded low energy pulse profile from 5 to 1Q kelile the lower panel
shows the high energy pulse profile above 17 keV. For clattity, folded light-curve is
showntwice Note that error-barare shown, but in most cases they are too small to be
seen in print.

secondary pulse (bins b, c), the line has a depth qﬁq.similar to the rise of the
main pulse and is very significarfE{Test: < 1.1x 10°8). In the two pulse minima
(bins a, d) the CRSF is also preseri $ = 0.4J_fg:}), but less significant than in the
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rise of the main pulse (bin &-Test: < 2x 10°3). Although the line depth seems
to vary over the pulse, it is within errors almost consisteith a constant value
of rc2 = 0.6.

After fitting a CRSF at 49.1'%4:2 keV, there is still a feature present at about
25keV in the spectrum of the main pulgse (bin e; see Fig. 5.14) — similar to
the 2000 data (see Fig. 5.10). Fitting another CRSF at’%@ keV with a depth
of 7c.1 = 0.08"303 improves the fit significantlyR-test probability for the CRSF
being a chance improvement36 107°).

In the fall of the main pulse there is also an indication of pnesence of an
absorption feature at 25keV after fitting the 52: keV CRSF. Fitting another
cyclotron absorption line at 23:59 keV with a depth ofc 1 = 0.067392 improves
the fit with anF-test probability of 27 x 1073,

However, between the two pulses we found no significant lirid&eV: in the
pulse minimum 1 (bin &) and pulse minimum 2 (bin d), the indnof a CRSF
at 23. 9‘23 keV resulted in no significant improvement; upper limitstloe depth
of the line are 0.06 (pulse minimum 1) and 0.05 (pulse mininA)mThe same
applies for the spectra of the rise and fall of the secondablyep(bins b and c):
the inclusion of a CRSF at 24 keV dometimprove the fit significantly E-Test:
> 9.8%x1072). Note that this does not exclude the presence of a CRSF a\24 k
it is just not detected: the upper limit for the depth of theSFRat 24 keV is @4
for these phase bins.

5.4 Summary and Discussion

5.4.1 The Pulse Profile

Despite the strong pulse to pulse variations and the ovstralhg variability of
Vela X-1 including flaring activity (see Fig. 5.2, 5.3) andf*states” (Kreyken-
bohm et al. 1999; Inoue et al. 1984), the pulse profile at ighdlower energies
is remarkably stable (compare the pulse profile in Fig. 5dteg. McClintock
etal. 1976). Therefore, the low energy profile is not due forandom short term
fluctuations.

Such an evolution of the pulse profile and therefore the splesttape over the
X-ray pulse is typical for accreting X-ray pulsars, however interpretation is
difficult. While the double pulse at energies above 20keV can thibwaed to
the two magnetic poles (Raubenheimer 1990), there is no swalyhtforward
explanation for the low energy pulse profile.

Early explanations of the pulse profile invoked varying piedéctric absorp-
tion over the pulse (Nagase et al. 1983). In this picture gf@mple, the “dip”
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Table 5.3: Fit results for some selected phase bins from @@ Bata. All uncertainties quoted in this paper are at ti8é @070)

confidence level. Note that there is an improvement whergusiiine at 25 keV also in the secondary pulse but this impreveris
very small compared to the improvement in the center of the malse (see below). The complete tables for the 1998 an@ data
are available in Appendix A.

Main Pulse Fall (F) Secondary Pulse Fall (C) Main Pulse Qg
wjo cycl. 1 cycl. 2 cycl. wvio cycl. 1 cycl. 2 cycl. wviocycl. 1 cycl. 2 cycl.
Ny [10%2] 24705 2598 2.40% 42705 42902 4270° 1905 1803 2997

-18 —-0.6 —-0.9 =13 —-0.8 -0.9 -13 =12

Felkev] 63208 62630 63400 6338 63090 63308 6.253% 62201 63100
Feo [keV] 0.30'59¢  0.33098 0.357298 0.3309%¢ 0.333% 0.3599 0.28:998 0.31:3%8 0.31°299
0.04 0.06 0.12 0.04 0.06 0.06 0.06 0.07 0.10

I 0'72i0.07 0'6:|'t0.06 0'8]::0‘08 1'04—F0‘08 0'98i0‘07 1'07—F0‘08 0'36t0‘07 0'29—F0‘07 0'58i0.11
I, 2 2 2 2 2 2 2 2 2
0.03 0.09 0.08 0.04 0.09 0.08 0.03 0.04 0.17

Er 6'36—F0.03 6'38io.06 6'37t0407 5'9":;:0403 6'14t0‘06 6'04f0407 6'14f0403 6'28f0404 6'02—F0.05
Eca [keV] - - 211! - - 20.r}3 - - 23313
oc1 [keV] - - 4.1J_f(1):€73 - - 2.8 cl):g - - 4.9&1):3
- ooy - - ooosE - - oISty
Ec.2 [keV] - 53075 528713 - 50539 50.6%39 - 53823 545359
ocz [keV] - 49% AT - 4935 5473 - 3715 533
Tc2 - 135 11 - 067; 0553 - 0873 05%]

Y3(dof)y  424(64) 144(61) 62(58) 121(64) 75(61) 50(58) 258 (64074 (61) 61 (58)
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Figure 5.14: Residuals of fits to the spectrum of tise of the main pulse of the 1998
data (bin e).a for a model without cyclotron absorption lindswith one line at 53. 018
keV, andc with two lines at 25.1}-3 keV and 53. 038 keV. Note the absorption feature at
25keV inb which is not present or much weaker in the other pulse phases.

at pulse phase0.8 is attributed to the accretion column passing througHitte
of sight. However, there is no such straightforward exptiangfor the complex
profile of the secondary pulse and furthermore, our phasavex$ spectra do
not show an increased absorption in the center of the main pEige §.6). It
therefore seems more plausible to attribute the variatfidhevspectral parame-
ters with pulse phase to the mechanism generating the @zseadiation, such as
anisotropic propagation of X-rays in the magnetized plasfrthe accretion col-
umn (Nagel 1981a) or the influence of the magnetic field cordigon (Mytro-
phanov & Tsygan 1978). Due to the uncertainties associattdmodeling the
accretion column (see Sect. 5.3.1), only the general shidpe pulse profile can
be described with these models, and the substructures ttharexplained. A
good description of the processes responsible for the aoongblape of the pulse
profile is thus still missing.

We note, however, that in the strong magnetic field of theetmar column the
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motion of electrons perpendicular to the magnetic field isst@ined, while they
move freely parallel to the field lines. As a result, one expéte thermal motion
of the electrons to produce a harder spectrum when viewedl@lao theB-field
than when viewed perpendicular to the field. In a pencil beaanetry, one
would then expect the pulse maxima to have a harder spechamthe minima,
similar to what has been seen in Vela X-1.

5.4.2 The existence of the 25keV line

It is very unlikely that the 25 keV feature results from a bedition problem. Fits
to Crab spectra taken close to the 2000 observation havenstiatthere are no
deviations in the relevant area between 20keV and 30 keVearHBXTE (see
Fig. 5.1). Furthermore, we have limited the energy rangb®PICA to <21 keV,
so the detection of the line is almost only due to HEEXTE. Finally, we note that
the line is only visible in one pulse phase of the 1998 datéchvbhould be subject
to similar calibration uncertainties as the 2000 data. &ithe HEXTE has a
continuous automatic gain control, thREEXTE response is very stable throughout
the mission, and thus the calibration is the same for AO 1uttincAO4.

Our observations indicate that the feature is quite vagiabith pulse phase.
As discussed in the previous sections, the depth of the lnes strongly with
pulse phase. In certain phase bins, the lower limit of thetdep0.20, while in
another phase bin its upper limit is 0.09. This variabilityoamakes it highly
unlikely that the 25 keV feature is due to a calibration peoblas it would then
be present in all phase bins. Apart from that, the featureargpat about half
the energy of the 50keV cyclotron line: the lower line is atgzgg keV, while
the second line is at 50_*.3? keV (2000 data, phase-averaged spectrum). This
results in an average coupling factor 012+ 0.19, in agreement with a factor of
2.0 expected for a first harmonic. We also note that in the rpalise rise (2000
data) where the 25keV CRSF is deepest, we find a couplingrfaftalmost
exactly2.0. However, we caution that although theoretical modeddipt a value
of 2.0 (Harding & Daugherty 1991, and references thereggent observations
have shown that the fundamental line can be heavily dist¢ee in 4U 011563;
Heindl et al. 1999b; Santangelo et al. 1999) and thereforeupltg factor of
exactly 2.0 is not necessarily to be expected.

Furthermore, the 25keV line varies with time: It was baregihle in the 1998
data and was not seen at all BeppoSAX(Orlandini et al. 1998a). Adding to
that, the strong phase variability of the line makesfificlilt to detect. Therefore
it is not surprising that Orlandini et al. (1998a) and Kreykehm et al. (2000) did
not detect this line in their phase-averaged spectra. Usliage resolve®inga
data, Mihara (1995) also reported a feature at 24 keV in thia mase while it
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Figure 5.15: RawHEXTE count rate spectrum of the center of the main pulse divided by
the rawHEXTE count rate spectrum of the fall of the secondary pulse u$ie@000 data.
Note the clear lack of counts between 20 keV and 30keV in tleetspm of the center of
the main pulse.

was insignificant outside the main pulse.

Finally, to be completely independent of any applied modeksponse matri-
ces, we divided the raw count rate spectrum of the centereofrthin pulse by
the count rate spectrum of the fall of the secondary pulse.rébult is shown in
Fig. 5.15: there is a clear dearth of counts between 20 ke\BakeV, just where
we find the 25keV line with about the same width. This meansttiere is an
absorption line like feature in the raw count rate spectrdrthe center of the
main pulse — independent of the applied model or the respoasex.

In summary, we have shown that there is an absorption lire filature at
25keV in some phase bins, while it is shallower or far lessifigant in other
phase bins. The most straightforward interpretation f tlature is that it is the
fundamental CRSF, while the 50 keV line is the first harmonic.
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Figure 5.16: Correlation between the centroid energy offtinelamental CRSF and the

cutaT energy (when using a power lgvigh energy cutfi model instead the NPEX model),

based orRXTE data (with the exception of A053%26). See Coburn (2001) for a complete
discussion. With a line energy of 25 keV, Vela X-1 fits nicalyo the sequence, whereas it
would not fit in if the energy of the fundamental line were 50 ke

5.4.3 CRSFs in accreting pulsars

There are now about a dozen X-ray pulsars for which cycloiires have been
detected. Most of these sources have been observedWili, such that a sys-
tematic study of the properties of these sources and thedHSRtarts to become
feasible. Although such a study is outside the scope of thep we want to
point out that our detection of a CRSF-a25keV in Vela X-1 is consistent with
the general properties of CRSF sources. In their study offleR®mGingaand
other instruments, Makishima et al. (1999) found a cori@tabetween the en-
ergy of the fundamental CRSF and the diimergy in the canonical White et al.
(1983) X-ray pulsar continuum. Recently, this correlatias been reinvestigated
by Coburn (2001) usingRXTE data from all sources with known CRSFs. Since
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RXTE has a broader energy range than previous missions, suctiyeistable to
cover a wider range of CRSF energies. Coburn (2001) findsitbatRXTE ob-
served pulsars follow the Makishima et al. (1999) correlatip to 35 keV where
aroll-over is observed (see Fig. 5.16 and Coburn 2001, fas@udsion).

The only exceptions so far are GX 362 which shows very high amplituddy
variations which make the determination of the continuuceutain, 4U 162667
follows the correlation only in certain pulse phases, whilPer has a very dif-
ferent continuum (Coburn et al. 2001) and therefore a corsmamwith the other
sources is diicult if possible at all.

We note that Vela X-1 fits nicely the correlation of Fig. 5.J8pvided the
fundamental line is at25 keV and not at 50 keV.

As we have pointed out in section 5.4.2, the fundamentalitingela X-1 is
weak and only detectable in some specific pulse phases. §kimilar to the
other three sources where more than one fundamental CRSBekasclaimed
so far: 4U011563 (Heindl et al. 1999b; Santangelo et al. 1999), A 0535
(Kendziorra et al. 1994; Maisack et al. 1997), and 4U 1807 (Cusumano et al.
1998). In 4U 011563, the fundamental CRSF is quite complex and decidedly
non-Gaussian in shape — Heindl et al. (1999b) require twolapeing lines in
order to model this line, while the higher 4 harmonics are Immore Gaussian
in shape. Here, all lines show strong variation with pulsageh but are almost
always present. For A 05326, a very prominent line at100keV has been re-
ported by Maisack et al. (1997) usi@SSE while a 50 keV feature presented by
Kendziorra et al. (1994) frothWlEXE data was quite weak andfficult to model.
Finally, Cusumano et al. (1998) find in 4U 19609, that the line at 39 keV is
again very prominent while its19 keV fundamental is wedk

Such a complex line shape of the fundamental line is comgistéh Monte
Carlo simulations of the generation of cyclotron lines ircrating X-ray pul-
sars (Isenberg et al. 1998b; Araya & Harding 1999; Arayaf@ac& Harding
2000). These simulations show that the shape of the CRSHhdsstrongly on
the assumed geometry, electron temperature, and optipti déthe plasma. It
has been pointed out by Araya & Harding (1999), that unddageviewing an-
gles, the fundamental line is not a simple absorption lingehlas a very complex
shape that includes, for example, “P Cygni” like emissiongg. These emission
wings are caused by the angular dependence of the scatteasg section, mul-
tiple resonant scattering, and by higher ordéees such as “photon spawning”
(Araya-Gdochez & Harding 2000).

2Recently, a CRSF feature a70keV has also been claimed for Her X-1 (Segreto et al., 2002,
prep.). If this proves to be true, Her X-1 would be the onlyegbjwith more than one cyclotron line
in which the fundamental line is stronger than the upper baics.
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The feature seen around 20keV (Figs. 5.10, 5.11, and 5.1d)trbe such an
emission wing. Fitting this feature (where present) with au€sian produces a
fit comparable to fitting an absorption line. The resultingi€aans are relatively
narrow: 0.735 keV in the fall of the secondary pulse and 155 keV in the fall
of the main pulse The Gaussian is broadest in the rise of #ie pulse with a
width of 3. 0*1(7’ keV. Due to this narrowness we believe that this feature isng w
of a CRSF and not due to improper modeling of the continuugn due to a Wien
bump between 10 keV and 20 keV which would have to be much leroad

Higher order CRSFs tend to be much lefieeted by these phenomena. When
such complicated line profiles are convolved with the moidesaergy resolution
of todays X-ray detectors, it is possible that such emisgiomgs result in line
profiles where the line is almost undetectable or where tigedhows the shallow
non-Gaussian shape seen in 4U 0483. Since the strength of the wings depends
on the inclination angle, one could envisage a scenarioavergeometry of the
accretion column is such that the fundamental is compldikdy in except for
certain pulse phases, explaining th&idulty of detecting the fundamental CRSF
in these systems. Admittedly, these simulations have oegub and the com-
putation of larger grids of simulated and more realistic ER®r observational
work has only recently become computationally feasiblewkleer, if this specu-
lation were true, it would provide a natural explanationtfoe scarcity of X-ray
pulsars where more than one CRSF is observable.



CHAPTER 6

The variable cyclotron line in GX 301-2

In this chapter, data from the hyper giant X-ray binary Wray/945X 301-2 is
analyzed. The data discussed here was obtainedRXhE under proposal ID
50066 with me as PI (principal investigator) and J6rn Wilmd Rldiger Staubert
from Tlbingen, Richard Rothschild and William Heindl fron€8D, Kim Slavis
and Paul Hink from Washington, Peter Hauschildt from the/drsity of Georgia
(now in Hamburg) and Peter Kretschmar from the ISDC as Cdis.sburce was
observed continuously for 200 ksec during the periastresgge and 12 monitor-
ing observations each about 10 ksec long distributed unifoover the orbit.

This source was known to exhibt one cyclotron line-40 keV (Mihara 1995).
The detailed pulse phase resolved analysis presenteddieneed, however, a
previously unknown strong phase dependence of the speaitaieters (energy,
depth, and shape) of this line.

Since this chapter is based on the publication Kreykenbohah. €2004), it
also uses the same structure and also adopts the “we-sggd"in that paper.

The remainder of this chapter is structured as follows. lat.S&2 the pulse
period and pulse profiles are discussed. Sect. 6.3 disctisségferent possible
spectral models and detailed fits to phase resolved spetttrapecial emphasis
on the behavior of the cyclotron line. Finally the results summarized and the
discussed in Sect. 6.4.

109
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6.1 Introduction

GX 301-2 (4U 1223-62) is a High Mass X-ray Binary system consisting of a
neutron star accreting from the strong stellar wind of thidyagpe B-emission
line star Wray 977. Due to fliculties in classifying Wray 977, the system pa-
rameters are rather uncertain. In a recent detailed asalfaper et al. (1995)
have classified Wray 977 as a Bl {akypergiant at a distance of 5.3 kpc; we will
adopt these values throughout this paper. If this clastificés correct, Wray 977

is one of the most luminous and massive stars in our galatly,aluminosity of
1.3x10°L, and a mass in excess of 4gMbest fit~75M,). With one of the
highest known wind mass loss rates in the GalaMy~ 10->Myyr1), the very
slow wind (., = 400kms?) can easily feed the neutron star with enough material
to explain the observed X-ray luminosity of ¥@rgs™®. We note that Koh et al.
(1997) doubt these extreme parameters for Wray 977 as theyndy barely com-
patible with their analysis, and argue that the earlieradisé of 1.8 kpc (Parkes
et al. 1980) and a spectral type of B2 lae is correct, with aespondingly re-
duced luminosity of the Be star. Even with these more modgratameters, the
system is unique. Note that the following analysis does epedd on the detailed
choice of system parameters.

The neutron star is in an eccentrig= 0.462) orbit with a period of 4198+
0.002days (Koh et al. 1997; Sato et al. 1986). Due to the violémdl accretion
the source is extremely variable — X-ray luminosity changfea factor of five
within one hour being common (Rothschild & Soong 1987). Thdarlying or-
bital variability, however, always follows the same paitéfig. 6.1): Shortly be-
fore periastron passage, the neutron star intercepts thetigam from Wray 977
(Leahy 1991, 2002), resulting in an extended X-ray flarerduvwhich the lumi-
nosity increases by a factor eR5 (see Fig. 6.1 and Pravdo et al. 1995). Dur-
ing periastron passage, the neutron star passes througtetise inner wind of
Wray 977,~0.1R, above the stellar surface (see Pravdo & Ghosh 2001, and
Fig. 6.2), and the X-ray activity decreases until it reachesinimum after the
periastron passage. This behavior is probably due to therorestar beingal-
mosteclipsed by Wray 977 (Leahy 2002) and an intrinsically lodeninosity
compared to the flare. Following this minimum, the X-ray laosity increases
slowly again over the orbit with a possible second maximuar apastron, where
the neutron star intercepts the spiral shaped gas stream\ifay 977 a second
time (Leahy 2002).

Using the Rossi X-ray Timing ExploreRXTE) we observed GX 3042 start-
ing in 2000 October (JD 2451829.8 to JD 2451868.3) coveltreggreater part
of the pre-periastron flare and the complete periastroragass one contiguous
~200ksec long observation (Fig. 6.3). We used the same puoeg@s in our
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Figure 6.1: Folded light curve (FLC) using all availablealétarting in 1996 until mid
2003) on GX30%2 of the All Sky Monitor on boardRXTE. The light curve has been
folded with the orbital period of 41.498d (Koh et al. 1997)heTperiastron passage has
been extrapolated based on the ephemeris of Koh et al. (19B&)lare shortly before the
periastron passage is very evident. Note the extended ltewiag the periastron passage:
it is probably due to the optical companion almost eclipgimg neutron star. For clarity
the folded light curve is shown twice.

earlier analysis oORXTE data from Vela X-1 (Kreykenbohm et al. 2002a). Due
to the improved calibration of the Proportional Counter&r(PCA), the sys-
tematic uncertainties associated with tREA differ with respect to our earlier
work (compare Table 6.1 and Kreykenbohm et al. 2002a, TableAll anal-
ysis was done usingTOOLS 5.2and XSPEC 11.2.0a@Arnaud 1996). Phase
resolved spectra were produced with a modified version oFR@OL fasebin
which properly accounts for thdEXTE dead time (Kreykenbohm et al. 2002a).

The remainder of this paper is structured as follows. In.Se2twe discuss the
pulse period and pulse profiles. Sect. 6.3 discusses flegatit possible spectral
models and detailed fits to phase resolved spectra with apatiphasis on the
behavior of the cyclotron line. We summarize our resultsentS6.4.
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Figure 6.2: Sketch of the system GX 3@/Wray 977 based on the parameters of Kaper
et al. (1995). The neutron star passes Wray 977 at a distdnc6.0R, during the perias-
tron passage. The time of the observation is marked by dasttestronger line thickness,
covering a significant part of the orbit due to the high velpaoif the neutron star during
periastron passage. The grey inner circle representszbetWray 977 when using the
old values of Parkes et al. (1980) which are also used by Kah €t1997).

6.2 Pulse profiles

With a pulse period of~700sec (Swank et al. 1976), GX 364 is one of the
slowest pulsars known. Since the first measurement of thedwith Ariel-5

Table 6.1: Systematic errors applied to tREA-data to account for uncertainties in the
PCA response matrix. We derived these values by fitting a two ptave model simulta-
neously to a spectrum of a publ®XTE observation of the Crab. See Wilms et al. (1999)
and Kreykenbohm et al. (2002a) for a more detailed discossithis procedure.
Channels Energy Systematics
0- 15 2— 8keV 1.0%

16— 39 8-18keV 0.5%

40- 57 18-29keV 2.0%

58-128 29-120keV 5.0%
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Figure 6.3: X-ray light curve of the periastron passage of3BX%-2 as observed with
RXTE. The count rate is given in couygec per Proportional Counter Unit (PCU). Note
the pre-periastron flare, the low following the periastraagage, and the overall variability
of the source. The time of the periastron passage has beapeteated using the ephemeris
of Koh et al. (1997); the horizontal bar represents the uao#y due to the uncertainties
of the ephemeris. Our observation covered a significantgbdine pre-periastron flare and
the periastron passage itself. During the flare, count exesp to 20 times higher than in
the low following the periastron passage.

(White et al. 1976a), it has undergone dramatic variatitims:period was stable
at~700 sec until 1984, then the pulsar was spun up between 1298530 (Koh

et al. 1997; Bildsten et al. 1997) to a period~75sec. In 1993, the spin be-
havior reversed (Pravdo & Ghosh 2001) and the pulsar hae &ieen spinning
down almost continously: we determined the pulse perioduobdservation (JD
2451830.8) to be 684.2 sec (see below). These long lastingiprand spin-down
trends are in favor of GX 3042 being a disk accreting system. Similar to other
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HMXB systems like Vela X-1, however, the pulse to pulse \iigs are very
strong and the overall short term evolution of the pulseqakis best described by
a random walk model as is typical for a wind accretor (de Kod\igzer 1993).

To obtain pulse profiles, the biPCA) or photon arrival HEXTE) times were
first barycentered and then corrected for the orbital motib@X 301-2 using
the ephemeris of Koh et al. (1997). We used epoch foldingH{ized al. 1983)
to determine the pulse period during the periastron passege 6842 + 0.2 sec,
thus confirming that GX 3042 is continuing its spin down.

We used this period to create energy resolved pulse profilés.long period,
the pulse to pulse variations, and the strong variabilitthefsource, exacerbate
the determination of a pulse profile. In our case, GX-3Bis brighter by a factor
of more than ten during the pre-periastron flare comparetddaw during the
actual periastron passage (Fig. 6.3). We therefore createztal sets of energy
resolved pulse profiles usigCA-data: For the first set we used data taken during
the flare only (see Fig. 6.4), while we used data from the lod directly after
the pre-periastron flare for the second and third set (Fig). 6ln general, the
average pulse profile of GX362 is very well defined and similar to that of
Vela X-1: it consists of two strong pulses at higher energiedving into a more
complex shape with substructures below 12 keV. As one of gakpis stronger
in all energy bands than the other, we designate this pedieandin pulseand
the weaker peak as tlsecondary pulseThe secondary peak is strongly energy-
dependent: it is very weak (compared to the main pulse) agesbelow 10 keV.
At higher energies above20keV it is significantly stronger, in fact, almost as
strong as the main pulse. At these higher energies, the @isfdpproximately
sinusoidal; however, the main pulse remains stronger tifrout the energy band
covered here. Also similar to Vela X-1, the long term pulsefite is very stable.
There are, however, significant short term variations.

The interpretation of this energy dependence of the pulsil@is not straight-
forward. Above~20keV, the sinusoidal pulse shape can be attributed to con-
tributions from the two magnetic poles of the neutron starhals been argued
that anisotropic propagation of the X-rays in the magndtiglesma of the ac-
cretion column (Nagel 1981a) or a complicated configuratibthe magnetic
field (Mytrophanov & Tsygan 1978) could produce the complabse profile at
lower energies as well. Alternatively, in analogy to VelalXwhich also shows a
strong energy dependence of the pulse profile (Kreykenbalain £999, 2002a),
increased photoelectric absorption or the accretion colpassing through the
line of sight can also be invoked to explain the observed lefiNagase et al.
1983). Due to the large and Compton thick absorbing columminduhe flare
(N4 ~ 10%3cm2, see below) it seems more likely that this latter explametiolds
for GX301-2 as well. To investigate the causes of the pulse profile tianis, a
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Figure 6.4: Pulse profiles in four energy bands from datartakeing the pre-periastron
flare (see Fig. 6.3). For clarity the pulse profiles are shtwioe Note that the error bars
are shown, but are too small to be seen in print.

detailed spectroscopic analysis of the pulse phase ras¥ray spectrum is re-
quired.
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6.3 Phase resolved spectra

6.3.1 Introduction

As mentioned above, in the standard picture of accretingy{ulsars, the strong
magnetic field of the neutron star couples to the infallingerial and channels it
onto the two magnetic poles where two hot spots emerge (Bdietsal. 1991).

If the magnetic axis isfiset from the rotational axis, the rotation of the neutron
star gives rise to pulsations (Davidson & Ostriker 1973) Karay spectrum ob-
served from the accretion column and the hot spot has beenletbds exponen-
tially cutoff power law, which is modified by strongly varying photoelécab-
sorption from the accretion stream or the stellar wind atdoergies (White et al.
1980, 1983). Furthermore, an FerKluorescence line is observed-a6.4 keV.
Swank et al. (1976) also observed an iron edge near 7 keV.

The strong magnetic fieldB(~ 10'2G) at the neutron stars’ magnetic poles
leads to the formation of cyclotron resonant scatteringufes (CRSFs, “cy-
clotron lines”). These lines result from resonant scattedf electrons in Landau
levels in the~10'2G magnetic field of neutron star (see Coburn et al. 2002; Araya
& Harding 1999; Mészaros & Nagel 1985, and references theréhe energy of
the feature is nominally given by

1 B
Ec= 116 keVx FZX m
whereEc is the centroid energy of the CRSEjs the gravitational redshift at
the scattering site (if the scattering occurs at the surfdicke neutron staiz ~
0.3, depending on the equation of state), &tthe magnetic field strength. The
energy of the fundamental CRSF thus gives a direct meastine ofiagnetic field
strength in the line forming region.

Since the physical conditions are expected to vary overriisson region, the
X-ray spectrum is expected to change with the viewing arayid, therefore with
pulse phase. This change is especially important when aingh\CRSFs since
their shape depends strongly on the viewing angle (Arayeh@&p & Harding
2000; Araya & Harding 1999; Isenberg et al. 1998a), thus n@ld spectrum
averaged over the whole pulse periofidult to interpret. We therefore analyzed
the data from GX 3042 using six phase intervals as defined in Fig. 6.5: the rise
and fall of the main pulse, the rise and fall of the secondailggy and the two
pulse minima. These intervals were chosen to give a goodageef the pulse
with a similar signal to noise ratio.

(6.1)
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Figure 6.5: Definition of the six phase bins used for phaselved spectroscopy using
pulse profiles of data takeafter the pre-periastron flare (see Fig. 6.3) fiBient shadings
show the six phase bins in use: rise and fall of the main pl#eR and MPF), rise and
fall of the secondary pulse (SPR and SPF), and the two pulsiemai(OFF1 and OFF2).

6.3.2 The spectral model

The lack of theoretical models of high enough quality for gamison with obser-
vational data forces the use of empirical spectral modelthi® characterization
of the observed continuum (Kreykenbohm et al. 1999). Heesj@scribe the con-
tinuum produced in the accretion column of the neutron $tgyg), by a power

law with photon indexX” which is cutdf by the Fermi-Dirac cuth (Tanaka 1986),

E—F
I E)=A 6.2
NsENE) = Ao exp((E - Ecu)/Er) +1 (©:2)
where Ap| is a normalization constant, and whdfe,: and Er are called the
cutaof and folding energy of the Fermi-Dirac cditoThis continuum shape is then
modified by a CRSF modeled as an absorption line with a Gaudsipth profile
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(Coburn et al. 2002, Egs. 6 and 7),

2
donas(E) = dex exp[—%( E- EC) ] 6.3)

e

whereEc is the energygc the width, anddc the depth of the CRSF. The shape
of this absorption line is simpler than the pseudo-Loremttine shape (as used
by the XSPECmodel CYCLABS and in earlier works; see, e.g., Makishima &
Ohashi 1990) and gives equally good fits. The overall X-racspm emitted by
the neutron star is then given by

Ins(E) = lcon E) exp(-7caBs(E)) (6.4)

Due to the strong stellar wind of Wray 977, however, the ol X-ray spectrum
of GX 301-2 is strongly modified by photoelectric absorption, esgbcauring
times when the neutron star is close to Wray 977, such as iolmarvation. As
the material enshrouding the neutron star is most likelyngy, we expect (part
of) the neutron star's X-rays to be strongly absorbed closthé¢ neutron star
(Nn.2 in Eq. 6.5). Furthermore, all X-rays emerging from this zevik also be
subject to photoelectric absorption in the overall steNard of Wray 977 Ny 1
in Eg. 6.5). A model describing such a physical situatiomeabsorbed partial
covering modelwhich has the form

lobo(E) = e 70N (1+ ce™oNH2) Ing(E) + | re(E) (6.5)

whereos is the bound free absorption cross section per Hydrogen @fdilms

et al. 2000) Ny 1 andNy 2 are the column densities of the two components,and
is the covering fraction of the absorber responsibleNige. The possibility of a
fluorescent Fe K line is accounted for by a Gaussian emission lipg,

A second possible scenario takes into account that duringgteon passage
the neutron star is extremely close to the surface of Wray 9X7arge frac-
tion of the neutron star’'s X-rays are thus intercepted by w8i& where they
are backscattered by Thomson scattering or absorbed. iftrasien is analogous
to the Compton reflection hump observed in active galact@eiLightman &
White 1988). In principle, the X-rays backscattered fronthini the atmosphere
of Wray 977 could be responsible for a significant part of theltobserved X-ray
flux. A model describing this physical situation has the form

lobd(E) = € 7N (Ins(E) + Riys (E; 2/27) + Ire(E)) (6.6)

where all symbols are as described above and whefig; R/2r) describes the
spectrum resulting from Compton reflecting X-rays with gpdcshapd (E) off
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gas with covering factof2/2r (Magdziarz & Zdziarski 1995). Again, this spec-
trum is photoabsorbed in the strong stellar wind of Wray 977.

We note that these two pictures are not exclusive: the doorstream might
well be patchy close to the neutron star, and the X-ray specamerging from
the accretion stream would then be reprocessed in the atraspf Wray 977.
Detailed spectral fitting shows, however, that applyingezibf the above models
already results in/rzed ~ 1. Combining the partial covering model and the reflec-
tion model is therefore not necessary. With the availabéespl data alone, it is
not possible to test which of the two continuum models is tltoeemealistic one
— the absorption column of the partial covering model is ghhhat it mimics
the features of the soft end of the reflection spectrum (f@ethe shape of the
reflection spectrum below 10 keV is essentially identicah® shape of the inci-
dent continuum, absorbed by a column equivalent to one Thomgtical depth).
Since the major aim of this work is the study of the cyclotrioe] which is not
affected by the details of the modeling of the continuum beloweM) we will
concentrate our discussion in the remainder of this papehetehavior of the
source as reflected in the fits of the absorbed partial coyeniodel (Table 6.3).
The corresponding fit parameters from the reflection modsgisted in Table 6.4.

To allow the comparison of the spectral shape used here Witlr parameter-
izations of the continuum, we also modeled the data withre¢wther standard
pulsar continua (with and without a CRSF), especially usimgghigh energy cut-
off (White et al. 1983, see Table 6.2). Residuals for these maafior the rise of
the secondary pulse are shown in Fig. 6.6. In this pulse nggibase region SPR,
see Fig.6.5) the CRSF is very prominent such that the datasprecially suited
to illustrate the diiculties of the standard spectral models.

a: Negative Positive Exponential (NPEX, Mihara 1995; Mihataal. 1998),
with strong residuals especially below 10 keV. Despite tiodision of a CRSF at
32keV, significant residuals remain above 40 kg¥/ (= 17.2 beforey2 ;= 10.7
after including the line)b: power law with a Fermi-Dirac cutd(FDC, Tanaka
1986, %, = 9.6 without a CRSF (not shown), 5.5 with CRSF-a885keV ) c:
power law with high energy cutbafter White et al. (1983, HE(.}grzed = 254),
exhibiting a very prominent and spurious feature. Becabtifgspectral artifact,
this model should not be used for cyclotron line searchesté¢éhmar et al. 1997;
Kreykenbohm et al. 1999); for comparison with earlier okagons the best fit
values are shown in Table 6.2: the Smoothed High Energy CUfqSHEC),
the HEC model smoothed by including a Gaussian absorptie((6ABS) at the
cutof energy (Coburn et al. 2002), describes the data very welt afiplying a
CRSF at 35 keV;(rZed = 2.6 before including a CRSF (not shown), and 1.7 after the
inclusion; see also Table 6.2,a standard partial covering model (PC, essentially
this is Eq. 6.5, settindNn 1 = 0) still shows significant deviations below 8 keV:
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Figure 6.6: Residuals of fits of conventional neutron startiocoum models to phase bin
SPR (see Fig. 6.5). Unless otherwise noted, the residualsrsinclude photoelectric
absorption, an additive Fedline, and the CRSF. For discussion, see text.

Xred =110 withouta CRSF (not showrp} -q= -4 afterincluding a 33 keV CRSF,
which are remedied by using tlie Absorbed Partial Covering (APC) model of
Eqg. 6.5:x2,4= 4.1 without a CRSF (not shown), and,, = 0.8 after the inclusion

of a CRSF at 34 ke\g: Reflection Model of Eq. 6.6. Residuals are comparable
to those of the APC; therefore, we use the APC model along thithreflection
model to analyze the data.
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Table 6.2: Parameters for spectral modeling of data fronsldn SPR (for definition,
see Fig. 6.5) with a power law and a high energy ffufd/hite et al. 1983, HEC) or a
smoothed version of this cufgqCoburn et al. 2002, SHEC) with and without the inclusion
of a CRSF. At lower energies all three models are modified lmgq#iectric absorption.

Parameter HEC SHEC SHECCRSF
NH[10%?] 26.403  17.208 16.9°53
r 014081  -0.3205; -0.34308
Eculkev]  19.867292 18.4321% 18.22334
Er [keV] 6.08004 529005 5.447008
Fe [keV] 6.50003  6.47:001 6.467007
Fec[kev] 025092 038902 0.387003
e - - 0. 14—%82
Ec [keV] - - 34.97]
oc - - 3"&2
X2 (dof) 1620.4 (64) 157.1(61) 99.9 (58)

6.3.3 Spectral fits

Since the source is extremely variable, we accumulatedeptesolved spectra
not only for the whole data set, but separately also for tkeegariastron flare and
the low following the flare. With a total usable exposure tiofd. 76 ks forPCA
and 89ks live time foHEXTE the phase resolved spectra from the whole data
set provide excellent statistical quality (note that theasure time inHEXTE
is typically lower by~40% due to the dead time of the instrument; during our
observation, the orbit dRXTE was very close to the South Atlantic Anomaly thus
giving rise to an increased particle background resulting deadtime of about
~50% in theHEXTE). In the following paragraphs, we will use this complete
dataset for our analysis. See Tables 6.3 and 6.4 for a lieecffiectral parameters.

The total usable exposure time during the flare2$ ksec foPCA and~12 ksec
for HEXTE. Even though this is much shorter than that of the whole olaser
tion, the flare spectra dominate over the rest of the obdervdte to the much
higher flux during the flare. Since the low luminosity postiggtiron data have a
much lower statistical quality, the uncertainties of alfgpaeters from this time
are fairly large and the CRSF could not be detected in anyepteggon with high
significance.

Since the data from the flare are very similar to the data freencomplete
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Figure 6.7:a: Data and folded model of the rise of the secondary pulse. riibéel is
an absorbed partial covering model (for discussion, se tbx Residuals for the model
without a CRSF and: with a CRSF at 34.‘_%:3 keV. The inset shows the pulse profile of
GX301-2 in the energy range from 5keV to 20 keV. The marked regiohésphase bin
under discussion — the rise of the secondary pulse (see i@s6.5).

set and the data from the low have a low statistical qualigy,only discuss the
spectral parameters for the complete data set (unlessaonedtbtherwise).

6.3.3.1 The X-ray spectrum below 10 keV

As is expected from the physical picture outlined in Se@.4.the spectral pa-
rameters identified with the stellar windNg 1, NH 2, and the parameters of the Fe
Ka line — do not depend significantly on the pulse phase as thigyate very far
away from the neutron star compared to the accretion colutmerevthe X-rays
and the pulse forms.
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The high column density of the stellar wind as measured duttie whole
observationNy 1 ~ 2x 10°3cm~2 indicates how deep the neutron star is embedded
in the wind. With a column density of as high a8 10?*cm2, the second
component of the partial covering model is close to being @tom thick. As
explained above, this large value is responsible for oubilita to differentiate
between the partial covering model and the Compton reflectiodel.

In the low following the pre-periastron flare, the absorbéofumns are mea-
sured to be even higher. The column density for the “weakhScebed com-
ponent,Ny 1, varies between.3x 107 and 45 x 10?3cm™2 and is thus twice as
large as during the flare, and also the column derisity is increased: it varies
between 4< 10%*cm2 to over 13°cm2. However, the observed count rate is
not only due to the strong photoelectric absorption but dise to an intrinsi-
cally lower source luminosity: while thenabsorbedlux during the flare is about
1x 108ergs?, theabsorbedflux, however, is~ 49x 10°ergs?®. During the
low the unabsorbed flux is lower by a factor of three3(5x 102 erg s'1) and the
absorbed flux by a factor of more then six{x 10 1%ergs s1).

The high column density of the wind is also responsible ferstrong Fe &
fluorescence line. The line energy o#8+353keV, corresponding to an ionization
level from Fev to Feix, implies that the iron, and thus probably all circumsell
material, is mildly ionized. Also the width of the linere = 0.33"302keV, is close
to the energy resolution of tHreCA, the very small uncertainties indicate that the
line width is indeed measured.

6.3.3.2 The pulsar continuum and the cyclotron line

Pulse phase spectroscopy allows us to study the variatitimegbulsar emission
over the X-ray pulse. Our data analysis shows that the pHotexT is almost
constant over the pulse and only varies betwe8r2+ 0.1 and 01+ 0.1. Note
that the spectrum is slightly but systematically softerliphase bins during the
pre-periastron flare. The parameters of the filglso do not vary over the pulse:
The folding energyEr is only variable between 5.0keV and 5.9keV, while the
cutoff energyEcyt is consistent with a constant value of 15.5keV except for the
rise of the main pulse where it is marginally low&(;; = 129’:}12 keV).

This continuum model alone, however, does not result in @eable fit in
any of the phase bins (see e.g., Fig. 6.7b). In all phase biasgga absorption
line like structure is present between 30 keV and 40 keV ($ged™). After the
inclusion of a CRSF, the fits are acceptable in all phase bitis/\vﬁed ~ 1.0 (see
Tables 6.3 and 6.4). The improvement is extremely significaccording to the
F-Test (Bevington & Robinson 1992jhe probability of a chance improvement

INote that in principle thé-Test is known to be problematic when used for the signifieaofca
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is 25x 10-L in the fall of the secondary pulse (the bin with the smallegiriove-
ment). We remark that the CRSF is found at almost the samegyeagad the same
width (within uncertainties), but with a highgfedwhen using the SHEC model
applied in earlier publications (compare Tables 6.2 anjl 6.3

Contrary to the continuum, the depth and the position of tREE are strongly
variable with pulse phase (see Tables 6.3, 6.4, and Fig .60 behavior is
fairly typical of most CRSF sources (e.g. Vela X-1 or Her X-3)/e find that
the line is deepest in the minimum between the main pulse la@decondary
pulse (phase bin OFF1) witly = 0.328:%2, and it is also of comparable depth in
the adjacent phase bins, the fall of the main pulse (MBR 0.29°35%) and the
rise of the secondary pulse (SPR, = 0.23'359). While the depth of the CRSF
in these three phase bins has a lower limit of 0.20, the CRSigisficantly
less deep in the other three phase bins. At the same time,ogigop of the
CRSF changes frofic = 30.1738keVin the fall of the secondary pulse afd =

3102 keV at the rise of the main pulse to significantly higher eresrin the fall
of the main pulse and the pulse minimum, where it becomegdisdsi~ 37.9keV
(Fig. 6.10). Assuming a canonical mass of 1.4 &hd a radius of 10 km for the
neutron star, the typical gravitational redshift amounts29% at the surface of
the neutron star, such that the measured values imply a riadijetd between
B=3.4x10"G andB=4.2x 102G for GX 301-2.

This change of the CRSF energy is correlated with its depthlibe is deepest
in the phase bins where the CRSF is at the highest energigsl@tmn codicient
> 0.97). Note that this behavior is not due to the intrinsicatlywér signal during
the interpulse: during the fall and the rise of the main pulgeere the data are
of comparable statistical quality (and the source has aairflux), we find a
significant diference of the spectral parameters. We finally note that tree li
width of the CRSFu¢ is always in the range from 3keV to 7 keV, typical for
CRSFs at these energies.

As we illustrate in Fig. 6.9, in addition to the changes ofdlepth and position
of the CRSF, there are indications for a change in the shaffedtature itself.
After fitting the CRSF in the rise of the main pulse some resisluemain (see
Fig. 6.8), indicating that the CRSF has a non-Gaussian hapa. Furthermore,
the remaining residuals at50 keV could indicate the presence of an emission
wing. The existence of such emission wings and overall tiaria of the line
profile over the pulse have been predicted by the numericallations of Araya
& Harding (1999).

line (non-) detection (Protassov et al. 2002), even if syst& uncertainties are not an issue, however,
the extremely low false alarm probabilities make the deiaodf the line stable against even crude
mistakes in the computation of the significance.
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Figure 6.8:a Data and folded model of the rise of the main pulse for the diesbpartial
covering model (see text for discussiob)Residuals for a fit without a CRSF, andvith

a CRSF at 3D+86kev The inset shows the pulse profile of GX3@Lin the energy
range from 5keV to 20 keV. The marked region is the rise of tlaénnpulse. Note that
fitting a Gaussian shaped CRSF does not completely removesiduals of the CRSF;

the resulting fit is acceptable, but not very gogﬁe& =1.2). See text for a discussion.

We also searched for any yet undetected second CRSF. As dittoadf a
second CRSF at any energy does notimprove the fit, we trientde fin additional
CRSF on the best fit at twice or half the energy of #85 keV CRSF, especially
in the phase bins where tttéed is > 1.0 like the rise of the main pulse. A line
between 15 keV and 20 keV can be excluded with very high confielethe upper
limit for the depth of a line in this energy range is less than'd. A CRSF at
twice the energy (between 60keV and 70 keV) can not be exdludih such a
high confidence, but it is still very unlikely that there isecendary line present;
the upper limit for the depth of such a line is still as low a3.0Therefore, we
conclude that no other CRSF is present in the data; we caltwever, that the
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Figure 6.9: Variation of the CRSF for the six phase bins definéFig. 6.5). Note that not
only the depth and the energy of the CRSF changes with phasdsouthe actual shape of

the line itself seems also to be variable. See text for a dson of these issues.

source is only weakly detected abov60 keV and therefore we cannot exclude

the presence of a feature in this energy range.
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Figure 6.10: Variation of the energy and the depth of the CRR@&# the pulse for the
APC model. Although the values are slightifférent for the REFL model, the variation
of the parameters is very similar. For clarity the pulse @t twice. a shows thePCA-
countrate. Note that error bars are shown, but they are tadl tmbe seen in printb shows
the variation of the energy of the CRSF over the pulse. Natettte energy variation over
the pulse is definitely non-sinusoidal and therefore nottdugmple angle dependence.
shows the variation of the depth of the CRSF over the pulse t&e for discussion.

6.4 Summary and discussion

6.4.1 CRSF Variability

The major result of this paper is the observation of a vametif the energy of the
cyclotron line by almost 8 keV (corresponding to about 258a)rf 3Q 1j8:§ keVin
the fall of the secondary pulse to 87}-3keVin fall of the main pulse. This large
variation is similar to that found in several other sourcegh as 4U 162667

(Heindl & Chakrabarty 1999) with a variation of 25%, 4U 0%H3 with a vari-
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X-1 varies only by~10% with pulse phase (Kreykenbohm et al. 2002a). Consis-
tent with earlier interpretations, the strong energy vammaof the cyclotron line
in GX 301-2 argues that during fierent phases of the X-ray pulse, regions with
different magnetic fields are observed. There are several plassienarios for
such a suggestion.

First consider a simple scenario that we observe an acoretiomn in a pure
dipole field. In such a case the observed 25% change of thetoyulline energy
would translate into a change in the height of the scattergggpn of ~5km (or
~50% of the neutron star radius). Such a change is ratheraipligiven that ac-
cretion columns are generally predicted to have heighisssfthan 1 km (Burnard
et al. 1991; Becker 1998; Brown & Bildsten 1998). Apart frdmese theoretical
considerations, a very tall accretion column would alsolynagrather uncommon
magnetic field configuration for GX 362: For a~5km high accretion column,
the emission pattern is very likely a pure fan beam. To dythick the lower
parts of the accretion column such that the X-ray spectrudominated by the
“top” of the column requires that the angle between the migfield axis and
the spin axisp, is at least 48, and larger if relativistic light bending is included.
Detailed models for the emission pattern of XRBs, whichudel relativistic light
propagation (Kraus et al. 1996; Blum & Kraus 2000), as welthees statistical
analysis of accreting neutron star pulse profiles (Bulik.e2@03), however, im-
ply B < 20°. We conclude, therefore, that the accretion column of GX-30ik
much lower than what would be expected if the variatiokgfvere due to a pure
dipole field geometry.

A second possibility for the cyclotron line variability, v has been dis-
cussed, e.g., for Cen X-3, would be the presence of a very potke cap. For a
dipole configuration, Burderi et al. (2000) show that an apgmngle of the or-
der of 55 is required to produce a 30% variation of the line energyhSularge
polar cap, however, is unlikely to produce the observed Xpidse shape — the
pulse profile is expected to be much broader in this caseh&umiore, as already
noted by Burderi et al. (2000), such large polar caps woulglyrthat the line
energy varies symmetrically about the pulse maximum, wlsgtot the case for
any of the pulsars with a strong variation of the line eneFiyally, we also note
that the strong magnetic field confines the accreting plasesalting in a much
smaller opening angle of the neutron star's hot spot (Litetiml. 2001; Becker
1998; Basko & Sunyaev 1976). As a result we conclude thatxtended polar
cap scenario is an unlikely explanation for the large vemedf the energy of the
CRSF.

A third and final scenario for the pulse variation is that thserved X-rays
come from an accretion mound, as suggested, e.g., by Buedaid (1991). In
this case the observed variation of the line energy is maioky to the higher
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multipole components of the magnetic field in the mound aecthay emissivity
profile is a combination of a fan and a pencil beam.

Parenthetically, we note that slight variations of the lemergy are also pre-
dicted for the case of homogeneous magnetic fields, as tlatida¢ depth, and
shape of the CRSF are predicted to change with viewing anglepulse phase
(Mészaros & Nagel 1985; Isenberg et al. 1998b; Araya & Haydii99; Araya-
GOchez & Harding 2000). The strongest of theffeats are the emission wings
of the fundamental CRSF caused by “photon spawning” (Araydagding 1999;
Araya-GoOchez & Harding 2000), where electrons excited afuigher Landau
level by resonant scattering of a photon, decay into thergta@tate by emitting
photons at an energy which is roughly that of the fundameZiRBF. As a result
the fundamental line is predicted to be shallower and havera eomplex shape
than the higher harmonics. When folded through HEEXTE response matrix,
these variable complex line profiles can result in slightneles of the measured
line energy. These changes, however, are much smallertieé@b€6 energy vari-
ation seen here, and can thus be excluded as the cause fdarséreed variation.
Nevertheless, the inspection of the residuals of the puissg@resolved fits indi-
cates a possible change of the shape of the CRSF over thg(pigisé.9). Similar
to, e.g., 4U 011563 (Heindl et al. 1999b; Santangelo et al. 1999), the presenc
of an unresolved complex structure of the fundamental cbaldostulated to ex-
plain the not fully satisfactory? values in some phase bins (e.)gfed~1.2 for
bin MPR (see Fig. 6.8), as comparedyﬁgd < 1.0 in the other phase bins). With
the increasing energy resolution of modern gamma-ray tiedt is foreseeable
that such profiles will be resolvable with newer instrumesutsh as, e.g., the SPI
instrument on INTEGRAL.

6.4.2 Implications of the Line variability

In recent years, several groups have searched for coomédtietween the param-
eters of the CRSF and the X-ray continuum in the hope of deduaiformation
about the line and continuum formation process (Makishitred.€1999; Coburn
2001, and references therein). A major disadvantage oftbearches, however,
has been that they typically used pubsesrageddata instead of pulse resolved
spectroscopy, complicating the interpretation of theeations found.

One of the most interesting new correlations found in thgd@ample of X-ray
pulsars observed witRXTE and analyzed in a uniform manner by Coburn (2001)
and Coburn et al. (2002) has been between the relative widtiedCRSFo/E,
and its depthy. As noted by Coburn et al. (2002), part of h¢Ecy—r-plane is
inaccessible t&RXTE due to observational constraints; however, our data all fal
into the range that is well observable. As shown in Fig. 6alt,phase resolved
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results for GX 3012 confirm the overall correlation: deeper CRSFs are geryerall
broader. We note that this agreement between the phaseyadesad the phase
resolved data suggests that the correlations found by @adtual. (2002) from
the phase averaged data are indeed real and not diettseof the averaging.

Having many data points for one object helps in understanthia o-/Ecyc-v
correlation in terms of a physical model. As we have outlimethe previous
section, it is likely that the X-rays observed from GX 3@lare produced in an
accretion mound of moderate height at the magnetic polekeoheutron star.
Consider first the case that only one pole is visible. OveiXtliay pulse we view
this pole under dferent viewing angles), whered is the angle between the line
of sight and the magnetic field in the accretion column. Ferttigh temperatures
of the accretion column, the line width is expected to be datad by thermal
broadening. As shown, e.g., by Mészaros & Nagel (1985),tieo&ropic velocity
field of the electrons in the accretion column leads to foaxzl line widths of

o kTe

Ec MeC?

cogd (6.7)

wherekT, is the temperature of the electrons along the magnetic fiedg.| Basic
Comptonization theory suggests tkat can be estimated from the folding energy
of the pulsar continuuntg (e.g., Burderi et al. 2000, and references therein). If
we furthermore assume that the seed photons for the Comppeatiering in
the accretion column are created throughout the volumeeoétiaretion column,
then detailed Monte Carlo simulations, e.g., of Isenbei.gt1998b) show that
the depthr of the CRSF is expected to be largest when the line of sightest
perpendicular to the direction of the magnetic field. For dasm temperature
accretion column, whereT, is constant, these models thus predict an anti corre-
lation betweerr ando/Ec, in contradiction to the observation.

We note, however, that even phase resolved data fireudtito interpret. In the
above discussion, we assumed that the observed data areatechby emission
from one homogeneous emission region. In reality, this tstive case and the
observed data are generally a mixture of contributions footh magnetic poles,
which could influence the observed correlation. While ititicult to disentangle
the contributions from the two poles (Kraus et al. 1996; Bir{raus 2000), it
seems likely that the physical conditions at both poles bgatyy different. We
would then expect the parameters of the X-ray continuumtechity each pole to
be diferent, which would be reflected by changes in the observetihcmm pa-
rameters. In GX 3042, however, the continuum parameters as exemplifidgroy
are remarkably stable, suggesting either that only one stagpole contributes
to the observed data, or that the poles have similar temperafor this reason,
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Figure 6.11: Fractional CRSF width/Ec versus the depth of the CRSF for several ac-
creting neutron stars frolRXTE data. Diamonds: values derived by Coburn et al. (2002)
from phase averaged spectra. Filled circles: values dfieen phase resolved spectra for
GX301-2 (this work).

it seems unlikely that a mixture of flux from the two poles eczithe observed
oc/tc correlation. Given the contradiction with simple theortyappears that
additional physical processes must occurring.

Finally, we note a second correlation found in our phaselvedalata, that is
also present in the phase average data (Coburn et al. 206@).edation between
the line widthoc and the energy of the linEc shown in Fig. 6.12. In terms
of the simple cyclotron line broadening theory of Eq. 6.3 ttorrelation is rather
unexpected since such a strong correlation (0.93 for GX-2Dis only possible if
cosy does not vary appreciably. A variation®fs required, however, since strong
X-ray pulses are observed. Since the variation ofdedastest fow ~ 90°, the
good degree of correlation implies thgis close to 0. As an example, fée= 60°,
the correlation constrains the viewing angle to varyé§ around its mean value,
even tight in the case of a pure fan beam.

6.4.3 Summary
To summarize, our analysis of tHeXTE data of GX 30%2 shows

1. The continuum of GX 3042 is well described by an absorbed and partially
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Figure 6.12: CRSF widtlrc versus CRSF Energlic for the same sample of accreting
neutron stars as in Fig. 6.11. Note the very strong cormeldbetweenEc and o¢ for
GX301-2 (correlation cofficient 0.93; filled circles).

covered pulsar continuum model. An alternative explamdioo the X-ray
spectrum is a reflected and absorbed pulsar continuum. i@waéa do not
allow us to distinguish between these alternatives.

2. GX 3012 shows a strong cyclotron line at an energy-86 keV. The line
energy, depth, and width are variable with the pulse phadelamot de-
pend on the chosen continuum model.

3. The variability of the CRSF energy as well as the pulse lerefiggest that
the X-rays from GX 30%2 originate in an accretion mound, and that the
change in energy is not due to a change in height in a dipotk fiel

4. The correlation between the relative width of the line @adiepth is sug-
gestive of changes in the angle between the line of sightlaadniagnetic
field at the neutron star pole, in agreement with the stanparadigm for
pulsating X-ray sources, but contradiction with the nuiedrsimulations
for the depth of the line.



CHAPTER 7

The Future

In the previous chapters | discussed the presence of a segoludron line in
the spectrum of Vela X-1 and the variability of the line in G&I3-2. Although
both systems are relatively similar (neutron stars acugdtiom the stellar wind
of an evolved early type star), the properties of observesslare quite dierent.

The 50keV line of Vela X-1 is strong and well detected in alapbs. While
its depth varies significantly over the pulse, the width amergy of this line also
vary, but not significantly. The 25keV line in Vela X-1 is vedifficult to detect
and seems even not always be present, as La Barbera et &) f2dQo detect
the line. Like the 50 keV line, this line also shows some \@lity over the pulse:
the depth is significantly larger during the main pulse, witiis almost constant
outside the main pulse; a behavior that is quitéedent from what is observed
for the 50keV line. Although the variability of the energy bfe line is more
pronounced than for the 50keV line, the energy is still cetesit with a constant
value in most phase bins; the same applies to the width ofrtke |

Inthe case of GX 3042, no secondary line could be observed, despite the good
quality of the data. The line of GX 36:R also behaves fierently compared to the
Vela X-1 lines. The energy of the line varies strongly overplilse — changing by
more than 25% from the fall of the secondary pulse to the pusamum (30 keV
vs. 38keV). Unlike Vela X-1, the line is deepest from the &lthe main pulse to
the rise of the secondary pulse (including the pulse minijnama remains quite
shallow during the other phase bins. The depth of the ling@ngly correlated
with the width of the line: when the line is deep, it is alsodml@nd vice versa.

The strong correlations between energy, width and depthayfckotron line
found by Coburn et al. (2002) are also true for data froffedent pulse phases
as shown in Figs 6.11 and 6.12. Apparently, the correlafiomsd for GX 3012
are also true when comparing values frorffetient sources derived using phase
averagedspectra.

While we observe some common behavior betwedieidint sources (they all
follow the discussed correlations), individual sources lbahave very dierently
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(e.g., much weaker variation of the cyclotron parametees the pulse for Vela
X-1).

As discussed in the previous two chapters, the reason ®b#tiavior and the
difference between these similar sources still remains unknown

Another also very interesting subject are the energy resbpulse profiles:
again, the pulse profiles of Vela X-1 and GX 3@Lare similar in the sense that
both show a double pulse. But the evolution of the energylvedulse profiles
from low to high energies is veryfierent. While Vela X-1 shows a very complex
structure below10 keV with five pulses (one of these is even in the inter pudse r
gion), GX 3012 shows a less complex double pulse at higher and lower esergi
Many propositions have been made to explain the compliqattse profile struc-
ture of Vela X-1 at lower energies, but none of these arefgatts in the sense
that they either cannot explain the energy dependent putdies andor fail to
describe the long term stability of the pulse profiles (e/grying absorption over
the pulse cannot explain the stability of the pulse profileralecades).

7.1 RXTE

Despite the comparably low energy resolutioRXTE, the instrument has proven
to be very €ective in detecting new cyclotron lines (see Table 3.1 ferrttany
new detections). Its timing capabilities together with begye dfective area of
the PCA (see Chapter 4) mak@XTE an ideal instrument to study the temporal
behavior of these sources, namely pulse phase resolveticgmapy and energy
resolved pulse profiles.

Even after eight years of operatioRXTE is still working very well and col-
lecting each day more data. TRXTE archive harbors tons of data of all X-ray
pulsars in the meantime. As this thesis shows, phase reks|yectroscopy is
required to analyze the data of accreting X-ray pulsars. s€masolved spec-
troscopy, however, is a time consuming process, and hasftlietbeen done only
for a few sources and only a small fraction of the publiclyikakde data has been
used (two detailed studies are presented in this thesis).

In the future, as mMucRXTE data as possible should be analyzed using phase
resolved spectroscopy, continuing the work of this theSise of the most inter-
esting sources is Hercules X-1 — the first cyclotron sourte. [ihe in this source
is known to vary similarly to GX 3042 (Soong et al. 1990), however, the previ-
ous phase resolved analysis of Soong et al. (1990) usetkaatit spectral model
(with a fixed width for the CRSF); furthermore the high qualRXTE data of
Her X-1 have not been analyzed yet using thorough phasevezbspectroscopy,
but this analysis is under way. But for most sources, phas#wed spectroscopy
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has never been done (especially not with high signal to red$eXTE can pro-
vide), therefore it is most urgent to analyze these data ds we

If phase resolved analyses exist for a substantial amoun¢afyclotron sources,
the phase averaged data points in Fig. 6.11 and Fig. 6.12eaeptaced by the
phase resolved ones. This will put much more leverage onititerpretation, as
phase averaged results do not contain the full informatiaiiable.

The conclusions drawn in Section 6.4 can then be put on a meetdbr basis.
This again can then be used as input for the theoretical sbou of the formation
process of cyclotron lines.

Parallel to using the conventional models used in this ghesfit the data, the
Monte Carlo code by Araya-Gochez & Harding (2000) preseimt&gction 3.4.2,
should be checked and enhanced. This modified code can theseteo calcu-
late a fine grid for all possible parameter combinations.sTrid can be con-
verted into a table model foXSPECand fit to the data. The new model will not
necessarily describe the data “better” (in termgég) than a simple absorption
line model, but at any rate it is very well possible that sorh¢he deviations
seen in GX 3012 when fitting the cyclotron line with a simple Gaussian, can b
described by the simulated spectra. The resulting parasmefesuch a model,
however, provide a direct description of the conditionsi& tyclotron formation
region (e.g., electron temperature).

Once this model produces reliable results, the resultingrpaters of the dier-
ent objects can be compared directly instead of comparinglsifitting parame-
ters like the width of the line. This will then hopefully alatlow to get a much
more detailed insight into the conditions and processekdamatcretion column
and will also help to explain, why similar objects behave gtedently.

7.2 INTEGRAL

On 2002 October 17, ESAs International Gamma-Ray Astraplysaboratory
(INTEGRAL) was launched (for a description of the instrument, see Wirét al.
2003).INTEGRAL has four science instruments: the spectrometer SPI (Vadren
et al. 2003), the imager IBIS (Ubertini et al. 2003), the X¥-raonitor JEM-X
(Lund et al. 2003), and the optical monitor OMC (Mas-Hessa&.€2003). These
instruments provide coverage fron2 keV up to 10 MeV, an increase compared
to RXTE by a factor of 100. The spectral energy resolution of SP| &18 is
also much better than that 88X TE: 8 keV at 100 keV for IBIS and 3 keV for SPI
at 1.7 MeV.

Due to the high spectral resolution of SPI1 and IBIS, it willdmssible to resolve
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Figure 7.1: A phase averaged spectrum of Vela X-1 as obséw&TEGRAL . a shows
the count rate spectrum and the model. The three instrunirentse are JEM-X (low
energies), IBIS and SPI (filled circles) for higher energi@he spectrum uses all data
when Vela X-1 was in the field of view of the instruments durthe Vela region core
program in summer 2003 and the source was not in eclipsbows the residuals without
the inclusion of a CRSF. Note that the cyclotron line-80 keV is clearly detected. with

the inclusion of a CRSF at 51*8)5 keV. Note also that IBIS and SPI do not agree on the
actual shape of the line which might be due to calibratiorblanms in IBIS.

the cyclotron lines and their wings. This will then allow wsreally fit the lines
using the Monte Carlo models (see Section 3.4.2) to acdyrdegermine the
physical parameters of the line formation region.

Together with a very high sensitivity and a highly eccendrioit with a period
of ~72h,INTEGRAL is the almost ideal instrument to observe accreting X-ray
pulsars. Due to the exponentially falling continua of atiogeX-ray pulsars and
lower dfective area (compared to tl&CA), however, long exposure times are
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required to obtain high signal to noise spectra also at highergies.

During the core programiNTEGRAL scans repeatedly the galactic plane (Galac-
tic Plane Scan, GPS). Since many stellar X-ray sources asatdd close to the
Galactic plane, the GPS allows to monitor many X-ray soulikesGX 301-2
and Cen X-3 over a long time, although the monitoring can btedquarse for
some sources (e.g., in the 2003, Cen X-3 has been observethoeé or four
times). This monitoring already lead to the discovery of & méass of objects
(Walter et al. 2003): heavily absorbed sources which arisilole at lower ener-
gies (therefore they could not be detected by other moniganstruments like
the ASM).

At the writing of this thesis, only first and very prelimina®gsults are available,
however, the analysis is ongoing. A first spectrum of Vela isihg data from the
Vela region core program is shown in Fig. 7.1. The spectruowshs analyzed
just on a quick-look basis and is meant as a starting poird fietailed and ongo-
ing analysis. The spectrum shown is a phase averaged speetsithe software
for phase resolved spctroscopy is currently under devetmpieind therefore not
yet available.

As the preliminary spectrum in Fig. 7.1 already clearly sSRodWTEGRAL is
really a big step forward for the analysis of accreting X-paysars. With more
data (not only for Vela X-1) to come, it will be possible in theéure to model
the spectra with much more detail which will then hopefullpw to put real
constraints on the physical parameters of the line formatgion and the whole
accretion column itself.
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APPENDIX A

Fit results for Vela X-1

This appendix contains tables for all fit results from the888d 2000 obser-
vation of Vela X-1. All uncertainties are on a 90% confidereeel. The model
in use is the Negative Positive EXponential (NPEX) modetiiWh always fixed
to -2 Mihara 1995), modified by photoelectric absorption, antadgiron line at
~6.4keV, and none, one, or two cyclotron resonant scattdeiayres at25 keV
and~50keV. For a description of the individual parameters, skapter 5, Sec-
tion 5.3.1. The data presented here is also available intreféc form from the
CDS (Kreykenbohm et al. 2002b).
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A.1 The 1998 data

For the 1998 data, six phase bins were used: rise and faleahtkin pulse, rise
and fall of the secondary pulse, and the two pulse minimaRgpe.13).

Rise of the main pulse
Paramter vio CRSF 1CRSF 2CRSFs

Fe [keV] 1.903 1.402 2402
ore [keV] 6_32:&85 6.28_*8:87 6_3@6?85
r, 05438 os1e%: oesd
Er 2 2 2
Ecu 504331 607 654l
Ec1 [ke\/] — — 25.9t ’
oc[kev] — — 7.6j3‘12
Tc1 — — 0.33@152
Ec.2 [keV] — 50.519 52.8j8?3j
oc2 [keV] — 2.3jif§ 9.o_+§f§
7c2 — 1.1°04  1.10S
X° 136 84 41
DOF 64 61 58

Fall of the main pulse

Paramter vio CRSF 1CRSF 2CRSFs
Fe [keV] 1.90° 1.803 2,904

oFe [keV] 6.2558?88 6.22}3531 6.31°005
Tt b
I 0.3605g; 0.29777 0.58777
Er 2 2 2
Ecut 6.14'003  6.28054 6.02j§:§57_,
Ec.1[keV] — — 23.3j9;8
oca[kev] — — 4.9j8:8
Tc1 — — o.15fg;8;
Ec2[keV] — 53.8_@ 54.5%:?
oc2 [keV] — 3.7J_fi|j:g 5.3 25
7C,2 — 0.8773 0.5773
X° 258 174 61

DOF 64 61 58
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Pulse minimum 1

Paramter o CRSF 1CRSF 2CRSFs
Fe [keV] 2.4j§:§ 2.5t§;§ 2.4ﬁ§;§
oke [keV] 6.328;82 6.26j8;8§ 6.3{8;82
I O.30f8:88 0.33f8:88 0.35:’8:gg
II;Z 0.72 507 0.6L555 0.8L'g58
F
Ecut 6.367003  6.3802 6.37°0°8
Ec1[keV] — — 21.1jgfz
oca[keV] — — 4.1J_f8:a
TC,1 — — 0.13 982
Ec2 [keV] — 53.0%2 52.8_*% 3
gc,2 [keV] 4-9i8g 47t6§
7C,2 1373 1.3
% 424 144 62
DOF 64 61 58
Rise of the secondary pulse
Paramter Wio CRSF 1CRSF 2CRSFs
Fe [keV] 3.2_*§:§ 3.2’_r§:§ 2.9fg%1
oke [keV] 6.3{8;82 6.34j8;8§ 6.31f8;8§
I 0.2@8%% 0.3@8:88 0.2@8:89
I2 0.65505 0.60505 0.6647,
Er 2 2 2
Ecut 6.3450; 609037 593013
Ec1 [ke\/] — — 202’:1g
oca [keV] - - Zztgg
TC1 — — 0.07i9:g‘31
Ec2 [keV] — 43.8_*;% 43'1%33
oc2 [keV] — 33t87 25%5?
TC2 — 0.4'52  0.4377
P 96 73 59
DOF 64 61 58
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Fall of the secondary pulse

Paramter vio CRSF 1CRSF 2CRSFs
Fe [keV] 3.{2:% 29’:25 33_*22
ore[keV] 6.30°007  .28056 g 30:005
I 0.34+gig§ o.35+gig§ o.35+gig§
II;Z 0-3220107 0-2%0108 0'3450112
F
Ecut 5.83997  6.03%1 5.89_*%1%;
Ec 1 [keV] — — 20.3%:¢
oc,1 [keV] — — 3.91%?g
TC,1 —_— —_— 00@982
Ec.2 [keV] — 49.5%‘3‘ 49.315139
oc,2 [keV] — 3.9%:9 39%g
7C,2 — 0.6'54 0.573
X° 82 57 53
DOF 64 61 58
Pulse minimum 2
Paramter Wo CRSF 1CRSF 2CRSFs
Fe [keV] 4.2 g:g 4.41’2% 4.41’2%1
ore [keV] 6.32:’8:8% 6.30f8:8§ 6.33f8:8§
Iy 0.351’8:89 0.3{8:89 0.3@8:92
I2 069005 0.6Lges 0.7557;
Er 2 2 2
Ecut 5.6899%  5.83%0 5.81ﬁ§;§g
Ec1 [ke\/] — — 24.4t£%
oca[keV] — — 6.2%:8
TC1 — — O-Ogigﬁgg
Ec.2 [keV] — 50.4_*%5 51'2%5
ocC,2 [keV] 33%:Z 50t6§
TC2 1.0t0'3 O.8to'2
X’ 136 64 45
DOF 64 61 58

A.2 The 2000 data

For the 2000 data, nine phase bins were used: rise, centefakuof the main
pulse, rise part 1, rise part 2, center, and fall of the seapnpulse, and the two
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pulse minima (see Fig 5.7).

Rise of the main pulse

Paramter o CRSF 1CRSF 2CRSFs
Fe [keV] 4.2_*3% 4.4:’3% 4.1:%%
oFe [keV] 6.36’:8:82 6.32_*8:83 635):8:8%
I 0.35t8:8g 0.3{8:88 0.36t8:88
II;Z 0'80f20210 0-672foﬁos 0-81;0111
F
Ecut 5.9499  6.15°533 6.12j§;§g
Ec,1 [keV] — — 23.2%
oc,1[keV] — — 45f88
TC,1 — — 01@885
Ec.2[keV] — 53.0ji;§ 54.8f%;§
gc,2 [keV] — 55iEjg Sﬁtgg
TC2 — 0.7:1 0.75
% 208 84 41
DOF 64 61 58
Center of the main pulse
Paramter o CRSF 1CRSF 2 CRSFs
Fe [keV] 4.2_f§;§ 4.2%%3 4.2j§:§
ore [KeV] 6.33t8:8§ 6.31:'8:8% 6.33f8:8§
I O.33f8:8g 0.33_*8:8g 0.35:8:88
T2 104055 098307 1.0750
Er 2 2
Ecur 59500 61438 6043
Ec1 [ke\/] — — 20].%:ﬁ
oca[keV] - - 28t88
TC1 — — 0.06_*g:83
Ec.2[keV] — 50.5t§;§ 50.6%:7
oc2 [keV] 4.9%;2 5.4%;2{
TC,2 0.6°5 0.57%
% 121 75 50
DOF 64 61 58
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Fall of the main pulse

Paramter vio CRSF 1CRSF 2CRSFs
Fe [keV] 39:§§ 37J_r§§ 33_*221
oFe [keV] 6.4@81%2 6.4@8:8§ 6.348:8481
I OOi88 0.26_*8188 O.28i8:$Eg
II;Z 0'52—;0102 0'4723107 0'51;50107
F
Ecut 5800 596017 60203
Ec 1 [keV] — — 23.0_*%%
oc.1[keV] — — 48J_r658
TC1 — — 0.09ig:92
Ec[keV] — 45.6’:§:§ 44'5%8
ocC,2 [keV] — 43f8? 68f69
TC,2 — 0.2°75 0.3%>
X° 96 92 70
DOF 64 61 58
Pulse minimum 1
Paramter Vo CRSF 1CRSF 2CRSFs
Fe [keV] 26.8_“%:5 27.11%5’j 25.11%5
oFe [keV] 636):88; 636:88; 6I34ﬁ88i
I 0.33f8:8% 0.34f8:8g 0.37_’8:8%
I? 2.35507 235547 24301,
Er 2 2 2
Ecut 541301 5.47%0% 5.991%;53
Ec1 [ke\/] — — 25298
oc,1 [keV] — — 53t88
TC,1 —_— —_— O].Srgg?1
Ec2 [keV] — 49.9_*’2}21 53.5% 4
ocC,2 [keV] 37fig :|.23i6§
TC2 O.4fo'2 0.9J_ro'1
% 141 99 46
DOF 61 58 55
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Rise of the secondary pulse, part 1

Paramter Vo CRSF 1 CRSF 2CRSFs
Fe [keV] 23.{% 22.3ﬁ§;§ 22.0ﬁ§;§
ore [keV] 6.35f8:8§ 6.3{828§ 6.35J_r8:8i
I O.32f8:8g 0.33_*8:% 0.33_*8:%
I2 2.3L505 23758 2:34405g
Er 2 2 2
Ecut 5.93991  6.045%2 6.01ﬁ§;§1
Ec1[keV] — — 23.4_*8
oc,1[keV] — — 34J:88
TCa — — 0.06_*9185
Ec2[keV] — 527ti§ 527tEH
oc,2[keV] — 3'3tlﬁg 3.9_*351g
TC,2 — 0.9'5% 0.803
P 226 9 73
DOF 61 58 55
Rise of the secondary pulse, part 2
Paramter o CRSF 1 CRSF 2CRSFs
Fe [keV] 17.5;§;§ 15.8%;% 20.1%
ore [keV] 6.35f8:8i 6.3{8:8i 6.35J:8:8i
I 0.37_*8:8§ 0.37f8:8§ 0.36:8:8%
II;Z 2'68t20115 2-71;0113 2-4921):13
F
Eou 55038 5633% 5590%
EC,l [ke\/] — — 21@%%
oc1 [keV] - - 2&68
TC1 — — 0.05t8:g§
Ec, 2 [keV] — 49.9%% 49.6:%8
oc2 [keV] 3lt6§ 29t%g
7C2 0.6°5 0.6°;%
P 109 73 63
DOF 61 58 55
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Center of the secondary pulse

Paramter vio CRSF 1CRSF 2CRSFs
FekeV] 27.6%7 25.321  23.93%
ore [keV] 6.37f3182 6.37féi81 6.35ﬁ3132
I, 23500 24388 263088
Er 2 2 2
Ecu  5778%  5.903% 63308
Ec1 [ke\/] — — 28.8i ’
oca [keV] — — 6.75"?é
TC1 — — 0.15f8:g§
Ec2 [keV] — 51.729 54.2j918
oc2 [keVv] 5.2@ 9.75'519
Tc2 o.5t§?§ o.qé&
% 175 85 65
DOF 61 58 55
Fall of the secondary pulse
Paramter Vo CRSF 1CRSF 2CRSFs
Fe[kev] 29.6%3 25.822  25.332
ore [keV] 6.39f8:61 6.36:8:82 6.3{8:82
I 03{88% 03@88& 0_41t8:8%
g a0l 239l 2]
F
Ecu 581501 59535 6830%
Ec1 [keV] — — 26.6%
oc[kev] — — 4.5#
TCc1 — — 0.073"?8;
Ec2 [keV] — 51.0°k2 56.2igi§
oc2[keV] 5.8ﬁ3ﬁ4 15.2ﬁ5'5i5
Tc2 o.5f§i2 1.1f§i%
% 303 156 96
DOF 61 58 55
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Pulse minimum 2

Paramter W0 CRSF 1CRSF 2 CRSFs
Felkev] 19250~ 184732 ~ 16672
e [KeV] 6.35ﬁ8;8§ 6.34t8;8§ 6-34t8;8i
I 0.39j8;8g 0.40j8;8g o.41f8;85
I, 2.38t0:05 2-53_'—0:11 2'62—"0112
Er 2 2 2
Ecu 53883 55088 56100
EC,l [keV] — — 232tgz
oc1[keV] — - 0.3'53
TC,l - - 0'04t8004
EC,2 [ke\/] — 628ﬁi§g 60]:3
oc2 [kEV] — 107t8491 95f%§
TC,2 - O'Gto'l 0'8—F0'4
% 09 73 71
DOF 61 58 55
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